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ABSTRACT S

The structure and properties of neutron stars are determined
by the state of cold nuclear matter at high density. In order to investigate the behavior of matter inside neutron
stars, observables sensitive to their internal structure
have to be calculated and confronted to observations. The
thermal radiation of neutron stars seems to be a good candidate to be such observable. It can be shown that the neutrino luminosity of neutron stars, responsible for their cooling in the early stages of their evolution is strongly dependent on possible phase transitions to superfluid nucléons,
to pion condensation or to quark matter. The specific heat
of matter is also not the same in the various phases expected at high density and is particularly sensitive to the
nucléon superfluidity. At present, both the theoretical estimates and the observations of the thermal properties of
neutron stars are still quite preliminary. In particular,
large uncertainties due to possible reheating mechanisms
and magnetic field effects make the theoretical interpretation of the steady radiation of pulsars quite difficult.

I.INTRODUCTION
The recent discoveries of compact X-ray sources at the center of
new supernova remnants (1) seem to reinforce the assumption that the
gravitational collapse of massive stars provides an important mechanism
for the formation of neutron stars as initially inferr*") from the observation of pulsars in the Crab and Vela supernovae. Other mechanisms for
the formation of neutron stars are however presently discussed such as
the collapse of mass accreting carbon-oxygen white dwarfs in binary
systems (2), Our discussion will be limited to the evolution of neutron
stars formed in the collapse of supernovae. We shall take as typical
initial condition the neutron star remnant of the supernova explosion
calculated recently by Bro'.,»i, fiethe and Baytn (3) and predicted to have
a gravitational mass of ~ 1.4 M_ and a temperature of ~ 10 MeV.
The question addressed in this oaoer is the subseouent evolution

of this hot neutron star as a function of the state of matter in the
density range available in neutron stars.
An important simplification in the calculation of the evolution
of neutron stars results from the property that the equations determining the thermal history of the star decouple from the equations determining the structure of the star. This effect has been examined recently by Baym (4) who showed that the contraction of a degenerate neutron
star during its cooling has a negligible effect on its luminosity, of
order IT»-) » in which T is the internal temperature and T

f

the Fermi

temperature. This result indicates that except in the atmosphere and in
the very early stages of the cooling, when matter is not highly degenerate, it is quite accurate to use the solution of the structure equations calculated at zero temperature and to ccjipute the thermal evolution of neutron stars without taking into account the changes in their
structure due to thermal effects.
Consequently, this paper is organized as follows. In Section II,
we review the recent progress in nuclear equations of state and in the
understanding of the high density phases of matter. The thermal evolution of neutron stars and its dependence on the state of matter at high
density are discussed in Section III. In Section IV, we compare the
theoretical predictions to the observational information presently
available.

II., THE STRUCTURE OF NEUTRON STARS
The structure of a static, spherically symmetric, general relativistic neutron star at zero temperature is determined by the equations
of hydrostatic equilibrium :
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(Tolman-Oppenheimer-Volkoff equation)
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(Mass equation)

and the equation of state :
P - P(P)

,

in which G is the gravitational coupling constant, p(r) the matter-

(4)

energy density» P(r) the pressure, m(r) the gravitational mass interior
2A
to the radius r and 4>(r) the gravitational potential (g
-e ) .
The structure of stable neutron stars, solutions of eqs.(l)-(4),
depends on the equation of state (4) which gives the piessure by which
matter can counterbalance the gravitational pressure in the density
range available in neutron stars. This equation of state is quite uncer14
-3
tain at and beyond nuclear matter density (p « 2 . 8 * 1 0
g cm ) and,
therefore, neutron star parameters are not very precisely predicted.
For misses of the order of 1.4 M

ft

, the calculated radii vary from ~ 9

to ~ 16 km and central densities from somewhat less than twice nuclear
matter density till ~ 7p

(5,6).

Recent progress in the equation of state of nuclear and neutron
matter has come from the work of Lagaris and Pandharipinde (7-9) applied
to neutron stars by Friedman and Pandharipande (10). First, Lagaris and
Pandharipande (7) obtained a phenomenological two nucléon interaction
operator by fitting the nucleon-nucleon phase shifts up to 425 MeV in
S,P,D and F waves and the deuteron properties. Compared to previous two
nucléon interaction operators used in many-body calculations, this new
operator includes six additional terms quadratic in the total angular
momentum of the two nucléons L and in the spin-orbit operator L.S (S = *
2
total spin of the two nucléons) . The additional terms containing L and
- - 2
(L.S) operators are relatively weak but important to fit the D and F
wave phase shifts. The above two nucléon interaction operator is then
used in variational calculations of nuclear matter (8). The equilibrium
density is tound to be ~ twice the empirical value and the binding energy per nucléon is too large by about 10 percent. In the next step, they
assume that the difference between the calculated and empirical values
of the equilibrium energy and density of nuclear matter is entirely due
to three nucléon interactions. Consequently, they add phenomenological
three nucléon. 'Xmtèttact ion contributions adjusting their parameters to
reproduce the empirical equilibrium values of the energy, density and
compressibility

(8). The properties of asymmetric nuclear matter (9)

and of neutron matter (10) are then studied with this hamiltonian.
The structure of neutron stars is calculated

(10) from eqs.(l)-(4)

with the equation of state of pure neutron matter supplemented in the
inner crust by the equation of state of Negele

nd Vautherin (11) and

in the outer crust by the equations of state of Baym, Fethick and Suther
land (12) and of Feyr.nan, Metropolis and Teller (13). For a 1.4 M. neutron star, the central density is of the order of 4.5 times nuclear matter density and the radius is ~ 10.5 km. The predictions of Friedman and

randharipande (10) are quite close to the previous calculation (1A) of
Bethe and Johnson (Model 5) for neutron stars of masses smaller than
1.5 M .Friedman and Pandharipande (10) find however a maximum neutron
star mass of the order of ~ 1.95 M , substantially larger than Bethe
and Johnson (1A). The work of Friedman and Pandharipande suggests therefore that the most realistic calculations of the cooling of 1.A M_ neutron stars presently available are those done with the Bethe-Johnson
models. One should recall however that the above equation of state is
expected to be valid mostly around nuclear matter density and that the
high density behavior of matter remains quite uncertain.
At those high densities, various phase transitions of matter have
been envisaged (15). It seems at present that two of these possible
phases of matter could substantially modify the evolution of neutron
stars and therefore be detectable through their thermal radiation : the
presence of a pion condensate and/or the existence of a quark matter
core. Recent progress concerns mainly pion condensation.
The phenomenon of pion condensation is the appearance, at some
threshold density, of pions in the ground state of nuclear matter. Because of their bosonic character, the pions will occupy the lowest mode and form a condensate. It was first suggested by Migdal (16) and
Sawyer and Scalapino (17) that it would be energetically favorable for
pions to condense ir. a state of finite momentum due to the attractive
pion-nucleon p-wave interaction, the condensation in a state of zero
momentum being inhibited by the repulsive TT -neutron S-wave interaction
(15). The pion spectrum which defines the condensation conditions is
therefore largely determined by the pion coupling to the nucléon particle-hole and isobar-hole configurations as shown in Fig.l. An important role is played in the calculation of the graphs of Fig.l by the

Figure 2

renormal) cation of the TÏNN and TTAN vertices (in black in the figure)
due to the effects of the nuclear short range correlations between nucléons and isobars in repeated scatterings as indicated schematically
by a

wavy line in Fig.2. The strength of this short range repulsion is

parametrized by the Landau-Migdal Fermi liquid parameter g'(18). The
recent progress in the determination of the pion condensation threshold
conditions has come from constraints on g* derived from properties of
finite nuclei. If the present interpretation of the observed GamowTeller and magnetic multipole transitions is correct, values of g' between 0.6 and 0.7 are favored by experiment (19). These values are also
consistent with very accurate scattering experiments which show no indication of precritical behavior (19). What are the implications for pion
condensation ,? If g'=0.6, the threshold density for pion condensation
is expected to be ~ 3p

(p -nuclear matter density) ; if g'"0.7, pion

condensation should occur at ~ 5p

(19). We see that these threshold

densities for pion condensation are quite close to the central density
of 4.5p

predicted for a 1.4M

neutron star using the Friedman. Pàndha-

ripande equation of state (10).
For a review of quark matter calculations, we refer to Baym (15).
The important problem of the nature and of the critical density of the
transition from nucléon to quark matter remains very much unexplored
(see however ref.20) and most calculations simply assume the existence
of an interac-ting quark gas in which quark-gluon interactions are treated perturbatively (15,21).
Finally, the neutrons in the inner crust of neutron stars and the
neutrons and protons of the interior are expected to become superfluid
at sufficiently low temperature due to pairing interactions in the
3
channel for densities somewhat lower than p

and in the

S

P~ channel at

higher densities (22). The corresponding pairing gaps are shown in
Fig.3.

3
Recently, the P» superfluidity gap in the presence of a pion
condensate has been studied by Takatsuka, Tamagaki and Frukawa (23).
3
They found that the P, pairing is essentially unaffected by
neutral
pion condensation but substantially reduced in the presence of a
charged

pion condensate.
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III. THERMAL EVOLUTION OF NEUTRON STARS
As we mention in the introduction, neutron stars formed in the collapse of supernovae are expected to have initial temperatures of ~ 10

K

(3). Recently, in a paper entitled " The coldest neutron star" (24),
Feinberg speculated that the instability of baryons against decay into
leptons predicted by the present grand unified theories of strong, electromagnetic and weaks interactions (25) maintain the surface of old neutron stars at a minimum temperature of 100 K. The problem is to understand what happens in between those limits.
As Bahcall and Wolf (26) pointed out in 1965, the luminosity of
neutron stars consists of two terms : the neutrino luminosity (L ) domi8
nant at high temperatures (T > 2 x 10 K) and the photon luminosity (L )
~
8
dominant at lower temperatures (T < 10 K ) . The mean free path of the
thermal neutrinos is of the order of the star radius and therefore they
are radiated by the whole volume of the star ; the photons are radiated
only by the surface.
The thermal evolution of neutron stars is determined by the equation of energy balance,
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and the heat transfer equation.
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is the total luminosity, C
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the volume specific

V

heat, c the neutrino emissivity per unit volume, < the total opacity
and a the Stefan's constant.
A major simplification in the solution of the above equations comes
from the high thermal conductivity of the degenerate electrons inside
neutron stars. This implies that the star can be divided into two regions : the "isothermal" core where Te

«constant and the mantle in

which there exists a steep temperature gradient. The density at which
10
-3
the mantle begins is chosen to be 10
g cm
(27,28). However, it has
been pointed out recently by Ray (29) and confirmed by numerical calculations (30) that thermal conduction times could be quite large in
the inner crust (10

< p <2.4 x 10

g cm

) of neutron stars calculated

with stiff equations of state, i.e. for a crust thickness of ~ 5-6 km
(M-1.3 M_) . This effect is much less important and can be neglected
for cooling times > 100 years for softer equations of state which we
believe are much more realistic.
In order to solve eqs.(5)-(7), it is necessary to know the specific
heat, the neutrino emissivity, the photon luminosity and the opacity of
neutron stars.
The heat content of a 1.4 M_ neutron star comes mostly from its
interior. The volume specific heats of the non relativistic degenerate
neutrons and protons are given by (31)
1
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and for the relativistic degenerate electrons by (31)
C ( T ) - (3.72 x 1 0 )
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in which T is the internal temperature in units 10 K and m* and m* are
7
n
p
the neutron and proton effective masses. The neutron and proton specific
Q

heats (8)-(9) are stronely affected by the nucléon superfluidity at and

below the critical temperatures of ~ 5 * 10 K for the protons and ~ 1O"K
for the neutrons. The most important effect is the exponential suppression of the neutron specific heat below 10 K; for T <2x 10 K, only
the electron specific heat contributes significantly to the heat content
of the star. The presence of quark matter or of a pion condensate does
not seem to affect significantly the specific heat except for a possible lowering of the neutron superfluidity temperature in- the presence
of charged pion condensation (21,23).

1

8

The neutrino luminosity of neutron stars has two components : the
neutrinos produced in the interior of the star and the neutrinos produced in the crust (p<2.4*10
g cm ) .
In the absence of a quark core or a pion condensate, the dominant
contributions to the interior neutrino luminosity are the modified DRCA
process
n • n

-*• n • p • e~ • v

,

(11)

and neutrino pair bremsstrahlung arising from nucleon-nucleon scattering
n + n-»n

+ n + v*v

n*p-»-n+p

+ v + v

,

(12)

.

(13)

The neutrino emissivities for the processes (11)-(13) were recalculated by Maxwell and Friman 08bis) in the Heinberg-Salaa model. They found
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Below the superfluidity temperature for nrotons T , the emlssivities are
-A /kT '
-A /kT
suppressed by a factor e P
and below T by an extra factor e
The basic reason why the neutrinc producing reactions have the form (II)(13) is that the single B-decay reactions are forbidden by momentum conservation so that an extra nucléon is needed to share the momentum. In the
presence of a pion condensate or in a quark core, this is no longer the
case. If pions condense in neutron stars, the pion induced 8-decay reactio
n * n " - » n + e" + v
,
(17)
initially suggested by Bahcall and Wolf (26) for free pions and later
discussed by Maxwell et al (32) for pion condensates has a much larger
phase space than reactions (Il)-(13) and the corresponding emissivity (32)
p
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n
is consequently also much larger. A very similar enhancement is found
in the presence of quark natter when the quark-quark interactions are
taken into account to first order in the quark-gluon coupling constant
(21). The simple B-decay of the down quark into the up quark
d •* u + e~ + V

(19)

e
can proceed and the corresponding neutrino emissivity is found to be
(21)
£
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The dominant contributions to the crust neutrino luminosity are the
neutrino pair bremsstrahlung from electron-nucleus scattering
e" • A
Z

N

*• e" + A
Z

N

• V + V

(21)

and the plasmon process
r -»• v + v

.

(22)

The neutrino emissivities for these two processes have been recalculated
by Soyeur and Brown (33) in the Weinberg-Salam model. We have
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in which Hu> . is the plasma frequency derived from the electron chemical
potential y

by

%1 ' ^¥ *e

'

< >
25

Finally, the last contribution to the luminosity of neutron stars
is the surface photon luminosity
L

y

- 4iroR

2

T *
e

,

(26)

where R is the radius of the star and T
ture (for the relation between T and T

the effective surface temperasee refs.34 and 31).

e
For the opacity < in the mantle, recent calculations (27,28,30)
use the opacities from the LASL Astrophysical Opacity Library (35) and
from Flowers and Itoh (36).

r

temperatures vary from — 10

to — 3.2*10 K and for Vela expected to be

~ 20000 years old, they vary from ~ 7x10

to — 2.5x10 K.

Finally, we should mention four supernovae for which temperature
limits are available (40) : RCW86 (1796 years old), V28 (~ 3400 years
old), G350.0-18 and C22.7-0.2 (both ~ 10

years old). The upper limits

for neutron star temperatures deduced from the observability limits are
respectively T <1.5xl0 R for RCW86, T <1.5xl0 K for W28, T
6

for G350.0-18 and T

6

<1.5xl0 K
6

<1.8xl0 K for G22.7-0.12. The calculated values
6
6
6
6

e

for RCW86 range from ~ 0.9x10

to ~ 3x10 K and for U28 from ~ 0.8x10

to ~ 2.9x10 K. For G350.0-I8 and G22.7-0.12, the calculated surface
temperatures vary from •» 7x10

to ~ 2.7x10 K.

We can conclude from the present data, that pion or quark cooling
which would produce much colder neutron stars are at present not required by the observations which we recall do not identify the thermal
radiation of pulsars.
One should keep in mind however the large uncertainties involved
in the cooling calculations (31). The most serious problems are probably the treatment of the effects of the surface magnetic field and the
choice of the parameters determining the superfluid phase transition
for neutrons and protons such as their effective masses.
It is also not clear at all that the observed surface temperature
upper limits can be ii.terpreted simply in terms of the cooling processes
described above. Various reheating mechanisms both of the crust and of
the surface of neutron stars could produce surface temperatures in the
range of the observed upper limits. Greenstein (44) suggested that a
frictional heating between the superfluid and normal components of the
rotating neutron star could result in surface temperatures of the order
of 10 K for very lonp periods of time (~ 10

years) if the star is

sufficiently massive. A second possible heating of the surface of pulsars might come from an important flux of y-rays and relativistic particles on the magnetic polar-caps of the neutron star (see ref.40 and
the references therein for a discussion of this point).
It is only by a consistent description of these various phenomena
and a more extensive comparison of models with observational data that
we might hope to have informations on the equation of state of neutron
stars.
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