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Résumé
Cette thèse s’intéresse à la formation et l’évolution des galaxies dans un contexte cosmologique. En eﬀet, tandis que le modèle cosmologique standard permet d’expliquer
la structure de l’Univers à grande échelle, il ne permet pas encore de comprendre les
propriétés des galaxies dans l’Univers local et à plus grand redshift.
Les simulations cosmologiques ont permis de mettre en évidence deux modes majeurs de formation des galaxies : la croissance hierarchique par fusions successives et
la croissance par accrétion de gaz froid à partir de ﬁlaments cosmiques. Cependant,
ces simulations permettent rarement de prendre en compte les mécanismes ayant lieu
à plus petite échelle, c’est-à-dire la dynamique du gaz, les instabilités dans les disques,
la formation d’étoiles, ou encore les explosions de supernovae. L’évolution interne qui
résulte de ces mécanismes à petite échelle est pourtant un facteur clé pour comprendre
comment les galaxies se forment et évoluent.
Durant ma thèse, j’ai développé puis utilisé une nouvelle technique de simulation,
qui permet de coupler les simulations cosmologiques aux simulations à l’échelle des
galaxies : l’histoire d’une galaxie est enregistrée dans une simulation cosmologique
(c’est-à-dire à grande échelle mais avec peu de résolution), puis re-simulée à plus haute
résolution. Cette technique s’est montrée particulièrement eﬃcace, puisqu’elle permet
d’étudier l’évolution d’une galaxie en contexte cosmologique (avec toutes les fusions
qu’elle a subies ainsi que l’accrétion de gaz le long de ﬁlaments), tout en gardant un
temps de calcul raisonnable.
Une première partie de mon travail a concerné la formation d’étoiles dans les fusions de galaxies. Au moyen d’une étude statistique d’un grand nombre de simulations
explorant diverses recettes de formation stellaire, divers contenus en gaz et divers environnements à grande échelle, j’ai montré que les épisodes de formation stellaire accompagnant une fusion étaient en moyenne d’intensité relativement faibles. Ces résultats
sont en accord avec des observations récentes, et suggèrent que les fusions de galaxies
ont potentiellement une contribution faible à l’histoire de formation stellaire cosmique.
J’ai également étudié la formation des galaxies spirales : la plupart des simulations
cosmologiques ne réussissent pas à expliquer la formation de galaxies comme la Voie
Lactée, c’est à dire avec un grand disque et un petit bulbe central. J’ai montré que ce
problème pouvait être en partie résolu en prenant en compte dans les simulations un
mécanisme relativement peu étudié jusqu’à présent : la perte de masse des étoiles par le
biais de mécanismes tels les vents stellaires et les explosions de nébuleuses planétaires.
En l’espace de 10 milliards d’années, ces mécanismes permettent de recycler en gaz
frais environ 40% de la masse d’une population stellaire donnée. J’ai montré que le
recyclage du gaz par le biais de la perte de masse des étoiles peut permettre de réduire
le rapport bulbe/disque dans les galaxies spirales, avec néanmoins une eﬃcacité faible
dans le cas de galaxies avec une histoire calme.
Finalement, je me suis intéressée aux couleurs des galaxies, et plus particulièrement
au rougissement des galaxies elliptiques. En eﬀet, les galaxies spirales sont en général
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bleues (c’est-à-dire qu’elles forment activement des étoiles), tandis que les elliptiques
sont rouges (elles ne forment plus d’étoiles). La couleur rouge des galaxies elliptiques
ne peut pas seulement s’expliquer par la consommation de gaz dans la ﬂambée de
formation d’étoiles lors de la fusion de galaxies leur ayant donné naissance: il reste
souvent des quantités importantes de gaz dans les galaxies elliptiques après les fusions.
Les mécanismes proposés jusqu’à présent pour expliquer le rougissement de ces galaxies impliquaient tous la suppression ou le chauﬀage de ce gaz résiduel, ainsi que la
suppression de l’approvisonnement en gaz froid. J’ai proposé et démontré dans une
simulation en contexte cosmologique que le disque de gaz contenu dans une galaxie
elliptique pouvait être en fait stabilisé contre la formation stellaire par le simple fait que
la composante stellaire de la galaxie se trouvait dans un sphéroide, et non pas dans un
disque. L’originalité de mécanisme, baptisé “morphological quenching” est qu’il peut
expliquer la couleur rouge de certaines galaxies elliptiques qui contiennent des réservoirs de gaz froid. Des simulations idéalisées mais à très haute résolution ont permis
de conﬁrmer les résultats obtenus en contexte cosmologique.
Plus généralement, l’échantillon de simulations réalisées permet de mettre en évidence la grande complexité de l’évolution morphologique et photométrique des galaxies:
des galaxies elliptiques à z=2 peuvent devenir spirales à z=0, et inversement. Des études
plus poussées sont nécessaires pour contraindre les mécanismes principaux d’évolution
des galaxies.

Abstract
This thesis is devoted to galaxy formation and evolution in a cosmological context.
Cosmological simulations have unveiled two main modes of galaxy growth: hierarchical
growth by mergers and accretion of cold gas from cosmic ﬁlaments. However, these
simulations struggle to take into account small scale mechanisms, that govern internal
evolution and that are a key ingredient to understand galaxy formation and evolution.
I have thus developed a new simulation technique, which consists in extracting the
merger and accretion history of a galaxy in a cosmological simulation and performing
a re-simulation of this history at high resolution. The low computational cost of this
technique makes it possible to perform statistical studies and to explore the parameter
space of galaxy formation.
A ﬁrst part of this thesis describes a statistical study of the star formation rate during
galaxy mergers, and shows that the SFR enhancement due to mergers is on average
relatively low. This result seems robust versus changes in star formation recipe, galaxy
parameters, and numerical technique. It is also consistent with recent observations, and
suggest a low contribution of mergers to the cosmic star formation history.
I also studied the formation of spiral galaxies: most cosmological simulations cannot
explain the formation of Milky Way-like galaxies, i.e. with a large disk and a small bulge.
I showed that this issue could be partly solved by taking into account in the simulations
the mass loss from evolved stars through stellar winds, planetary nebulae and supernovae
explosions. Stellar mass loss is however ineﬃcient at transferring mass from the bulge
to the disk in cases of galaxies with a quiet growth history and a small bulge.
The last part of this thesis is devoted to the color bimodality between spirals and
ellipticals, and in particular to the reddening of elliptical galaxies. I showed that the
gas disk in an elliptical galaxy could be stabilized against star formation because of the
galaxy’s stellar component being within a spheroid instead of a disk. Morphological
quenching has been found to occur naturally in a cosmological re-simulation, and has
been tested with a series of high resolution idealized simulations. This mechanism can
explain the red colors of some local elliptical galaxies that contain a gas disk, and is
expected to have a larger contribution to the build-up of the Red Sequence at higher
redshift.
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Introduction
The formation and evolution of the large scale structure of the Universe is well described within the ΛCDM paradigm. Even though the nature of dark matter and dark
energy remains mysterious, their eﬀects of the large scale matter distribution are well
understood. The picture becomes much more complicated as far as galaxy formation
is concerned. It is a real challenge to understand how galaxies form and evolve into the
variety of morphological types that we observe in the Local Universe as well as at higher
redshift. At the scale of galaxies, many non-linear processes are indeed important, some
of which being still poorly understood. A successful model should account at least for
gas dynamics and cooling, star formation, stellar evolution (in particular the eﬀects of
supernovae explosions), supermassive black holes, and maybe also magnetic ﬁelds and
chemical evolution.
Such a model should also be able to reproduce the large amount observations now
available even for galaxies at high redshift. It should explain the origin of the variety
of morphologies, star formation histories and colors that we observe, as well as the
number counts of the diﬀerent types of galaxies, and the evolution of these numbers
with redshift. Because of the complexity of the processes governing galaxy evolution,
simulations have become an essential tool. Even though progress has been made in
terms of resolution and modeling, simulations still struggle to explain many observations.
This thesis aims at using simulations to study galaxy formation and evolution, with
a particular emphasis on the interplay between large scale processes (galaxy mergers,
gas accretion from cosmic ﬁlaments) and internal mechanisms within galaxies (gas
dynamics, disk stability, and star formation).
Chapters 1 and 2 will present the general picture of galaxies in their cosmological
context: their main properties, the main mechanisms governing their evolution, and the
diﬀerents observations that the models cannot account for yet. Chapter 3 will describe
the numerical methods we used, and will in particular present a technique we developed
for high resolution simulations into a cosmological context. In chapter 4, we will present
the results of a statistical study of merger-induced star formation. Chapter 5 will be
devoted to the formation and survival of spiral galaxies, and to a study of the eﬀect
of supernovae feedback and stellar mass loss on bulge and disk growth. Chapter 6
will study the color bimodality between spirals and ellipticals and will present a new
mechanism for star formation quenching in elliptical galaxies. We will ﬁnally conclude
and present perspectives for future work.

Chapter 1

Content and structure of galaxies

Galaxies exist in a large variety of morphological types. In the Local Universe, the Hubble
sequence (Figure 1.1) classiﬁes galaxies into early-types (ellipticals and lenticulars) and
late-types (spirals than can be barred or not). This chapter is devoted to a review of the
content of these galaxies in terms of dark matter, stars and gas. The processes governing
star formation will be described, as well as the interplay between stellar evolution and
the interstellar medium. The diﬀerences of gas content and star formation rate between
spirals and ellipticals will be discussed. Finally, a comparison between these galaxies
and their high redshift counterparts will be performed, with a particular emphasis on
the clumpy morphology that a large number of galaxies exhibit at z & 1.

Figure 1.1: The Hubble sequence (image credit: Ville Koistinen)

1.1
1.1.1

Dark matter
Observational evidence

Dark matter is the dominant matter component of the Universe, it is named after the
fact that is not directly observable otherwise than through its gravitational eﬀects. The
existence of dark matter was ﬁrst postulated by Zwicky (1933) from a study of the
velocity dispersion of galaxies in the Coma cluster showing that its mass is 400 times
higher than its visible mass. Other clues came from the internal dynamics of galaxies,
and more precisely from studies of their rotation curves showing a ﬂattening at large
radii (e.g. Rubin et al. 1978, see also Figure 1.2). Flat rotation curves indicate that
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galaxies contain more mass than what can be inferred from the distribution of stars
and gas, thus providing a strong argument in favor of dark matter. On larger scales,
gravitational lensing, which is sensitive to the total mass and not only to the visible
mass, has also proven to be a useful probe of dark matter. For instance, Clowe et al.
(2006) showed that in the Bullet Cluster the center of mass is spatially oﬀset from the
center of the visible mass.

Figure 1.2: Rotation curves and inferred mass distribution for a sample of local spiral galaxies
(Rubin et al. 1978). The ﬂatness of the rotation curves corresponds to an increase of the
integrated mass as a function of radius that is inconsistent with the observed distribution of gas
and stars, and indicates the presence of missing mass around galaxies.

1.1.2

Baryonic and non-baryonic dark matter

Even though many observations indicate the existence of dark matter, its nature is
still unknown. Part of it is probably ordinary (baryonic) matter. Indeed, the overall
abundance of baryons in the Universe can be predicted by the Big-Bang nucleosynthesis
and while at z & 2 most of these baryons are accounted for (most of them being in the
form of photo-ionized diﬀuse gas), at low redshift ∼ 50% of baryons are “missing”: stars
only contribute to ∼10% of the total baryonic mass while hot gas in galaxy clusters and
intergalactic hydrogen account for ∼30–40% (e.g., Fukugita et al. 1998). Simulations
predict that most of the missing baryons could be in the form of very diﬀuse and hot
intergalactic gas (Cen & Ostriker 1999; Dave et al. 2001). Observations in far UV and
soft X-rays have recently unveiled the existence of such a gas component, the WarmHot Intergalactic Medium, in the form of ﬁlaments or coronae around galaxies with
densities of 10−6 –10−5 cm−3 and temperatures of 105 –107 K (Nicastro et al. 2003,
2005, 2008; Danforth & Shull 2005). Part of the missing baryons could also correspond
to cold molecular gas in the disk of galaxies (Bournaud et al. 2007).
However, dark matter must in majority be non-baryonic. Indeed, the abundances
of light elements like 7 Li and 7 Be are very sensitive to the overall baryon density in the
universe and clearly indicate that the baryon fraction is much less than the total fraction
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of matter. Other cosmological probes like the cosmic microwave background support
this conclusion: Komatsu et al. (2010) ﬁnd that baryons only represent 17% of the total
matter content of the Universe. Observations (see next chapter) favor a model in which
dark matter is described as cold (Cold Dark Matter – CDM, e.g. Blumenthal et al. 1984),
which means that the dark matter particles have non-relativistic velocities. They are
also considered to be dissipationless (otherwise they would radiate photons and would
be detected) and collisionless (i.e., the dark matter particles interact with each other and
other particles only through gravity). If the particles are supersymmetric, by-products of
their annihilation could be observable in the form of gamma rays, antiprotons, positrons
or neutrinos, that many experiments are trying to detect but with no success so far.

1.1.3

The proﬁles of dark matter halos

Another unknown property is the exact distribution of dark matter around galaxies,
which is usually characterized by its spherically averaged density proﬁle. In the outer
regions of the galaxies, this proﬁle should be proportional to r −2 to explain the ﬂat
rotation curves. The slope in the inner regions is much more debated, with a conﬂict
between cosmological simulations and observations.
In cosmological ΛCDM simulations dark matter halos have proﬁles with a steep
inner slope, like the one proposed by Navarro et al. (1997): ρ ∝ r −1 (1 + r /r0 )−2 . This
simple proﬁle has been found to be a good ﬁt over a large range of masses, and even
in high resolution simulations (Diemand et al. 2007), although the three parameter
Einasto proﬁle seems to be an even better match (Navarro et al. 2010). Irrespective of
the exact shape of the proﬁle, all simulations predict it to be cuspy in its center.
On the contrary, observations seem to favor a proﬁle with a constant central density,
i.e. a core instead of a cusp. One of the proﬁles that has been found to reproduce the
observed rotation curves (from dwarf galaxies to spirals) is the Burkert proﬁle (Burkert
1995; Salucci & Burkert 2000; Gentile et al. 2007):
ρ=

ρ0 r03
.
(r + r0 )(r 2 + r02 )

It is however very diﬃcult to determine the density proﬁles of observed dark matter
halos. First, uncertainties exist on the measure of the rotation curves, and then even
greater uncertainties are associated with the reconstruction of the mass distribution.
Constructing mass models reproducing a given rotation curve is often tricky: it requires
to take into account possible variations of the stellar mass-to-light ratio, the eﬀects of
dust extinction, and to accurately measure the molecular and atomic gas content in the
central regions. The galaxies in which it is easiest to perform this reconstruction have a
mass distribution dominated by dark matter in their central regions, i.e. dwarf galaxies
and low surface brightness galaxies. For these galaxies, proﬁles have been consistently
found to deviate from the predictions of cosmological simulations (de Blok & Bosma
2002; de Blok et al. 2008), and this seems to be also the case for galaxies of other
Hubble types, in particular for spirals (Gentile et al. 2004; Spano et al. 2008; Donato
et al. 2009).
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It has been proposed that the slope of the dark matter density proﬁle could be
systematically underestimated if the halos have a triaxial shape (Hayashi & Navarro
2006) or if the orbits of the stars deviate from circular motions, although it seems that
non-circular motions are not important enough to resolve the discrepancy (Oh et al.
2008; van Eymeren et al. 2009).
This does not mean however that the standard cosmological model is challenged,
because the eﬀect of baryons on their host dark matter halos is not trivial and many
possible mechanisms have been proposed to “erase” cusps and transform them into
cores: feedback processes linked with star formation (Mashchenko et al. 2006; Governato et al. 2010), interaction between the stellar bar and the cusp (Weinberg & Katz
2002) or dynamical friction from dark matter and baryon subhalos (Tonini et al. 2006;
Romano-Díaz et al. 2008).

1.2

Stellar mass distribution

The Hubble classiﬁcation (Figure 1.1) separates galaxies into diﬀerent types. Spiral
galaxies have a disk stabilized by rotation and a spheroidal bulge of growing importance
from Sc to Sa. Elliptical galaxies are spheroidal dispersion-dominated systems that are
classiﬁed from E0 to E7 depending on their apparent ﬂattening. An intermediate class
corresponds to lenticular (S0) galaxies, with a disk but high velocity dispersions and a
massive bulge. Finally, irregular and dwarf galaxies are low mass galaxies, which will
not be studied in this thesis.

1.2.1

Elliptical galaxies

Elliptical galaxies have a surface brightness proﬁle that can usually be approximated by
a Sérsic proﬁle:
I(r ) = I(0) exp[−bn (R/Re )1/n ],
where Re is the eﬀective radius, i.e. the radius enclosing half of the total light of a
galaxy. The Sérsic index, n describes the shape of the proﬁle, with steeper proﬁles for
higher values of n. A typical value for elliptical galaxies is n = 4, in which case the
Sérsic proﬁle corresponds to the de Vaucouleurs proﬁle (de Vaucouleurs 1948).
Elliptical galaxies can be divided into two families according to their global shape
(Bender et al. 1988; Bender 1988; Kormendy & Bender 1996): massive ellipticals usually
have boxy isophotes and due their shape to the anisotropy of their velocity dispersion
while lower mass elliptical have a disky shape and are ﬂattened by their rotation. This
diﬀerence probably results from diﬀerent formation mechanisms (Naab et al. 1999; Naab
& Burkert 2003).
Emsellem et al. (2007) proposed an improved classiﬁcation based on observations
of two-dimensional stellar kinematics of local early-type galaxies (ellipticals and lenticulars). They measured the stellar angular momentum per unit mass in the central regions
of these galaxies and found that they can be divided into “slow rotators” (25% of the
sample) and “fast rotators” (75% of the sample). Fast rotators are relatively low mass
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and disky galaxies, they have aligned photometric and kinematic components and include a mix of elliptical and lenticular galaxies. By contrast, slow rotators are round
elliptical galaxies with a high Sérsic index (n & 4), they are in average more massive
and most of them have kinematic misalignments and kinematically decoupled cores.
Fast rotators are also usually younger and richer in gas than slow rotators.

1.2.2

Spiral galaxies

The main stellar component of spiral galaxies is their extended disk that typically follows
an exponential surface brightness proﬁle:
I(r ) = I(0) exp(−r /r0 ) .
In most spiral galaxies, two diﬀerent disk components can be identiﬁed: a thin disk
(with a scale-height of a few hundred parsecs) of young stars with a relatively low
velocity dispersion, and a thick disk (with a scale-height of ∼1 kpc) that contains older
stars.
At the center of these galaxies lies a spheroidal bulge with many characteristics
resembling those of elliptical galaxies (in terms of density and kinematics). Bulges are
usually made of old stars, with similar ages and metallicity as thick disk stars. Spiral
galaxies are classiﬁed according to the importance of their bulge: Sa galaxies have
massive bulges and tightly wound spiral arms while Sc galaxies have small bulges and
loosely wound arms. In an important fraction (∼ 16%, Kautsch et al. 2006) of spiral
galaxies in the Local Universe, no bulge component is detected, which is a true challenge
for galaxy formation models.
Finally, ∼50% of spiral galaxies also contain a central bar, that can extend up to
half the disk radius (Marinova & Jogee 2007). The Milky Way is an example of barred
spiral galaxy.
Despite individual diﬀerences, most spiral galaxies follow simple scaling relations,
one of which is the Tully-Fisher relation (Tully & Fisher 1977) that links the rotation
velocity of a galaxy to its luminosity :
4
L ∝ Vrot
.

The morphological properties of spirals and ellipticals are due to their diﬀerent
formation histories. Some traces of this history can sometimes still be observed within
their extended stellar halos, that can exhibit substructures that are believed to be the
remnants of past or ongoing interactions with satellite galaxies.

1.2.3

Substructures in stellar halos

Spiral and elliptical galaxies are surrounded by an extended stellar halo of old stars and
that is usually rich in substructures: globular clusters, satellite galaxies, stellar streams,
shells . . .
In addition to the two Milky Way satellites, the Large and the Small Magellanic
Clouds, many dwarf galaxies have been discovered in the halo of our galaxy. The ﬁrst
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Figure 1.3: The stellar halo of the Milky Way (Wyse 2010, adapted from Belokurov et al.
2006): map of the distribution of main sequence turnoﬀ stars color coded by distance from the
Sun, from 10 kpc (blue) to 30 kpc (red).

one was discovered by Ibata et al. (1994), and was baptised the Sagittarius (Sgr) dwarf
spheroidal galaxy. It is being tidally distorted as it moves through the halo of the Milky
Way (Ibata et al. 1997), and in its neighborhood, many debris are found: they form
the Sagittarius stream shown in Figure 1.3. This material traces the orbit of the dwarf
galaxy around the Milky Way. Figure 1.3 shows the existence of other streams, each
corresponding to another satellite galaxy1 (Belokurov et al. 2006).
Similar structures have been observed in the halo of M31, with a “Giant Stream”
(Ibata et al. 2004), as well as many substructures (shelfs, clumps, streams, spurs) that
each have diﬀerent stellar populations, suggesting they each have a diﬀerent origin
(Tanaka et al. 2010).
From a general point of view, when deep enough observations are performed,
streams and shells are commonly detected in the halos of both spirals (Ibata et al.
2007; Martinez-Delgado et al. 2010; Mouhcine et al. 2010) and ellipticals (Malin &
Carter 1983; van Dokkum 2005).

1.3

The interstellar medium

Most of the volume of a galaxy is ﬁlled with the interstellar medium (ISM), that comprises ionized, neutral and molecular gas and dust. While the mass of dust is negligible
at the scale of a galaxy (∼ 1% of the total mass in the ISM), dust grains play a central
part in cooling and heating mechanisms, for molecule formation, and for the global
photometric properties of the galaxies (for instance by absorbing UV radiation and reemitting photons in the infrared). Dust grains also concentrate half of the metals while
the rest of the ISM is mainly composed of hydrogen and helium.
1
Dwarf satellite galaxies primarily diﬀer from globular clusters by the fact that they are dark matterdominated objects while globular clusters contain no dark matter.
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Content and structure of the ISM

The gas in the ISM is found in a large variety of densities and temperatures and can be
divided in diﬀerent phases (Brinks 1990):
Molecular Medium with a temperature of the order of 20 K and a density greater than
102 –103 cm−3 : it is organized in dense molecular clouds (see also Section 1.3.3)
that occupy a very small volume but could amount to half the gas mass in a
galaxy,
Cold Neutral Medium at T∼100 K and n ∼ 20 cm−3 , and Warm Neutral Medium
at T∼6000 K and n ∼ 0.3 cm−3 , traced by HI 21cm line emission,
Warm Ionized Medium at T ∼ 8000 K and n ∼ 0.3 cm−3 : one of the main sources
of ionization is the UV radiation from massive stars and this gas can be traced
with recombination lines like in particular Hα ,
Hot Ionized Medium at T ∼ 106 K, n ∼ 10−3 cm−3 , produced by supernovae explosions or stellar winds and traced through its X-ray emission. Hot gas can also be
found in the halos of the galaxies (see also next chapter).
Cold and warm gas are usually found in pressure equilibrium (McKee & Ostriker
1977; Wolﬁre et al. 2003), and molecular clouds form in the densest and coldest regions,
where molecules are eﬃciently shielded from photons that could dissociate them (see
Figure 1.4). The formation of molecules is catalyzed by dust grains (when they are
present), and is strongly dependent on the pressure in the ISM and on the local far UV
radiation ﬁeld (Elmegreen 1993).

Figure 1.4: Maps of the atomic (left) and molecular gas (middle) in NGC 6946, and of the
star formation rate (SFR, right) from Bigiel et al. (2008). Stars form within the dense cores of
molecular clouds, which are themselves embedded in large atomic gas complexes.

1.3.2

Cooling and heating mechanisms

Thermal exchanges in the ISM result from a variety of cooling and heating mechanisms,
with an eﬃciency that is highly dependent on the gas temperature and metallicity.
The cooling rate per unit volume of gas can be written as:
2
L = nH
Λ(T , Z )
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where nH is the number density of hydrogen and Λ(T , Z ) is the cooling function,
depending on the temperature and the metallicity of the gas.

Figure 1.5: Cooling rate as a function of temperature and metallicity, from Gnat & Sternberg
(2007)

In gas at a temperature above 107 K, bremsstrahlung is the main source of cooling while between 105 and 107 K radiative losses are mainly due to collisions between
electrons and metal atoms or ions (in particular carbon, oxygen, neon and iron — see
Figure 1.5 and Gnat & Sternberg 2007). In this temperature range, cooling is particularly ineﬃcient in low metallicity gas since it is limited to mechanisms involving H+
and He++ . Around 104 K, the most eﬃcient mechanism is hydrogen Lyα cooling (at
higher temperature, this mechanism becomes ineﬃcient because most of the hydrogen
is ionized).
Below 104 K, when densities reach 1 cm−3 , ﬁne-structure lines of CII and OI provide
an eﬃcient cooling down to T ∼ 40K (Wolﬁre et al. 1995) and even lower temperatures
are reached following molecular line cooling (e.g., Scoville & Solomon 1974).
In turn, potential sources of heating and ionization are the far UV radiation produced
by OB stars, low energy cosmic rays (E . 100 MeV) and extreme UV and soft X-rays
(13.6 < E < 1000 eV) emitted by stars and supernova remnants (Wolﬁre et al. 2003).
In the warm and cold neutral phases, photoelectric heating by UV on small dust grains
◦
(< 15 A) and large molecules (polycyclic aromatic hydrocarbons, PAHs) is the most
eﬃcient source of heating.

1.3.3

Molecular clouds

Molecular clouds play a central role in galaxy formation and evolution since they are
the sites where stars form. The most active sites for star formation are Giant Molecular
Clouds. These clouds have a mass of 104 − 106 M , a size of a few tens of parsecs,
average densities of the order of 100 cm−3 and a temperature between 20 and 50 K.
The possible mechanisms for GMC formation are debated (Elmegreen 1990; Blitz &
Williams 1999; Ballesteros-Paredes 2004; McKee & Ostriker 2007). They include large-
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scale gravitational instabilities possibly associated with magnetic instabilities (Kim et al.
2003), agglomeration resulting from inelastic collisions of smaller clouds (Kwan 1979),
or also turbulent or colliding ﬂows following supernovae explosions or the passage of
spiral arms (Bergin et al. 2004).
The gravitational (in)stability of a GMC results on the one hand from its own
gravity and external pressure from the ISM and on the other hand from a combination
of internal pressure, stabilization by rotation and magnetic ﬁelds. The dynamical state
of molecular clouds is debated, although even clouds initially at the equilibrium can
collapse when compressed either by a shock wave from a supernova or a spiral arm.
The clouds can then fragment into denser cores that can themselves give birth to prestellar cores (see Figure 1.6). After the formation of its ﬁrst stars, a molecular cloud
is rapidly disrupted (in a few 10 Myr) by the UV radiation of young massive stars that
eﬃciently dissociate molecules (Allen et al. 1997; Ballesteros-Paredes 2004).

Figure 1.6: Map of the 1.3mm dust continuum emission in a portion of the ρ Ophiuci molecular
cloud (Motte et al. 1998). Dense cores are observed (labelled from Oph-A to Oph-F), together
with a series of young stellar objects. The cores Oph-A, Oph-E and Oph-F are the most actively
star forming, with in particular a linear chain of clumps and young stellar objects along the
direction marked by the white line.
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In the Galaxy, molecular clouds are distributed within a very thin layer (∼50-75 pc),
preferentially in high density regions like spiral arms (Heyer & Terebey 1998). They are
observed in emission in the far infrared and millimetric domains, through thermal dust
emission or excitation of rotation lines of molecules. The most commonly observed
molecule is CO, that is the second most abundant molecule after H2 , and is often
assumed to follow the distribution of H2 . Other interesting molecules like HCN are
used to trace the densest ( n > 3 × 104 cm−3 ) parts of the molecular clouds, i.e. the
dense cores where stars form.

1.4
1.4.1

Star formation
Processes within molecular clouds

Once the stability of a GMC is broken, either by collision with another cloud, shock
waves of a supernova or passage in a spiral arm where the higher densities lead to higher
external compression forces, it can fragment into dense cores of density nH2 ∼ 104 cm−3
and a size of ∼0.1 pc (Bergin & Tafalla 2007, see also Figure 1.6). In the dense cores,
gravity can be balanced by thermal pressure, turbulence and magnetic ﬁelds. Diﬀerent
scenarios are proposed for the subsequent evolution of these dense cores and their
fragmentation into pre-stellar cores (with nH2 & 105 cm−3 and a size of 0.05 pc).
If the evolution of the molecular cloud is dominated by turbulence, the supersonic
turbulence creates a lognormal distribution of densities over a large range of scales and
masses (Elmegreen 1997a; Mac Low & Klessen 2004). Pre-stellar condensations then
form within the densest regions (Padoan et al. 2007) where dissipation of turbulence is
followed by a collapse of the gas cloud (Williams & Myers 2000).
Another scenario gives a greater importance to magnetic ﬁelds. In this case, clouds
are magnetically supported against collapse unless they become massive enough to
overcome this magnetic support (Shu et al. 1987; Mouschovias 1976; Hennebelle &
Teyssier 2008). As the cloud progressively collapses, magnetic support is lost through
ambipolar diﬀusion (Basu & Mouschovias 1995; Ciolek & Basu 2000).
Each pre-stellar core can then give birth to a star once high enough densities are
reached. Surprisingly enough given the complexity of star formation processes at the
local scale, once averaged over large regions of the galaxy, the star formation rate
follows some very simple relations that will be studied in the next section.

1.4.2

Observed relations at the galactic scale

At the galactic scale, star formation is studied by measuring the star formation rate
(SFR) over a given region of a galaxy and comparing it to the local gas density.
Observational tracers of the SFR Star formation is detected through the presence
of young stars, the best tracers being massive stars that have a short lifetime so that
they clearly correspond to a recent episode of star formation. The total mass of stars
formed is then deduced by assuming a given Initial Mass Function (IMF).
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Young stars can be traced by:
• direct UV radiation emitted by stars more massive than 5 M
• mid-infrared and far-infrared emission in the case of obscured star formation, i.e.
when the UV radiation is absorbed and re-processed by dust grains
• emission lines like Hα or OIII corresponding to gas excitation by UV photons from
stars more massive than 10 M (note that these emission lines can be diﬃcult to
detect in low luminosity galaxies and that they are particularly aﬀected by dust
extinction)
• the radio continuum emission corresponding to synchrotron emission from cosmic
rays produced in supernova remnants
These diﬀerent indicators trace stars with diﬀerent masses, at diﬀerent stages of
their lives and in diﬀerent environments. Most studies now associate several tracers,
for instance UV and mid-infrared emission to follow both unobscured and obscured star
formation.
Observed scaling relations The ﬁrst observations date back to 1959, when Schmidt
unveiled a correlation in our galaxy between the density of star formation rate and the
gas volume density to the exponent ∼2. Kennicutt (1989, 1998b) then showed for a
sample of other spiral and starburst galaxies that2 :
ΣSFR = (2.5 ± 0.7) × 10

−4

(

Σgas
1M pc−2

)1.4±0.15

M yr−1 kpc−2 .

(1.1)

Here, Σgas refers to the total (atomic and molecular) gas content of a galaxy. This
correlation was conﬁrmed by following studies (e.g., Buat et al. 1989; Boissier et al.
2007), although with slight variations in the exponent. In most studies, a relatively
large scatter in the values of the SFR for a given gas density is found. This scatter can
be reduced by comparing the SFR density to the sole molecular gas density (Rownd
& Young 1999; Murgia et al. 2002; Wong & Blitz 2002; Bigiel et al. 2008), or, even
better, to dense molecular gas tracers like HCN (Gao & Solomon 2004).
It thus seems that the correlation between the SFR and the total gas density is just a
result of the correlation between the SFR and the molecular gas. Indeed, the atomic gas
surface density saturates at ∼10 M pc−2 , and can even decline at large SFR densities
(Wong & Blitz 2002). Bigiel et al. (2008) distinguish in the Kennicutt relation three
diﬀerent regimes of star formation, that correspond to the fact that star formation is
a two step process, with ﬁrst the formation of molecular clouds from atomic gas, and
then the formation of stars in molecular clouds. These three regimes, highlighted in
Figure 1.7 are the following:
• for Σgas < 15 M pc−2 , star formation is particularly ineﬃcient, probably because
of the relative lack of H2 with respect to atomic gas. There is indeed a density
threshold for molecules to form and to be be shielded against dissociating UV
radiation (Elmegreen 2002; Krumholz et al. 2009a).
2
Note that we will use Schmidt law when talking about gas and SFR volume densities and Kennicutt
relation for surface densities
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• for 15 < Σgas < 200 M pc−2 , the Kennicutt relation could simply result from
an increased number of molecular clouds within a telescope beam and a constant
star formation eﬃciency per molecular cloud
• for Σgas > 200 M pc−2 a steeper slope is found, that could reﬂect a change in
the physical properties of the ISM in starburst galaxies.

The change of regime at high surface densities could be due to a change in physical
conditions inside the molecular gas, for instance if the pressure in the ISM becomes
greater than the pressure in the GMCs, increasing the density in the GMCs and triggering
more eﬃcient star formation (Krumholz et al. 2009b). Such a change of regime has
also been observed in some high redshift galaxies by Daddi et al. (2010b) and Genzel
et al. (2010), and in a simulation of a galaxy merger by Teyssier et al. (2010).

Figure 1.7: The Kennicutt relation between the total gas surface density and the SFR density
(Bigiel et al. 2008). Three diﬀerent regimes of star formation are found as a function of the
gas density (see the text).

1.5

Stellar evolution and its impact on the ISM

Massive stars (M > 8 M ) ionize the surrounding ISM through their strong UV radiation
ﬁeld, and also have strong winds (while on the main sequence or during more evolved
phases) that can blow cavities around them. They have a very short lifetime and explode
in Type II supernovae after 4 to 40 Myr depending on their mass. The supernova
explosion corresponds to the collapse of the stellar core into a neutron star or a black

1.6. Galaxy bimodality in the Local Universe

31

hole, while outer layers are expelled, releasing large amounts of energy (∼ 1051 erg)
and metals into the ISM.
Unlike massive stars, intermediate-mass stars ( 0.8 < M < 8 M ) reinject very little
mass in the ISM as long as they are on the main sequence (for instance, the Sun has a
mass loss rate of only 10−14 M yr−1 ). However, once helium begins to burn in their
core (and then in outer layers), mass loss becomes much more important, in particular
during the asymptotic giant branch (AGB) phase. The ﬁnal stage of evolution of these
stars is the planetary nebula phase, during which what remains of the atmosphere is
slowly ejected (with typical velocities of a few km/s), leaving behind a white dwarf.
Stars of all masses thus re-inject important amounts of gas into the ISM, while the
injection of heavy elements and energy is dominated by massive stars. The production
and release of metals has important consequences for the ISM since a metal-enriched gas
has an increased cooling rate (see Figure 1.5), and can then form stars more eﬃciently.
The energy feedback is also crucial for the regulation of the ISM (McKee & Ostriker
1977). It aﬀects the global structure of the gas by creating turbulence (de Avillez &
Breitschwerdt 2007) and enhancing the density contrasts (Slyz et al. 2005; Joung &
Mac Low 2006).
Feedback might also directly trigger star formation, either when the shock wave from
a supernova compresses a pre-existing cloud or by the “collect and collapse” scenario,
when an expanding wind sweeps material that accumulates in an expanding shell in
which gravitational instabilities can occur (Elmegreen & Lada 1977).

1.6

Galaxy bimodality in the Local Universe

Galaxy of diﬀerent Hubble types do not only diﬀer by their morphology, but also by a
number of other properties like their stellar mass, their gas content, their star formation
rate, their color. . .
Roberts & Haynes (1994) showed that E and S0 galaxies, that are also the most
massive galaxies, have a lower gas content and a redder B − V color than spiral galaxies
(see Figure 1.8). Kennicutt (1998a) found a similar trend: spirals with massive bulges
contain less gas and form less stars than late-type spirals.
The Sloan Digital Sky Survey (SDSS), a multi-wavelength and spectroscopy survey
covering more than a quarter of the sky that began in 2000, allowed to study galaxy
properties in the Local Universe with an unprecedented level of precision. Kauﬀmann
et al. (2003b) used this survey to measure for a sample of ∼ 105 galaxies:
◦

• the 4000 A-break strength, an indicator of the age of a stellar population.
Dn (4000) ∼ 1.3 corresponds to a mass-weighted mean age of ∼ 4 Gyr (Kauﬀmann
et al. 2003a). Galaxies with such a value of Dn (4000) also have emission lines and
are still forming stars. By contrast, Dn (4000)∼ 1.85 corresponds to old galaxies
with a mean stellar age of ∼ 10 Gyr.
• the concentration index C = R90/R50, where R90 and R50 are the radii enclosing
90% and 50% of the luminosity of a galaxy. C = 2.6 is a value that has been found
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to eﬃciently discriminate late-type from early-type galaxies (early-type galaxies
being more concentrated)
• the stellar mass

Figure 1.9 shows some of their results, and highlights in particular a clear bimodality
in the z = 0 galaxy population. A critical stellar mass of M∗ ∼ 3 × 1010 M marks the
transition from late-type galaxies to early-type galaxies: 10% of low mass galaxies are
spirals, 90% of massive galaxies are ellipticals. Late-type galaxies are also found to be
younger (i.e. to have lower values of Dn (4000)).
Resulting from the diﬀerent star formation histories of spiral and elliptical galaxies,
a similar bimodality is observed in color, with spirals being bluer and ellipticals being
redder, forming a “Red Sequence” and a “Blue Cloud” in color-magnitude diagrams
(Strateva et al. 2001; Baldry et al. 2004).

Figure 1.8: Galaxy properties as a function of Hubble type (from Roberts & Haynes 1994).
The top panel shows the HI mass fraction and the bottom the B-V color. Late-type galaxies
have higher gas fractions and bluer colors than early-type galaxies.

1.7

Galaxies at high redshift

Large surveys of high redshift galaxies have revealed signiﬁcant diﬀerences in their
properties with respect to their low redshift counterparts.

1.7.1

Large surveys vs resolved observations

Some surveys use selection criteria based on colors or magnitude to detect high redshift
galaxies. For instance, galaxies at 1.4 < z < 2.5 can be selected in the rest-frame
UV with the BX/BM criterion (for star-forming galaxies, Steidel et al. 2004) or in the
rest-frame optical with the BzK criterion (for both star-forming and passive galaxies,
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Figure 1.9: Link between stellar age, stellar mass and morphology for galaxies in the SDSS
(Kauﬀmann et al. 2003b). Left: Dn (4000), which is a measure of the mean stellar age (low
values correspond to young stellar populations) as a function of stellar mass. Middle: concentration index (early-type galaxies correspond to R90/R50 > 2.6) as a function of stellar mass.
Right: Dn (4000) as a function of the concentration index. In these ﬁgures appears a strong
bimodality, with low mass galaxies being in majority star-forming disks and massive galaxies
being old ellipticals.

Daddi et al. 2004). Galaxies at z & 2 with red rest-frame optical colors have been
baptised Distant Red Galaxies (DRGs, Förster Schreiber et al. 2004; Papovich et al.
2006), while Extremely Red Objects (EROs, Moustakas & Somerville 2002; Moustakas
et al. 2004) could be z & 1 galaxies with either very old stellar populations or very high
dust extinction. Lyman Break Galaxies (LBGs, Steidel et al. 1995) are typically found
at z ∼ 3, have blue colors and active star formation (Shapley et al. 2001; Magdis et al.
2010), while at z ∼ 2 Dust Obscured Galaxies (DOGs) are also actively star forming
but contain much more dust (Dey et al. 2008; Pope et al. 2008). Finally, galaxies with
a high submillimeter ﬂux (submillimeter galaxies or SMGs) are dusty and gas-rich, with
star formation rates up to ∼1000 M yr−1 (Blain 2002; Chapman et al. 2003; Capak
et al. 2008).
It is however very diﬃcult to gain an insight on galaxy evolution from this collection
of diﬀerent galaxies that all correspond to slightly diﬀerent redshifts, stellar masses,
star formation rates, dust obscuration. . . By contrast, resolved studies usually gather
much smaller samples of galaxies but allow a better understanding of the physical
processes. In particular, deep observations of the Hubble Space Telescope (the Hubble
Deep Field, HDF, and the Hubble Ultra Deep Field, UDF) have allowed to constrain the
morphology of z . 2–3 galaxies and insights on their kinematics have been gained with
near-IR integral ﬁeld spectrographs on ground-based telescopes (SINFONI at the VLT
and OSIRIS on Keck). Finally, detailed molecular gas observations are made possible by
high-resolution millimeter interferometry, for instance with the IRAM Plateau de Bure
Interferometer.

1.7.2

Morphologies and sizes

Observations of galaxies at high redshift have revealed that they are not only less massive
in average (Ferguson et al. 2000), but also that there is a signiﬁcant change in the galaxy
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populations with respect to z = 0. Daddi et al. (2005) ﬁnd that the comoving space
density of elliptical galaxies at z & 1.5 is a factor of 2-3 smaller than at z = 0. On
the contrary, a strong increase in the number of peculiar galaxies has been observed,
particularly for faint magnitudes (Brinchmann & Ellis 2000; Franceschini et al. 2006).
Abraham et al. (1999) ﬁnd 40% of irregular galaxies in Hubble Deep Field (versus 3%
in the Local Universe), and in the UDF Elmegreen et al. (2007) ﬁnd only 31% of spirals
and 13% of ellipticals, the other galaxies being classiﬁed as chains, doubles, tadpoles
or clump clusters (see Figure 1.10).
The spiral galaxies that are observed at z ∼ 1 are not very diﬀerent from their
z = 0 counterparts. In particular, at ﬁxed stellar mass, disk galaxies do not have any
signiﬁcant size evolution between z = 0 and 1 (Ravindranath et al. 2004; Barden et al.
2005; Trujillo & Pohlen 2005). Size evolution begins to appear at z & 1.5, with galaxies
being a factor of ∼ 2 smaller (Ferguson et al. 2004; Tamm & Tenjes 2006; Trujillo et al.
2006).
By contrast, elliptical galaxies seem to be signiﬁcantly smaller (and thus denser)
already at z=1. Trujillo et al. (2007) ﬁnd that at z ∼ 1.5 massive ellipticals were a
factor of 4 smaller, while van der Wel et al. (2008) ﬁnd a factor of 2 between z=1
and 0. At z ∼ 2, van Dokkum et al. (2008) show that galaxies with a stellar mass
of 1.7 × 1011 M have an eﬀective radius of 0.9 kpc, versus 5 kpc for their z = 0
counterparts.
While observations of dense ellipticals seem to be widespread (see also for instance
Cappellari et al. 2009), Mancini et al. (2010) show that the half-light radii for 12 massive
galaxies at z > 1.4 are relatively large, and are consistent with the radii observed at
z = 0 for ellipticals of similar masses. They argue that the apparent compactness of
high redshift ellipticals could simply result from diﬃculties in recovering extended low
surface brightness halos because of the noise. Szomoru et al. (2010) conﬁrm however
the compactness of a z=1.91 quiescent galaxy and rule out the existence of a faint
extended envelope, suggesting that high redshift elliptical could in fact belong to two
diﬀerent populations, with both normal and super-dense galaxies.

1.7.3

Star formation and molecular gas content

Although a Red Sequence seems to be already in place at z ∼ 2, with a population
of massive ellipticals showing little or no ongoing star formation (Kriek et al. 2008),
the star formation rate is in average much higher for galaxies at this redshift than at
z = 0. At ﬁxed stellar mass, high redshift galaxies form stars much more actively
(e.g., Ferguson et al. 2000; Noeske et al. 2007). Daddi et al. (2007) show that for a
given mass, the SFR at z = 2 was larger by a factor of 4 relative to z = 1 and by a
factor of 30 relative z = 0. A population of galaxies with star formation rates up to
1000 M yr−1 has even been observed at z & 3 (Blain 2002; Capak et al. 2008).
The increased SFR at high redshift corresponds to an increased gas content. Daddi
et al. (2008) ﬁnd that gas-rich galaxies are widespread at z = 1.5, and in star-forming
galaxies gas masses are typically equal to the stellar masses (Cresci et al. 2009; Tacconi
et al. 2010; Daddi et al. 2010a).
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Figure 1.10: Examples of morphology of galaxies in the Hubble Ultra Deep Field (Elmegreen
et al. 2007). From top to bottom, the rows show chains (12% of the galaxies in the UDF),
doubles (13%), tadpoles(11%), clump clusters (19%), spirals (31%), and ellipticals (13%). The
redshift is indicated in the top of each image and increases from left to right.
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A comparison of SFR and gas density in local as well as high redshift normal and
starburst galaxies has lead Daddi et al. (2010b) and Genzel et al. (2010) to propose
that the regime of star formation is independent of redshift, i.e. high redshift disks
follow the same Kennicutt relation as z = 0 spirals, and high redshift starbursts are
similar to z = 0 starbursts (see Figure 1.11). In turn, the observed diﬀerence between
disks and starbursts has been interpreted by Daddi et al. (2010b) as a diﬀerent fraction
of molecular gas in dense clouds. This suggests that the high SFRs observed in high
redshift galaxies simply result from their high gas content rather than from an intrinsic
diﬀerent star forming mode.

Figure 1.11: The Kennicutt relation from Daddi et al. (2010b) for a sample of high redshift
galaxies (BzKs and z ∼ 0.5 disks, z = 1–2.3 normal galaxies and submillimeter galaxies)
compared to z = 0 starbursts (ULIRGS) and spiral galaxies. The lower solid line is a ﬁt to local
spirals and z = 1.5 BzK galaxies and the upper dotted line ﬁts local ULIRGs and SMGs. A
diﬀerent regime of star formation appears for disks and starbursts, but this ﬁgure also shows
that high redshift galaxies form stars on the mode as their low z counterparts.

1.7.4

Clumpy galaxies

As already discussed in this section, the fraction of peculiar galaxies increases with
redshift. At z & 0.5 appears a population of galaxies with a clumpy and disturbed
morphology. Some of them appear linear and have been baptised ”chain galaxies “
(Cowie et al. 1995; van den Bergh et al. 1996), the ”tadpoles“ have a head-tail morphology, while face-on clumpy disks are called ”clump clusters“ (Elmegreen et al. 2004).
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Elmegreen et al. (2007) present a complete study of galaxy morphologies in the UDF,
where a spatial resolution of 200 pc is achieved for galaxies at 0.5 < z < 5.5. Over a
total of 1003 galaxies, they ﬁnd 121 chains, 134 doubles, 192 clump clusters, and 114
tadpoles (see Figure 1.10).
Clump clusters are in fact the face-on versions of chain galaxies, with many evidence pointing in that direction and in particular the similarity in colors and apparent
magnitudes of their brightest clumps and the similarity between the distribution of axial
ratios for the combined sample and the distribution for normal disk galaxies. The last
point is also a piece of evidence for the disky nature of most of these galaxies, i.e.
for the fact that the clumps are not satellites galaxies in the process of merging but
single gas-rich disks fragmenting into big clumps. Other arguments come from studies
of their kinematics, that show in many cases large-scale ordered rotation that would
not be expected in the case of mergers (Genzel et al. 2006; Bournaud et al. 2008).
Clumpy galaxies are thus extended gas-rich disk galaxies at z = 0.5–2 that are
forming stars actively in a small number of very large star complexes. It has been
argued that their clumpy morphology could simply be a consequence of band-shifting
and morphological k-correction (Kuchinski et al. 2001): these galaxies were observed
in the i band, that corresponds to their rest-frame UV, and even local galaxies appear
clumpy when observed in UV (UV emission traces regions of active star formation that
are by nature bright and clumpy). However, J band observations (corresponding to
rest-frame optical) have been performed by Elmegreen et al. (2007) with the infrared
NICMOS camera on board of HST, and still show a disturbed and clumpy structure
for these galaxies (see Figure 1.12). This shows that clumpy galaxies strongly diﬀer
from local spiral galaxies and from spirals at the same redshifts: 25% of their i light
is in clumps, compared to 5% for spirals. The large clumps have a typical mass of
108 –109 M (103 times more massive than star forming regions in the Milky Way) and
a size of ∼ 1 kpc.

Figure 1.12: A comparison of images of clumpy galaxies in the i (rest-frame UV) and J (restframe optical) bands by Elmegreen et al. (2007). A clumpy and disturbed morphology appears
even the J band images, that trace the global mass distribution and not only the star forming
regions. This shows that the clumps are massive and strongly diﬀer from star-forming regions
observed in local spiral galaxies.

High redshift galaxies thus exhibit a number of signiﬁcant diﬀerences with respect
to the z = 0 Hubble sequence, in terms of morphologies, sizes, gas fractions and star
formation rates. Understanding the formation of these galaxies and their evolution down
to z = 0 is only possible if their cosmological context is taken into account. The next
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chapter is devoted to a presentation of this cosmological context and of the diﬀerent
mechanisms governing galaxy formation and evolution.

Chapter 2

Galaxies in the cosmological
context

Galaxies do not evolve in isolation, and understanding their properties requires to take
into account their cosmological context. In this chapter, we will ﬁrst brieﬂy present
the ΛCDM model and the early stages of galaxy formation, before discussing the main
mechanisms governing galaxy evolution: hierarchical growth by mergers with other
galaxies, accretion of gas from ﬁlaments, and internal evolution. We will ﬁnally present
a few of the unresolved questions that served as a motivation for this thesis.

2.1
2.1.1

The ΛCDM paradigm
The standard cosmological model

The Lambda Cold Dark Matter (ΛCDM) model is the simplest cosmological model in
agreement with observations of the Cosmic Microwave Background (CMB), of the large
scale structure of the Universe, and with estimates of distances of Type Ia supernovae
(Bahcall et al. 1999).
In the last decades, observations have demonstrated the validity of the Big Bang
model and cosmological parameters have been measured with a remarkable accuracy
(see for instance the recent WMAP 7-year results — Komatsu et al. 2010). In the
picture that has emerged, the Universe is 13.7 billion years old. It is ﬂat, and baryons
only represents 4.5% of its energy content. Its main constituents are dark energy
(73.5%) and cold dark matter (22% — see Section 1.1).
The existence of dark energy has been inferred from surveys of Type Ia supernovae,
that have shown the expansion of the Universe to be accelerating (Riess et al. 1998;
Perlmutter et al. 1999). Dark energy exerts a negative pressure, and has only recently
begun to dominate the dynamics of the expanding Universe. Its nature is still unknown,
and even more mysterious as the nature of dark matter. ΛCDM has however proven to
be a good framework to reproduce observations, and is thus the favored cosmological
model as of today.

2.1.2

From initial ﬂuctuations to primordial galaxies

Fluctuations in the CMB The small temperature ﬂuctuations (δT/T ∼ 10−5 at
angular scales of ∼1°) that are measured in the CMB correspond to density ﬂuctuations
that are the seeds of today’s galaxies (see Figure 2.1). The origin of these primordial
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Figure 2.1: Timeline of the Universe (Image credit: NASA/WMAP Science Team). Small perturbations created during the inﬂation stage are imprinted in the CMB. Gravitational instability
makes the overdensities grow, and they ﬁnally collapse to form the ﬁrst dark matter halos. Gas
follows this collapse, cooling radiatively to form the ﬁrst galaxies.

ﬂuctuations is not completely understood yet. The best candidate is the ampliﬁcation
and freezing of quantum ﬂuctuations during inﬂation, the short phase of exponential
growth that the Universe underwent shortly after the Big Bang (Liddle 1993).
Gravitational instability and collapse of the ﬁrst dark matter halos Structure
formation is initiated by gravitational instability: primordial ﬂuctuations are ampliﬁed
through gravity. High density regions contract, and ﬁnally collapse, attracting material
from their surroundings. In the same times, under-dense regions become emptier and
emptier.
In the Cold Dark Matter paradigm, low mass structures form ﬁrst: this is the
bottom-up scenario, as illustrated in Figure 2.2. As they collapse, or in the precollapse
stage, halos are thought to acquire angular momentum through tidal interactions with
nearby halos (e.g., White 1984) or during mergers with other halos (Maller & Dekel
2002).
Gas response to dark matter collapse Following the gravitational potential of the
dark matter, primordial gas collapses with the same density proﬁle and angular momentum as the surrounding dark matter. It settles at virial equilibrium in the dark matter
potential well. The diﬀerence in the subsequent evolution of gas and dark matter is
that gas can cool radiatively (White & Rees 1978). It then falls towards the center
of the dark matter halo and settles in a rotationally supported disk (Fall & Efstathiou
1980).

2.2. The hierarchical growth of galaxies
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Figure 2.2: Diﬀerential halo number density as a function of redshift and mass in the Millennium
simulation (Springel et al. 2005). Structure formation happens bottom-up, i.e. low mass halos
form ﬁrst, and then merge to form larger halos.

Formation of the ﬁrst stars Inside the primordial gas disk, heavy elements were
not yet present and cooling was mainly limited to the formation of H2 molecules (Galli
& Palla 1998). This was however enough for the gas to reach densities enabling the
formation of the ﬁrst generation of stars. These Population III stars are thought to
be very massive (probably more massive than 100 M ) and short-lived, ending their
lives as black holes or supernovae. The energy feedback from these ﬁrst supernovae
explosions suppressed star formation in surrounding regions, but also enriched the ISM
in metals, allowing more eﬃcient cooling mechanisms and the formation of a second
generation of stars.

2.2

The hierarchical growth of galaxies

In a ΛCDM universe, structures form bottom-up, with smaller halos forming ﬁrst. Halos
can then grow via merging with neighboring halos, leading in some cases to the merger
of the galaxies that are at their center. Merging is only possible if a dissipative process
reduces the orbital energy of the galaxies, which is the role of dynamical friction (Chandrasekhar 1943). The orbital energy lost during the merger is for a part transfered by
dynamical friction into internal random motions and for a part ejected of the system
with the escape of high energy stars.
Galaxy mergers have a strong impact on galaxy evolution, not only because they are
a mechanism for mass growth, but also because mergers often lead to drastic changes
in the morphology and kinematics of galaxies, and can even trigger episodes of star
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formation (this last point will be discussed in detail in Chapter 4). The end product of
a merger strongly depends on the mass ratio of the merging galaxies (major mergers
are mergers with a mass ratio from 1:1 to 4:1, the others are called minor mergers),
but also on their gas content and their relative orbit. In the cosmological context,
the morphology of a galaxy at z = 0 is in part determined by its merger history, and
many theoretical and observational studies have been devoted to measuring the halo
and galaxy merger rates as a function of mass and redshift. In this section, we will
ﬁrst review the diﬀerent determinations of these merger rates, and will then discuss the
consequences of major and minor mergers on the morphology of galaxies. The eﬀect of
mergers on the star formation rate will be discussed in Chapter 4.

2.2.1

Merger rates

A way to determine merger rates of dark matter halos is to analytically compute statistical properties for Gaussian density ﬁelds (e.g., Lacey & Cole 1993; Neistein & Dekel
2008), although most studies now rely on large cosmological simulations (e.g., Gottlober et al. 2001; Maller et al. 2006; Stewart et al. 2008; Fakhouri et al. 2010). This
requires ﬁrst to use a halo ﬁnder algorithm to detect dark matter halos in the simulation and then to have a criterion to identify mergers. For instance, for Stewart et al.
(2008), a merger occurs when an infalling halo ﬁrst crosses the virial radius of the main
progenitor. They ﬁnd that such mergers are frequent. A halo of mass M0 at z = 0 has
typically undergone between 1 and 4 mergers with halos of mass 0.03–0.3M0 over its
history. For the particular case of Milky Way-sized halos (see Figure 2.3), they ﬁnd that
95% of these halos have accreted at least a satellite more massive than 5 × 1010 h−1
M in the last 10 Gyr, and that 40% of them have undergone a merger with at least a
2 × 1011 h−1 M satellite.
From a general point of view, halo merger rates extracted from simulations have
to be considered with caution, because diﬀerent halo ﬁnder algorithms can lead to
diﬀerent merger rates (Genel et al. 2009), and because the results also depend on the
resolution of the simulation (Hopkins et al. 2010). There is also no direct link between
halo and galaxy merger rates since halos can host several galaxies and two halos could
merge without provoking a merger of their galaxies. This issue can be overcome by
considering mergers of subhalos and identifying galaxies which subhalos (Berrier et al.
2006; Wetzel et al. 2009), or by directly performing cosmological simulations including
a baryonic component, in which case resolution issues arise (Maller et al. 2006).
If galaxy merger rates are diﬃcult to compute from simulations, the task is even
harder for observers. This requires to detect signatures of mergers (Le Fevre et al.
2000), which in some cases is easy and obvious (for instance in the case of galaxies
with two nuclei), but which can be tricky if the galaxy is in a post-merger stage and
only has some faint traces of asymmetry (note that this becomes increasingly diﬃcult
with redshift). Another possibility is to detect close pairs of galaxies (Wu & Keel
1998; Patton et al. 2000) , but in turn it requires to determine the redshift of galaxies
with precision to reject foreground and background galaxies. Most studies determine a
merger fraction evolving as (1 + z)m , with m varying from 2 to 4. The diﬀerences can
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Figure 2.3: The fraction of Milky Way-sized halos, M0 ' 1012 M , that have experienced
at least one merger larger than a given mass threshold since a look-back time t (Stewart et al.
2008).

be due to the various ways of detecting mergers, that are sensitive to diﬀerent mass
ratios (Lotz et al. 2010), but also to diﬀerent estimates of the visibility timescale or
diﬀerent deﬁnitions of close pairs and major mergers.
Minor mergers are particularly diﬃcult to observe because their signatures are weaker
and fainter. The ﬁrst observational study of the frequency of minor mergers has
been performed by Jogee et al. (2009). They ﬁnd that 68% of massive galaxies at
0.24 < z < 0.8 have undergone a merger of mass ratio greater than 10:1 over the
last 3–7 Gyr, corresponding to 16% of major mergers, 45% of minor mergers and 7%
of ambiguous "major or minor" merger.
Studies of minor mergers are particularly important because, even if they don’t have
as strong an eﬀect as major mergers, they can still induce large morphological changes
in galaxies when they are repeated (which seems to be the case in the ΛCDM context).

2.2.2

Morphological transformations induced by mergers

Major mergers (with mass ratios from 1:1 to 4:1) are eﬃcient at transforming a disk
galaxy into an early-type galaxy, while minor mergers tend to simply thicken the galactic
disks, except when they are too frequent, in which case they can also form an elliptical
galaxy (Bournaud et al. 2007). We will also discuss in this section the eﬀect of the gas
content of the merging galaxies on the properties of the merger remnant.
Major mergers When galaxies of similar masses merge, the rapid ﬂuctuations of
the gravitational potential induce large and brutal changes in the energy of the stars
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leading to a randomization of their orbit, producing a Maxwellian distribution of energies
(Lynden-Bell 1967). This process, called violent relaxation, can eﬃciently transform a
spiral galaxy into a spheroid.
Numerical simulations have been widely used to study the properties of merger
remnants (Hernquist & Barnes 1991; Barnes 1992; Naab et al. 1999; Naab & Burkert
2003; Bournaud et al. 2005; Cox et al. 2006; Bournaud et al. 2008; Jesseit et al. 2009).
In all cases, mergers of spiral galaxies lead to the formation of an early-type galaxy
(see Figure 2.4), although the detailed outcome of a merger depends on the mass ratio
of the merging galaxies and on their gas content (their relative orbit can also have an
inﬂuence but does not seem to the dominant factor). Mass ratios of 3:1 and 4:1 lead to
the formation of elliptical galaxies with disky isophotes while equal-mass mergers can
produce both boxy and disky ellipticals (Naab & Burkert 2003; Bournaud et al. 2005;
Jesseit et al. 2009).

Figure 2.4: Simulation of an equal-mass merger of two spiral galaxies with a 32 pc resolution
by Bournaud et al. (2008). The merger remnant is an elliptical galaxy surrounded by compact
Super Star Clusters and three massive tidal dwarf galaxies.

The most massive ellipticals, that are slowly rotating and uniformly boxy seem to
be the most challenging for galaxy formation models (Naab & Burkert 2003; Cox et al.
2006). Naab et al. (2006) argue that pure stellar (dry) mergers are the best candidates
to explain their formation, although Burkert et al. (2008) showed that the remnants of
such mergers do not follow the scaling relations observed for galaxies in the SAURON
sample. Burkert et al. (2008) propose instead that these massive slow rotators could
result from multiple mergers. Bois et al. (2010) show however that the formation of
slow rotators in binary mergers strongly depends on the resolution of the simulation:
a merger producing a fast rotator in a “standard resolution” simulation (i.e. 180 pc,
which is typical of most studies so far) can lead to a slow rotator instead when the
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resolution is increased to 80 or 32 pc1 . This suggests that forming slow rotators could
be easier than what was previously argued, although reaching the resolution necessary
for their formation is a real challenge for cosmological simulations.
As far as the gas content of the galaxies is concerned, it has been argued that
major mergers of gas rich galaxies do not necessarily form pure elliptical galaxies, and
can even result in disk galaxies (Barnes 2002; Robertson et al. 2006; Hopkins et al.
2009). This requires a suppression of star formation in the early stages of the merger
so that a very high gas fraction (larger than 50%) remains in the last stages, which
allows to rebuild a disk in the merger remnant. However, galaxies formed this way
still host a relatively massive spheroidal component (Robertson et al. 2006), and the
strong feedback needed to suppress star formation might be unrealistic. In addition,
Bois et al. (2010) show that this disk re-building mechanism is mostly suppressed in
high resolution simulations, so that it seems safe to conclude that binary major mergers
do not result in disk-dominated galaxies, even when a high gas fraction is considered.
Minor mergers In turn, minor mergers usually have less dramatic consequences.
Mergers with mass ratios between 4:1 and 10:1 transform a spiral galaxy into a lenticular
(Bournaud et al. 2004), while mergers with ratios greater than 10:1 lead to disturbed
spiral galaxies.
Toth & Ostriker (1992) and Quinn et al. (1993) found that disks respond to minor
mergers by spreading both radially and vertically. In particular, Toth & Ostriker (1992)
argued that a disk is heated both by the transfer by dynamical friction of the orbital
energy of the satellite and by scattering of the stellar orbits in the disk as a response to
the interaction. They express the relative vertical thickening of the disk as a function of
its mass, circular velocity, vertical velocity dispersion and as a function of the satellite
mass. In the case of a rigid satellite on a slowly-decaying circular orbit, they ﬁnd:
∆H
∝
H

(

vrot
σ

)2

Msat
.
Md (r )

(2.1)

A substantial thickening can thus be expected, particularly for massive satellites and in
the case of cold rapidly rotating disks. Minor mergers also participate in bulge growth
Bournaud et al. (2005), in particular in the case of radial orbits (Hopkins et al. 2008).
In agreement with previous studies, simulations of collisionless but repeated minor
mergers with cosmologically-motivated orbits by Kazantzidis et al. (2008) and Villalobos
& Helmi (2008) ﬁnd an important disk thickening, although a cold and thin component
survives and can still be identiﬁed. Moster et al. (2010) show that the thickening can
be reduced if a gas disk is present, both because the gas can absorb some kinetic impact
energy and can form of a new thin stellar disc. The formation of a new thin stellar disk
has indeed been shown to cause a re-contraction of heated stars towards the disc plane
(Villalobos et al. 2010).
Finally, minor mergers, if frequent enough, could transform a spiral into an elliptical
with realistic morphological and kinematical properties. Bournaud et al. (2007) propose
1
This eﬀect is due to the formation of dense small-scale structures that increase the degree of
relaxation during the merger by scattering stellar orbits.
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that this transformation happens as soon as a galaxy has accreted satellites with a total
mass exceeding 30-40% of its initial mass, regardless of the individual mass ratio of each
minor merger. Naab et al. (2007) have indeed witnessed in a cosmological simulation
the formation of an elliptical by minor mergers only.
Given the relatively high frequency of minor mergers in the ΛCDM context (see
Figure 2.3), they could have a great impact on galaxy evolution. Not only do they
thicken disks and lead to bulge growth, but they could also be a possible mechanism
for the formation of elliptical galaxies (Bournaud et al. 2007; Naab et al. 2007; Burkert
et al. 2008). Naab et al. (2009) and Hopkins et al. (2010) propose repeated minor
mergers as an explanation for the evolution of compact high-redshift spheroids into
present-day ellipticals.
High resolution cosmological simulations are however still needed to safely quantify the contribution of mergers with diﬀerent mass ratios to the growth of early-type
galaxies. Another mode of galaxy growth is the accretion of gas from cosmic ﬁlaments,
which will be discussed in the next section.

2.3
2.3.1

Gas accretion
The large scale gas distribution in the Universe

The theory of structure formation by gravitational instabilities predicts the Universe to
be made of large voids separated by sheets and ﬁlaments, the most massive dark matter
halos being at the nodes of this ﬁlamentary structure. Cosmological simulations have
allowed to study further the structure of this “cosmic web” (Bond et al. 1996). Large
galaxy surveys (such as the 2dF Galaxy Redshift Survey — Colless et al. 2001) have
conﬁrmed this global picture: galaxies are distributed along ﬁlaments. The agreement
between the observed distribution of galaxies and the simulation is very good not only
from a qualitative point of view (Springel et al. 2006, see Figure 2.5), but also when
statistical measures are performed (Hoyle et al. 2002; Pandey 2010).
Cosmological simulations predict that the dark matter ﬁlaments are also associated
with a diﬀuse gas component (Cen et al. 1994) which is unfortunately impossible to
observe directly with today’s telescopes. However, the spectroscopy of distant quasars
is a powerful tool to probe this gas distribution. Indeed, quasar spectra often harbor a
speciﬁc feature called the Lyα forest, produced by the absorption of the continuum of
the distant quasar by neutral hydrogen present along the line of sight connecting the
observer to the quasar (see e.g. Viel 2006). Hernquist et al. (1996) have shown that
cosmological simulations can successfully reproduce some speciﬁc features of the Lyα
forest, in particular the statistical distribution of the neutral hydrogen column densities
and linewidths. This suggest that the observed gas corresponds to ﬁlaments of cold
gas following the large scale dark matter distribution. For instance, Rauch et al. (2005)
performed a detailed study of the kinematics of some observed features, and interpret
the Lyα forest as ﬁlaments that “stretch and drain into more massive nodes.”
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Figure 2.5: Comparison of the large-scale galaxy distribution in diﬀerent surveys and in the
Millennium simulation (Springel et al. 2006). A remarkable agreement is found between the
predictions of the ΛCDM model and the observations.
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Figure 2.6: Left: Accretion mode as a function of halo mass and redshift. At high redshift,
most galaxies are fed by cold streams. Right: an example of stream-fed galaxy, with cold gas
ﬁlaments eﬃciently penetrating the hot halo (ﬁgures from Dekel et al. 2009).

Understanding and characterizing the distribution of gas on large scales is an important step, but understanding how galaxies get their gas is even more complicated.
This is the topic of the next section.

2.3.2

The diﬀerent modes of gas accretion

The standard picture of galaxy formation proposes that the primordial gas follows the
collapse of dark matter halos and is shock heated to the virial temperature during the
process of violent relaxation, forming a hot gas halo at quasi-equilibrium. The shocked
gas slowly cools, falling towards the center of the dark matter halo and feeding a galaxy.
After the formation of the ﬁrst stars, feedback from supernovae can cause strong winds
that can replenish the halo in hot gas.
Later on, if the gas falling onto the halo is supersonic, an accretion shock forms
approximately at the virial radius.
Birnboim & Dekel (2003) and Dekel & Birnboim (2006) have studied the conditions
for the stability of such a shock around galaxies. They show that shocks are stabilized
only if the pressure of the post-shock gas is high enough to counterbalance the selfgravity of the gas and dark matter, plus the additional pressure of the infalling material.
This high gas pressure is possible only when the cooling rate in the post-shock region is
slow with respect to the compression rate due to the infalling material. Using analytical
prescriptions as well as 1D simulations (i.e. assuming spherical symmetry), they showed
the existence of a critical halo mass (∼ 1012 M ) below which no shock could be stable.
They thus highlight the existence of two diﬀerent modes of gas accretion onto galaxies:
• in massive galaxies, the hot mode (T ∼ 106 K) , where gas is ﬁrst shock heated
before cooling slowly to the center of the halo. Note that this cooling could be
suppressed by a variety of mechanisms including feedback from Active Galactic
Nuclei (AGNs) and gravitational heating (see Chapter 6).
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• in low mass galaxies, the cold mode (T = 104 –105 K) , where the gas is never
heated and falls down to the center of the halo in a free-fall time.
Cosmological simulations have conﬁrmed these results (Kereš et al. 2005, 2009;
Ocvirk et al. 2008), although with an important addition: at high redshift, even massive
galaxies can be fed by cold streams of gas that can penetrate their hot halo (see right
panel in Figure 2.6). Dekel & Birnboim (2006) have indeed shown that at high redshift
ﬁlaments feeding typical galaxies are dense enough to have a short cooling time and to
eﬃciently go through the hot halo. Dekel et al. (2009) discuss that in fact the mode
of accretion depends on the diﬀerence between the typical halo mass (M∗ ) at a given
redshift and the critical mass for virial shocks to be stable. Indeed, the characteristic
width of a dark matter ﬁlament is comparable to the radius of a M∗ halo. Halos below
M∗ are thus fed by ﬁlaments that are very wide (with respect to the radius of the halo),
so that accretion is nearly spherical. Accretion in halos above M∗ is along ﬁlaments that
are thin relative to the size of the halos. Massive halos are thus fed by dense ﬁlaments,
where the cooling rate is higher and shocks are harder to stabilize.
As a consequence, at high redshift (z & 2), since the critical mass for virial shock
stability is much above M∗ (see left panel in Figure 2.6), the massive halos that are
surrounded by hot gas are also prone to having cold streams penetrating through their
hot halo. Two modes of accretion are then possible: standard cold accretion for halos
below ∼ 1012 M , and in more massive galaxies2 , cold ﬂows though a hot gas halo.
At high redshift, nearly all galaxies are therefore fed by cold gas (see Figure 2.6). At
low redshift, M∗ becomes higher than the critical mass, and the galaxies are then either
in the cold or hot accretion regime.
This gives a great importance to cold ﬂows since most z = 0 galaxies have undergone
a phase of cold accretion. Kereš et al. (2009) even argue that a galaxy with a stellar
mass of 5 × 1011 M at z = 0 has typically accreted 90% of its baryonic mass via cold
mode accretion (i.e. from gas that has never been heated above 2.5 × 105 K). Brooks
et al. (2009) ﬁnd a similar importance of cold ﬂows for galaxy growth.
The last aspect to study is the fate of the cold streams as they approach the central
galaxy. Dekel et al. (2009) ﬁnd that the streams eﬃciently penetrate the halo down to
the central galaxy, with a rate nearly constant with the distance to the center. They
do not however have enough resolution to follow the interaction of the ﬁlament with
the galactic disk. Recent high resolution studies (Agertz et al. 2009; Ceverino et al.
2009) suggest that the cold streams could directly connect to the edge of the disk and
eﬃciently feed the galaxy with fresh gas (see Figure 2.7).
Theoretical studies as well as cosmological simulations thus predict cold gas accretion to be a major mode of galaxy growth (except maybe for the most massive galaxies).
However, direct observations of cold streams are still missing. For instance, Steidel et al.
(2010) “ﬁnd little observational evidence for cool infalling material” around star-forming
galaxies at 2 < z < 3. Dĳkstra & Loeb (2009) and Goerdt et al. (2009) propose however that the Lyα blobs observed at high redshift could correspond to cold ﬂows, with
2
Note that the exact value of the transition mass can depend on the geometry of the ﬁlaments, the
metallicity, the clumpiness of the infalling gas, but does not change the global picture.
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Figure 2.7: A stream-fed galaxy at z ∼ 3 in a high resolution simulation performed by Agertz
et al. (2009). In red is shown the temperature map, in green the metals and in blue the density.
The cold streams penetrate the hot halo surrounding the galaxy and directly connect to the
edge of the disk.

the Lyα luminosity being powered by the release of gravitational energy as gas ﬂows to
the center of the halos. They recover the typical luminosities and morphologies of the
observed blobs, so that at least some blobs could be the ﬁrst direct piece of evidence
of the existence of cold ﬂows.
Many properties of galaxies require however an important accretion of cold gas (at
least according to our current understanding of galaxy evolution), and in particular the
high frequency of bars in spiral galaxies and the clumpy morphology of high redshift
galaxies that will be discussed in the next section. These properties provide important
albeit indirect evidence of the existence of cold ﬂows.

2.4

Internal mechanisms and secular evolution

Galaxy evolution can also result from internal mechanisms. Disk instabilities can lead
to the formation of bars and pseudo-bulges, and can participate in disk thickening. The
eﬀect is particularly strong in high redshift galaxies, where disks are usually gas rich and
less stable.

2.4.1

Disk instabilities

The local gravitational stability of a thin rotating stellar disk with respect to axisymmetric perturbations (rings that break or not into clumps) has been studied by Toomre
(1964). At small scales, the stability of the disk is ensured by the random motions of
the stars (i.e. their velocity dispersion), which is equivalent to a pressure: the scales
smaller than the Jeans length λJ are stabilized. On large scales, the disk is stabilized by
its diﬀerential rotation that creates a shear. This tends to counterbalance self-gravity
for perturbations larger than Lcrit . All scales between λJ and Lcrit are unstable, unless
of course λJ = Lcrit .
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This can be otherwise formulated in terms of the so-called Toomre parameter:
κσs
Qs =
,
(2.2)
εGΣ s
where σs is the one-dimensional velocity dispersion, Σs is the surface density of the
disk and κ is the epicyclic frequency. Axisymmetric instabilities can grow in the disk if
Qs < 1.
The stability of a thin gas disk is in turn governed by:
κσg
Qg =
.
(2.3)
πGΣ g
However, in most cases both a stellar and gaseous disk are present, which increases
the disk instability. A region of a gas disk that would have been stable on its own can
collapse when a stellar disk is present because the stars add to the disk self-gravity.
An eﬀective Toomre can be computed (Jog & Solomon 1984; Elmegreen 1995; Raﬁkov
2001), deﬁned by
−1
Qtot
= αg Qg−1 + αs Qs−1 ,
(2.4)
where the Q parameters for the gas (g) and for the stars (s) are computed separately
for each component using Equations 2.3 and 2.2 . The coeﬃcients are
αg =

2σgs q
2 q2
1 + σgs

(2.5)

and

2q
,
(2.6)
1 + q2
where σgs ≡ σg /σs and the dimensionless wave number q ≡ kσs /κ minimizes Qtot .
These coeﬃcients are of order unity in spiral galaxies.
This picture is supported by observations: for instance, Yang et al. (2007) ﬁnd that
in the Large Magellanic Cloud only 62% of young stellar objects are in regions with
Qg < 1, while 85% of them are found in unstable regions according to the combined
eﬀective Toomre parameter. Corbelli (2003) also shows that the stability of the disk of
M33 is better described by Qtot than by Qg alone.
When the thickness of the disks is taken into account, it can be shown that disks are
more stable because of the “dilution” of self gravity. However, even if Q > 1 everywhere,
disks could still be unstable to non-axisymmetric modes: Kim & Ostriker (2007) ﬁnd
a critical value of Qg = 1.4 for the growth of non-axisymmetric perturbations in thick
disks.
The strongest non-axisymmetric instability is a bar-like instability, which will be
discussed in more detail in the next section.
αs =

2.4.2

Bars and the formation of pseudo-bulges

Bars are the most frequent non-axisymmetries detected in spiral galaxies and correspond
to the fastest growing unstable mode. In the Local Universe, most spiral galaxies have
a bar when observed in the infrared: Eskridge et al. (2000) ﬁnd than 72% of spiral
galaxies are barred in the H band.
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Bar formation and destruction Bars are easily formed in unstable disks, but they
are also easily destroyed. Indeed, the gas accelerates as it enters the bar potential and
decelerates as it leaves it. As a consequence, gas is concentrated in a shock on the
leading side of the bar and looses ∼10% of its angular momentum over one rotation
(Bournaud et al. 2005), which triggers an inﬂow feeding a Central Mass Concentration
(CMC). The growth of the CMC leads to chaotic orbits in the bar, which tends to
dissolve it (Hasan & Norman 1990). An additional weakening mechanism is proposed
by Bournaud et al. (2005): while gas looses angular momentum, there is also some
angular momentum transferred to the stars (∼1% per rotation). Since the bar is a
wave of negative angular momentum, only ∼ 10 rotations suﬃce to circularize the
orbits and weaken the bar.
To account for the high frequency of bars in observed galaxies, a mechanism has to
be able to re-form them since they are so easily destroyed. Bournaud & Combes (2002)
propose that external gas accretion can re-juvenate the disk, making it prone to bar
instability again. Galaxies could thus undergo stages of bar formation and destruction
following the interplay of gas accretion and internal evolution.
Pseudo-bulges Disk stars that are in vertical resonance with the bar can be scattered
in a bulge with a box-peanut shape (Combes et al. 1990) called a pseudobulge, that
survives even when the bar is destroyed.
Pseudobulges are frequently observed in spiral galaxies (Kormendy & Kennicutt
2004). Their properties are intermediate between classical bulges and disks, of which
they keep some characteristics, in particular a low Sérsic index, a blue color and a
relatively large amount of support by rotation instead of support by random motions.
Secular evolution, i.e. bar instability combined with resonant scattering of disk stars,
can then naturally transform galaxies into earlier-types.

2.4.3

Giant clumps in gas-rich disks at high redshift

Deep surveys have unveiled the existence at z & 1 of a population of galaxies with
a clumpy morphology (see Section 1.7.4), hosting vigorous star formations in clumps
of 108 –109 M for a size of ∼1 kpc (Elmegreen et al. 2007). Idealized simulations
performed by Noguchi (1998); Immeli et al. (2004) and Bournaud et al. (2007) have
shown that this morphology is consistent with the fragmentation of a gas-rich disk
under the eﬀect of gravitational instability (the observed gas fractions are often around
∼50%, see Tacconi et al. 2010; Daddi et al. 2010a).
Cosmological simulations performed by Agertz et al. (2009) and Ceverino et al.
(2010) have shown that this situation can naturally arise in the ΛCDM context, where
young galaxies are fed by cold streams (Dekel et al. 2009). This gas settles in a disk with
a high surface density where violent instabilities can take place, regulated at Q ∼ 1.
Once formed, the clumps rapidly spiral toward the center of the galaxy (Bournaud
et al. 2007, see Figure 2.8), where they coalesce into a bulge. The clump migration is
governed by dynamical friction, at a rate that depends both on the mass of the clump
and the surface density of the disk (Noguchi 1999), but is of the order of 10 dynamical
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times. Clump migration could be stopped if the clumps are dispersed by feedback
following intense star formation (and in particular radiative feedback from young stars).
However, Krumholz & Dekel (2010) showed that clumps should remain bound unless
the star formation eﬃciency is much higher than in low redshift galaxies, which does
not seem to be the case (Daddi et al. 2010b and Figure 1.11).
Elmegreen et al. (2008) showed that the bulges formed by this mechanisms are all
thick, slowly rotating, and have a high Sérsic index, like classical bulges.
These violent instabilities in gas-rich galaxies at high redshift are thus another mechanism for bulge formation, in addition to minor mergers and bar instabilities. Clumpy
galaxies are also a perfect example of interplay between cold streams and disk instabilities. Bournaud & Elmegreen (2009) showed indeed that an accretion-dominated history
is a necessary condition for violent disk instabilities to develop: in the case of frequent
mergers at high redshift, the early growth of a bulge stabilizes the disk and prevents
the formation of instabilities. Dekel et al. (2009) propose that stream-fed disks could
be in a steady state for several Gigayears, with rapid gas accretion replenishing the disk
as the clumps migrate towards the center of the galaxy.

Figure 2.8: Evolution of a gas-rich clumpy galaxy simulated by Bournaud et al. (2007). Large
clumps form in the disk following gravitational instabilities and rapidly migrate to the center of
the galaxy where they form a bulge. The galaxy thus evolves towards a classical spiral with a
bulge and an exponential disk.

2.5

A complex interplay between internal evolution, mergers and cold gas accretion

While more and more observations of galaxies at diﬀerent redshifts are available, simulations (and theory) still struggle to explain most of them. Galaxy formation and
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Figure 2.9: The cosmic star formation history: evolution of the SFR density with redshift from
a series of observations compiled by Hopkins & Beacom (2006)

evolution indeed results both from dynamics of dark matter on large scales and from
small scales processes like gas dynamics, cooling, star formation, stellar evolution and
stellar feedback. Simulations should then encompass both scales, which is a challenge
given today’s computational resources. The main families of mechanisms driving galaxy
evolution have been identiﬁed (mergers, gas accretion and internal evolution). However, not only is our understanding of each mechanism still not perfect, but also a global
picture is still missing. In this section, we will describe a few of the observational facts
that theory and simulations still struggle to explain.
The cosmic star formation history Observations have shown that the comoving star
formation rate density increases by a factor of ∼10 between z = 0 and z = 1, followed by
an approximate plateau between z = 1 and 4 and a possible decrease at z > 4 (Madau
et al. 1996; Hopkins & Beacom 2006; Magnelli et al. 2009; Bouwens et al. 2009—see
also Figure 2.9). The galaxies contributing the most to the SFR density also change as a
function of redshift: at z = 0 the SFR density is dominated by “normally” star-forming
galaxies while the contribution of starbursting galaxies (Luminous and UltraLuminous
Infrared Galaxies–LIRGs and ULIRGs) increases with redshift. At z ∼ 1 half of the SFR
density might be attributed to LIRGs. This is in agreement with detailed studies of
high redshift galaxies, in which very high star formation rates are often detected (see
Section 1.7.3). However, the mechanisms driving intense episodes of star formation
probably evolve with redshift. At z = 0, the most intense starbursts are observed in
galaxies undergoing major mergers, but this is not the case at z ∼ 1–2 where most of
the star forming galaxies are morphologically undisturbed (e.g., Bell et al. 2005; Elbaz
et al. 2007). This suggests that the SFR decline between z = 1 and z = 0 is not a
consequence of the sole decline of the merger rate. The explanations that have been
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Figure 2.10: Star formation histories of early-type galaxies as a function of their stellar masses
from Thomas et al. (2005). Massive galaxies form their stars earlier and quicker: this is the
downsizing phenomenon.

proposed rely on the existence of a steady state where the SFR follows the net cold
gas accretion rate (Dutton et al. 2010; Bouché et al. 2010). The decline of the SFR
density at low redshift is thus proposed to result from a combination of a shutdown of
gas supply in massive galaxies and a slow gas exhaustion in disks as redshift decreases
(Hernquist & Springel 2003; Schaye et al. 2010). The shutdown of gas supply has
been proposed to be a consequence of stable virial shocks in massive galaxies (Dekel &
Birnboim 2006; Cattaneo et al. 2006), possibly associated with AGN feedback (Croton
et al. 2006).
No consensus has however been reached so far, in particular as far as AGN feedback
is concerned. Our understanding of AGNs and their interactions with the interstellar and
intergalactic medium is far from being perfect (see also a discussion in Section 6.1.2),
and the amount of feedback they could provide is debated.

The early formation of massive spheroids Together with a large number of actively star forming galaxies, high redshift observations have also unveiled a surprising
population of massive red-and-dead ellipticals (Kodama et al. 2004; Treu et al. 2005;
Renzini 2006; Noeske et al. 2007; Wiklind et al. 2008). These observations show that
the most massive galaxies have formed their stars earlier and quicker (see also Figure 2.10), a phenomenon which has been baptised downsizing. It seems that the bulk
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of star formation in massive galaxies is complete by z ∼ 1 (Brinchmann & Ellis 2000;
Papovich et al. 2006), which seems in contradiction with the hierarchical scenario where
the most massive galaxies are the last to be assembled. Feedback from AGNs has again
been proposed as mechanism stopping star formation early in massive galaxies (e.g.
Granato et al. 2004), while Naab et al. (2007) suggest in turn that ΛCDM merger
histories can naturally reproduce the observed properties of ellipticals, without the need
for supernovae or AGN feedback.
The formation and survival of spiral galaxies While spiral galaxies represent ∼70%
of galaxies in the Local Universe, their formation represents a real challenge for models. Simulations have for a long time suﬀered from the angular momentum problem
corresponding to the formation of too centrally concentrated and small disks because
of a too important loss of angular momentum in the early phases of galaxy formation
(e.g., Navarro & Benz 1991). In recent simulations, with a higher resolution and the
inclusion of feedback from supernovae, this problem is at least partially solved (Piontek
& Steinmetz 2009b; Agertz et al. 2010). However, no simulation so far has been able to
produce galaxies with small bulges, except for dwarf galaxies (Governato et al. 2010).
The most striking fact that simulations are unable to reproduce is the existence
of bulgeless galaxies, that represent 16% of spirals in the Local Universe (Kautsch
et al. 2006). Even from the purely theoretical point of view, their existence is a true
challenge. Indeed, mergers, even minor, have been shown to fuel bulge growth and
their high frequency in a ΛCDM context seems to make bulge formation unavoidable.
In addition, the mechanism that is proposed for disk re-growth, i.e. gas accretion from
ﬁlaments, can also itself lead to the formation of bulges. Gas accretion can indeed
trigger disk instabilities, be it bar instabilities or violent clump instabilities at high
redshift. In any case, these instabilities contribute ﬁnally to bulge growth. With so
many possible mechanisms participating in bulge formation, it is thus astonishing to
observe so many bulgeless galaxies at z = 0. While feedback from supernovae is often
proposed as a possible solution to this discrepancy, no simulation has so far been able
to produce a bulgeless galaxy.
The color bimodality Observations have revealed a clear bimodality in the z = 0
galaxy population, with a clear separation between blue star-forming spirals and red-anddead ellipticals (see Section 1.6). This color bimodality shows that the morphological
transformation of spirals into ellipticals has to be accompanied by a “quenching” of their
star formation, which shifts them to the Red Sequence. The quenching mechanisms
must be able to account both for the shutdown of star formation in massive galaxies
and for the maintenance of this eﬀect over long periods of time.
The most obvious quenching mechanism could simply result from the consumption of the cold gas reservoirs of the galaxies during the starburst accompanying the
merger(s) giving birth to the ETGs. However, it seems that on average the intensity
of these starbursts is rather low, so that the whole gas reservoir of a galaxy cannot
be consumed during a merger. In addition, gas accretion from ﬁlaments could re-fuel
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the galaxy in cold gas. In the standard picture, some extra quenching processes are
thus needed to completely remove the cold gas reservoir of these post-merger galaxies
and to shut down any fresh supply of cold gas. In addition to virial shock heating
of infalling gas above a critical mass, gravitational heating (Dekel & Birnboim 2008;
Johansson et al. 2009) and AGN feedback (Croton et al. 2006) can help preventing
gas cooling in massive galaxies (see a detailed discussion in Chapter 6). The relative
statistical importance of these mechanisms in the cosmological context is however not
established.

2.6

Outline of this thesis

Each of the questions described in the previous section should ideally be addressed
with a combination of observations and theory/simulations. This thesis is focused on
numerical simulations, even though we will try as often as possible to compare our
results with observations.
The next chapter will present the diﬀerent numerical methods that have been used in
this work, and will describe a new technique that has been developed for high resolution
simulations in a cosmological context.
Chapter 4 will be devoted to a statistical study of star formation in interacting
galaxies, with a comparison of the eﬀect of diﬀerent star formation recipes, gas content
and large-scale environment of the galaxies. A comparison will also be performed with
results obtained with a diﬀerent code, using a diﬀerent model for gas dynamics.
In chapter 5, we will study the formation of spiral galaxies in the ΛCDM context, and
we will in particular focus on the eﬀect of stellar evolution processes (stellar feedback
and mass loss) on disk formation and survival.
Chapter 6 will address the question of the color bimodality, and will describe a
new mechanism for star formation quenching in early-type galaxies. This mechanism,
“morphological quenching” will be both studied in a cosmological simulation and in a
series of idealized simulations at very high resolution.
We will ﬁnally conclude and present perspectives for future work.

Chapter 3

Numerical simulations at the
galactic scale

Simulating galaxies requires to account at least for gravity and gas dynamics, together
with sub-grid recipes for gas cooling and heating, star formation and feedback from
evolved stars. Other ingredients like magnetic ﬁelds or detailed chemical evolution can
be added, but since they have not been used in this thesis, they will not be described
in this chapter.
After a brief general introduction to the diﬀerent existing techniques for N-body and
gas dynamics in galaxy and cosmological simulations, we will describe in more detail
the two codes that have been used in this work: the PM-sticky code and RAMSES.
Finally, we will present a new technique that we have developed for simulating galaxy
evolution at high resolution while taking the cosmological context into account.

3.1

A brief overview of the existing techniques

In simulations, stars and dark matter are considered as collisionless, and are treated as
particles evolving solely under the inﬂuence of gravity. The gas component, which can
be represented both with particles or as a ﬁeld discretized on a grid, while also subject
to the eﬀects of gravity, evolves according to the equations of hydrodynamics.

3.1.1

Galaxy simulations vs cosmological simulations

Galaxy simulations aim at studying isolated or interacting galaxies. They usually start
from pre-formed galaxies, which have been initialized with a dark matter halo, a gas
disk and a stellar component (disk and/or spheroid) distributed along given density
proﬁles, and with velocities chosen so that the galaxy is at the equilibrium. The size of
the simulation box usually ranges from a few tens to a few hundreds kpc, which allows
to have a good resolution on the galaxy studied (a resolution of ∼100 pc is commonly
used, some simulations of isolated galaxies even begin to reach pc-scale resolutions).
These simulations are useful to study the physical mechanisms operating in galaxies
(for instance, to understand the morphological changes associated with galaxy mergers,
and their consequences on star formation, or to study bar instabilities in disks and their
eﬀects on bulge growth). However, they do not take the cosmological context into
account, so that the outcome of such simulations cannot be used to study statistical
properties of galaxies, like the color bimodality between spirals and ellipticals.
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Figure 3.1: Diﬀerent scales of galaxy simulations. Left: Gas distribution in a simulation of an
isolated galaxy with a resolution of ∼10 pc (Tasker & Tan 2009, with the AMR code Enzo).
Middle: Gas distribution in a simulation of interacting galaxies with a resolution of ∼100 pc
(Di Matteo et al. 2005, with the SPH code GADGET). Right: Distribution of stars at z = 2.4
in the MareNostrum cosmological simulation, with a resolution of 1 kpc (with the AMR code
RAMSES, image credit: C. Pichon).

On the other hand, cosmological simulations aim at simulating large volumes of the
Universe, with box sizes from a few Mpc to a few Gpc. Their resolution is thus usually
much poorer that in galactic scale simulations (typically 1 kpc), but in turn they can
study statistically the properties of the Universe as a function of redshift. Some of these
simulations only include dark matter, for instance to study the large-scale structure of
the Universe, but others also account for gas and star formation so that galaxies can
be formed self-consistently. Initial conditions for cosmological simulations are derived
from observations of the CMB, more precisely from the power spectrum of the initial
density perturbations. Dark matter particles are positioned regularly on a lattice and
then slightly displaced so that the resulting perturbations to the density ﬁeld have the
right power spectrum. The gas density ﬁeld is initially supposed to follow dark matter,
and the total amount of gas is simply given by the cosmic baryon fraction Ωb /Ωm .
To overcome the lack of resolution of cosmological simulations, “zoom-in” techniques can be used, where a given sub-volume of the box is simulated at high resolution, while the rest of the box is kept at a very coarse resolution. Only a few (usually
just one) galaxies can be followed at a time, but with a much higher resolution (even
sometimes below 100 pc) than in standard cosmological simulations. This technique
will be discussed in more detail in Section 3.5.

3.1.2

N-body and gas dynamics

The evolution of dark mark matter and stars is only governed by gravity: phase space
is sampled by particles, the trajectories of which are given by Newton’s equation. Given
the large number of particles required to correctly sample a galaxy, direct summation
of forces is impossible and two main types of approaches are used:
• tree codes (Barnes & Hut 1986): the simulation volume is divided up into cubic
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cells in an octree structure. To compute the force exerted by the total mass
distribution on a given particle, nearby and distant cells are treated diﬀerently.
The interactions with particles from nearby cells are treated individually, while
the force contribution of distant particles is accounted for collectively using the
mass and center of gravity of coarse cells in the tree. This reduces the number
of interactions to compute while achieving a good accuracy on small scales. The
advantage of tree codes is also that the force resolution is automatically higher
in dense regions.
• particle-mesh (PM) codes convert the particle distribution into a density ﬁeld
projected on a grid. This is often done with the Cloud-in-Cell (CIC) interpolation,
where the particles are modeled as constant density cubes, and the mass of a
particle is thus spread on the 8 closest cells. The gravitational potential is solved
from this density grid, its gradient (i.e., the gravitational force) is computed and
interpolated to the position of each particle.
PM codes have by a ﬁxed resolution corresponding to the cell size, which is not
adapted to simulations with a high dynamic range. This can be overcome by using
a set of nested grids, whether at ﬁxed locations in the simulation box or only in the
densest regions. Reﬁning the grid automatically in dense regions is the technique used
in Adaptive Mesh Reﬁnement (AMR) codes. The reﬁnement in AMR codes can be
patch-based (i.e. small cubic regions of the grid are reﬁned, like in the ENZO code —
Bryan & Norman 1997) or cell-based (each cell can be reﬁned independently like in the
RAMSES code — Teyssier 2002).
Diﬀerent techniques are also used to model gas dynamics. Codes based on Eulerian
methods treat the gas as a continuous medium sampled on a grid, and the equations
of hydrodynamics are discretized and solved on this grid. This approach is particularly
eﬃcient when used in an AMR code.On the other hand, a Lagrangian approach is also
possible, where the ﬂuid is sampled with gas particles. Smoothed Particle Hydrodynamics (SPH – Lucy 1977; Gingold & Monaghan 1977) is a technique where all quantities
related to gas particles like density or temperature are computed by smoothing over
all neighboring gas particles and the equations of hydrodynamics are solved for these
smoothed quantities. The smoothing length is often chosen so that it always encloses
a ﬁxed number of particles so that it is automatically adaptive. This SPH approach
is often used in combination with a tree-code for gravity, as for instance in the GADGET code (Springel et al. 2001). Finally, a last possibility is to “forget” the equations
of hydrodynamics and to consider the gas as a collisional medium: the sticky particle
scheme treats the ISM as an ensemble of gas clouds that undergo dissipative collisions.
This technique can be eﬃciently used in a particle-mesh code.

3.2

A discussion of gas dynamics modeling

AMR and SPH are widely used in astrophysics, and many studies have been devoted
to a comparison of their relative advantages and limitations. Code comparison projects
have been for instance lead by Frenk et al. (1999), Agertz et al. (2007), Tasker et al.
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(2008), Heitmann et al. (2008), and Price & Federrath (2010), testing grid codes and
SPH from small-scale features in the ISM to the scales of galaxy clusters.
The main advantages of SPH are its Galilean invariance and its natural adaptivity
since resolution is automatically higher in dense regions (in dense regions the distance
between particles becomes smaller). By contrast, it requires artiﬁcial viscosity to capture
shocks, which dampens small-scale velocity perturbations and smears turbulence. The
shocks are generally broadened over 2–3 smoothing lengths but post-shocks properties
are correctly recovered. It has also been shown that instabilities at contact discontinuities tend to be suppressed because of a spurious surface tension, and as a result mixing
diﬀerent phases of a ﬂow is diﬃcult. Many solutions have been proposed to these
shortcomings: introduction of artiﬁcial heat conduction (Price 2008), modiﬁcation of
the treatment of artiﬁcial viscosity (Dolag et al. 2005) or change in the estimate of
the density (Read et al. 2010). However, no consensus has been reached yet within
the SPH community, and some of the changes proposed are in fact very demanding in
terms of computational resources (Read et al. 2010).
In turn, grid codes are eﬃcient at capturing shocks and have negligible post-shock
oscillations. Their lack of Galilean invariance has been proposed has one of their major
ﬂaws, although Robertson et al. (2010) argue that this problem is easily overcome with
an increase in resolution (such an increase is not always possible, though). Another
resolution-related issue is their possible numerical viscosity: if two gas ﬂows undergo a
face-on collision and substructures in the gas are not resolved, their velocities will tend
to cancel out (whereas the ﬂows would have been able to interpenetrate if they had
been resolved). Finally, in the case of AMR simulations, the reﬁnement criterion has
to be chosen carefully to avoid a large fraction of the gas to be found in regions with
a low spatial resolution, which would prevent the formation of a cold phase.
At the beginning of this thesis (in 2007), SPH and AMR were successfully used
for cosmological simulations. At the scale of galaxies however, AMR was limited to
isolated gas disks (Tasker & Bryan 2006, and later Agertz et al. 2009), and the ﬁrst
AMR simulations of merging galaxies are recent (Kim et al. 2009; Teyssier et al. 2010).
At that time, the sticky particle scheme appeared as the best technique to model the
ISM in interacting galaxies since it naturally reproduces the heterogeneous and clumpy
nature of the ISM, and the fact that is dominated by a turbulent pressure. Most of the
gas in a galaxy is indeed within molecular or atomic gas clouds, which only ﬁll a small
volume of the galaxy. SPH simulations are usually much more costly in computational
resources (e.g., Price & Federrath 2010), so that the number of particles they can treat
is lower and they do not have enough resolution to model the whole turbulent structure
of the ISM, that is then treated as a smooth and continuous medium dominated by
its thermal pressure. In turn, sticky particle is inadequate on large cosmological scales,
or to model the warm and hot gas in galaxies. It seemed however more important to
follow the dynamics of the cold phase, in which star formation occurs and is the most
important for galaxy evolution, and this is achieved with a sticky particle scheme even
when the resolution is limited to ∼100 pc. For simulations with such a resolution, the
sticky particle scheme is an eﬃcient method to take into account the cloudy structure
of the ISM, that an AMR simulation at the same resolution could not reproduce (with
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the additional advantage that there is no numerical viscosity with sticky particles).
Nevertheless, the recent progress in AMR simulations, both due to code improvements (for instance the new gravity solver in RAMSES) and to an increase in computing
resources, have shown that AMR is now able to reach pc-scale resolution even in galaxy
mergers and to resolve the full structure of the ISM. AMR thus appears more and more
as the best tool for future galaxy simulations.

3.3

The PM-sticky code

The main code that has been used during this thesis is a PM code that has been
written by Frédéric Bournaud and Françoise Combes. It treats dark matter, stars and
gas as particles, the gas dynamics is modeled with a sticky-particle scheme. The code
is written in Fortran 90 and has been optimized for vector computers. The simulations
that have been performed have mainly run on the NEC-SX8 machine at the Centre de
Calcul Recherche et Technologie (CCRT).

3.3.1

Structure of the grid

The simulation box is mapped with 3 nested cartesian grids, each containing N3 cells,
with N typically equal to 128 or 256. The ﬁrst grid covers the whole simulation box, the
two other grids cover smaller and smaller volumes centered on the main galaxy studied,
so that the eﬀective resolution in the regions of interest is higher.

3.3.2

Computation of gravitational forces

The density is computed by counting the number of particles in each grid cell, and it
is smoothed with a Cloud-In-Cell (CIC) interpolation. The Poisson equation is then
solved with Fourier transforms. Indeed, the gravitational potential is linked with the
density by:
∫
ρ(u)
du ,
Φ(r) = −G
|r − u|
which is simply a convolution of the density with f (u) = 1/u. The potential is obtained
by computing Fourier transforms of ρ and f , multiplying them and performing an inverse
Fourier transform. This technique was chosen because the cartesian structure of the
grids allows to use eﬃcient FFT algorithms optimized for vector CPUs.
The use of Fourier transforms requires to consider periodic boundary conditions,
which is inappropriate for simulations of isolated/merging galaxies (contrary to cosmological simulations), because of the spurious gravitational forces exerted on the main
galaxies by the “virtual” galaxies situated in the replicas of the main simulation box.
The technique of James (1977) is then used: negative artiﬁcial charges are placed at
the surface, edges and corners of the simulation box so that the gravitational potential
created by the replicas is canceled.
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The gradient of the potential is then computed with a ﬁnite diﬀerence scheme and
interpolated to the position of each particle, and positions and velocities are updated
with a leap-frog method.

3.3.3

The sticky particle technique

The sticky particle scheme is a realistic description for a collisional medium (Brahic
1977) or a cloudy, heterogeneous gas medium (Larson 1981). Gas particles represent gas
clouds (typically molecular and atomic gas clouds) and interact with each other through
inelastic particle-particle collisions. The velocity dispersion of particles represents the
turbulent speed of the modeled gas medium - not its thermal sound speed. The crosssection given to gas particles ensures about one collision per particle and per vertical
crossing time and corresponds to a ﬁlling factor in spiral disks of about 5%, which
can be realistic for the ISM (de Avillez & Breitschwerdt 2004). Colliding particles
bounce back, which models the turbulent pressure acting on gas substructures. These
collisions are inelastic. We use a restitution factor β = 0.75 for velocities (about 50%
for the energy), because two gas clouds with similar masses and densities, surrounded
by vacuum, that collide with each other would keep half of their initial kinetic energy
in a kinetic form. The dissipated kinetic energy is converted into internal energy for
each gas cloud (particle) and radiated away. With the collision rate of particles, this
ensure that the velocity dispersion dissipates in about a vertical crossing time (in the
absence of triggering source), as found in high-resolution hydrodynamical simulations
of turbulence (Mac Low 1999). The complete equations of the sticky particle code can
be found in Bournaud & Combes (2002).

3.3.4

Modeling star formation and stellar evolution

Star formation Star formation is modeled with a Schmidt law, in which (above a
given gas density threshold) the star formation rate is proportional to the gas density
to the exponent 1.5 with a typical eﬃciency of a few percent (see Section 1.4). In our
simulations, the density threshold is usually set to 0.03 M pc−3 : for a gas disk of
height 200 pc, it corresponds to a surface density of 6 M pc−2 . This is the minimal
density for cool diﬀuse atomic clouds formation, which is only the ﬁrst step towards
star formation. The critical density threshold for star formation is generally above this
minimal density (see review in Elmegreen 2002 and observations by Kennicutt 1989).
The implementation of this star formation recipe is straightforward. In each cell
of the grid, the gas density is computed, and if it exceeds the threshold, gas particles
are transformed into stellar particles with a probability given by the Schmidt law. The
transformation into a stellar particle simply means that the particle stops undergoing
the sticky-particle scheme and that in turn it can be subject to supernova feedback and
stellar mass loss.
Other star formation recipes have been tested during this thesis (see Chapter 4),
but they have been found to give similar results as the standard Schmidt law.
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Energy feedback from supernovae explosions We assume that each stellar particle
contains 15% of its mass in stars more massive than 8M (this fraction corresponds
to a Scalo IMF from 0.1 to 100 M ), and that, when a new stellar particle is formed,
these massive stars instantly explode in supernovae and release energy into the ISM.
Because of the characteristics of the sticky-particle scheme, that does not model thermal
pressure, the only way to take into account this energy feedback is through the deposit of
kinetic energy into the ISM. A fraction (typically 10%) of the energy of each supernova
is thus given to the neighboring gas particles in the form of radial velocity kicks (Mihos
& Hernquist 1994a).
The number of gas particles to which such a kick is given is a free parameter of
the model, and is diﬃcult to constrain. It is however not equivalent to give the kinetic
energy to a small amount of particles (in which case each particle will receive a great
kick, and might escape the galactic disk, while the rest of the disk is left untouched)
or to a larger number (in which case the whole gas is slightly heated). In our galactic
scale simulations in which the typical resolution is 100 pc, we choose to distribute the
energy of a supernova to all the gas particles within its cell.
This ensures, in our case, that each gas particle receives a kick of the order of
1 km/s, following Mihos & Hernquist (1994a).
Continuous gas return from evolved stars The continuous gas return from evolved
stars (mostly supernovae explosions and winds from massive stars and from intermediate
mass stars in the AGB phase—see Section 1.5) into the ISM is implemented following
the scheme proposed by Jungwiert et al. (2001). The return rate is computed for a
Scalo IMF and a solar metallicity, so that the mass fraction lost by a coeval stellar
population after 10 Gyr is 40%. This is an intermediate value between what is obtained
for a Salpeter or Kroupa IMF (return fractions around 30%) and the higher fractions
(∼ 50%) obtained with the Arimoto-Yoshii and Chabrier IMFs, that are top-heavy.
For a stellar population born at a time tbirth and of initial mass Mi , Jungwiert et al.
(2001) propose a gas return rate parametrized as:
dM
c0
= Mi
dt
t − tbirth − T0

(3.1)

with c0 = 5.35 × 10−2 and T0 = 4.86 Myr.
To implement this recipe in our simulations, we assume that a stellar particle represents a population of stars born at the same time. Equation 3.1 gives the probability
for this particle to be transformed into a collection of gas particles as a function of
its age. The date of birth of a star is straightforward to determine for stars that are
born during the simulation, but it is not the case for the stars that are initially present
in the model galaxies we introduce in the simulation. These stars are given a date of
birth between 500 Myr after the Big Bang and the moment at which they are included
in the simulation, with a probability following an exponentially decreasing law with a
characteristic timescale of 4 Gyr.
The new gas particles that are created are given the same velocity as the pre-existing
star, plus an isotropic velocity dispersion of 5 km s−1 (this low velocity is typical of
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winds in AGB stars). The new gas is supposed to be immediately available for star
formation.

3.4

RAMSES

RAMSES is a massively parallel AMR code (Teyssier 2002) aimed at solving the equations of hydrodynamics and gravity. Stars and dark matter are modeled by particles, and
the gas phase is described by its density, velocity, temperature and energy discretized
on a grid. RAMSES is written in Fortran 90 and uses the MPI library.
In this thesis, it has been used to perform simulations of isolated galaxies, these
simulations have run on 512 cores on the Jade supercomputer, a SGI cluster of Intel
Xeon Quad-Core processors with a 3 GHz frequency and 4 GB of memory per core.

3.4.1

AMR structure and reﬁnement criteria

The simulation box is mapped by a set of nested cartesian grids characterized by their
“level”. The coarsest grid corresponds to the `min level and covers the whole simulation
box. This grid, as well as each ﬁner grid (up to a maximal level of reﬁnement `max )
is made of a number of elements called octs, which are groups of 23 cells. The total
eﬀective number of cells on a given level is (2` )3 , but the whole volume of the simulation
box might not be covered by the grid (see Figure 3.2). The maximal resolution reached
in the simulation thus corresponds to Lbox /2`max .

level 1

level 2

level 3

Figure 3.2: Structure of the AMR grid. Left: example of hierarchy with 3 levels of reﬁnement. Right: AMR grid obtained during a high-resolution cosmological simulation. Each color
corresponds to a given level of reﬁnement.

Each level ` cell can be reﬁned into an oct of ` + 1 cells if a user-deﬁned criterion
is met. This reﬁnement criterion is usually based on the mass contained in a cell: as
long as this mass is above a given threshold, the cell is reﬁned (until the maximal level
of reﬁnement is reached). In addition to this criterion, the grid can also be forced to
resolve the Jeans length in the gas by at least 4 cells. Indeed, a gas that should in theory
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be stable can artiﬁcially fragment in simulations when the Jeans length corresponds to
less than 4 cells (Truelove et al. 1997). This criterion cannot be met at the maximal
level of reﬁnement, but we impose a temperature threshold to keep the thermal Jeans
length always larger than 4×∆xmax (see also Section 3.4.3). This models the unresolved
turbulent motions at scales unresolved in the simulations.
The AMR structure, together with the choice of reﬁnement criteria, ensures that
the densest regions of the simulated galaxies are treated at the highest resolution while
no computing time is lost dealing with low density regions.

3.4.2

An eﬃcient multigrid Poisson solver

The ﬁrst step is to use a CIC interpolation to compute the density from the particle
distribution. The passage from the density to the potential cannot be done using FFTs
because FFTs require regular grids (which is not the case with AMR) and are diﬃcult
to implement on distributed memory computers. Instead, iterative methods are used.
The Conjugate Gradient method, that minimizes k 4Φ − ρ k2 starting from a ﬁrst
guess Φ0 is eﬃcient and fast, except when the ﬁrst guess is very diﬀerent from the ﬁnal
solution and when the grid is large. This is typically the case in zoom cosmological
simulations and in galaxy simulations, for which another solver has thus be developed
(Guillet & Teyssier 2010). The multigrid solver uses an iterative solver (Gauss-Seidel) to
smooth the residuals r = 4Φ − ρ. However, only small-scale residuals can be eﬃciently
smoothed by this technique. To accelerate convergence, large-scale modes are corrected
by degrading the problem on coarser grids, where low frequency modes become high
frequency modes and can be smoothed again by another series of Gauss-Seidel iterations.
The corrections are then propagated to the ﬁner levels of discretization, and used to
update the value of the gravitational potential.
Finally, the gradient of the potential is computed using a 5-points ﬁnite diﬀerence
approximation (to smooth possible discontinuities at the interface between coarse and
ﬁne levels) and is interpolated at the position of each particle. The positions and
velocities of particles are then updated with a second order predictor-corrector scheme.

3.4.3

Gas physics: hydrodynamics and modeling of cooling and heating

The gas is considered as a compressible ﬂuid with no viscosity, its dynamical evolution is
governed by a set of equations corresponding to the conservation of mass, momentum
and energy. This system of equations is closed by the choice of an equation of state.
The gas density, velocity, temperature and energy are discretized on all levels of the
AMR grid, and the equations of hydrodynamics are resolved with a Godunov method.
This involves computing ﬂuxes at the cells interfaces: diﬀerences in cell-averaged values
at each cell interface deﬁne a collection of Riemann problems, for which diﬀerent solvers
are implemented in RAMSES. The original Godunov method using cell-averaged values
is however only of the ﬁrst order and very diﬀusive. Progress can be made thanks to
higher order reconstruction methods, for instance a piecewise linear scheme (MUSCL:
Monotone Upstream-centered Schemes for Conservation Laws, van Leer (1979)) with
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Figure 3.3: Equation of state for the pseudo-cooling model. The color scale shows the cooling/heating rate for a gas at one third solar metallicity: the bluest color corresponds to the
equilibrium state for a given density (gas at higher temperature is eﬃciently cooled, gas at
lower temperature is heated). The pseudo-cooling equation of state (dashed line) follows this
equilibrium state, at the exception of low densities, where it is supposed to be halo gas at virial
equilibrium.

an appropriate slope limitor to avoid unphysical oscillations of the solution near discontinuities. This allows to obtain a second-order non-diﬀusive solver, that is for instance
very eﬃcient at capturing shocks.
Resolving the gas cooling and heating equation requires to follow the cooling/heating
processes as a function of metallicity with very small timesteps. This is numerically
costly, and adopting a simple prescription giving the temperature as a function of density allows to reduce the computing time by one third at ﬁxed resolution: simulations at
higher resolution are thus possible, which is particularly important to follow small-scale
structures and the development of turbulence.
The “pseudo-cooling” equation of state that we use assumes an instantaneous equilibrium between cooling and heating processes according to a pre-computed model (see
Figure 3.3). The prescriptions for the temperature as a function of density are computed
for a gas at one third solar metallicity1 (Teyssier et al. 2010):
• n < 10−3 cm−3 : the gas is supposed to belong to the galactic halo and to be at
virial equilibrium within the gravitational potential of the galaxy. Its temperature
is given by:
)2/3
(
n
6
K
T = 4 × 10
10−3
• 10−3 < n < 0.3 cm−3 : at these densities, the gas is supposed to be warm and to
belong to the galactic disk. The UV background from outside the galaxy prevents
it from cooling so that it remains isothermal at T = 104 K (the gas is assumed
to be optically thin so that the whole gas can be heated by the UV background).
1
Note that changing the metallicity only changes the sharpness of the break in the cooling curve
around 0.1–1 cm−3

3.5. High resolution simulations in a cosmological context

69

• n > 0.3 cm−3 : this dense gas belongs to the disk, the equilibrium between atomic
cooling and UV heating is ﬁtted with:
(

T = 10

4

n
0.3

)−1/2

K

At the maximal level of reﬁnement, a pressure ﬂoor is added to ensure that the
thermal Jeans length is always resolved by at least 4 cells, which prevents artiﬁcial
fragmentation. This additional support at small scales can be considered as a model for
the unresolved turbulent motion that would bring pressure support against gravitational
collapse.
This cooling model has been found to naturally produce a cloudy and turbulent
ISM in simulations of galaxy mergers (Teyssier et al. 2010) and of isolated galaxies
(Bournaud et al. 2010). It successfully reproduces the observed gas velocity dispersion,
distribution and power spectrum of the Large Magellanic Cloud, from global scales down
to scales of 5-10 pc (Block et al. 2010; Bournaud et al. 2010).
However, a limitation of this model is that the gas is assumed to be optically thin,
which is known to be false in molecular clouds due to the self-shielding of H2 molecules:
cooling is thus probably underestimated in the simulations. On the other hand, the
only source of heating is assumed to be the external UV background while young stars
within the galaxy could eﬃciently contribute to UV heating. The detailed structure of
the ISM is then probably slightly unrealistic.
Finally, a last limitation is that shock heating is impossible, because the assumption
is made that the gas instantaneously returns to its equilibrium temperature. It is thus
not appropriate to use this model in cosmological simulations, where virial shock heating
is expected to be an important mechanism for galaxy evolution. We will thus only use
it to model gas cooling and heating in isolated galaxies.

3.5

A new technique for high resolution simulations in a
cosmological context

While idealized simulations of isolated or interacting galaxies are extremely useful to
understand the physics of galaxies, they cannot be the only tools used to study galaxy
formation and evolution. Indeed, as seen in Chapter 2, the properties of galaxies are
strongly inﬂuenced by their merger and gas accretion history. Simulations that take
into account the full cosmological context of galaxies are thus needed. On the other
hand, processes governing disk stability and gas dynamics (that in turn inﬂuence star
formation) are also important, but a high resolution is required to follow them accurately.
A standard technique to achieve this double goal is to use zoom cosmological simulations (Katz & White 1993; Governato et al. 2004; Semelin & Combes 2005; Naab
et al. 2007). In this type of simulations, a given sub-volume of the box is simulated
at high resolution, while the rest of the box is kept at a very coarse resolution. The
high-resolution sub-volume is centered on the galaxy that is being studied, and this
volume needs to encompass all particles ending-up in the galaxy at z=0. For instance,
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if the galaxy undergoes a major merger, the satellite galaxy needs to be simulated at
high resolution from the start of the simulation. Depending on the merger history of
the galaxy, and on the trajectory of its progenitors in the simulation box as a function of
time, this can lead to a very complex, and possibly large, zoom volume (in particular in
the case of mergers at low redshift). A too large zoomed volume makes the technique
highly ineﬃcient, so that not all galaxies can be simulated with this technique.
In addition, these simulations are still very costly in terms of computation time. Most
simulations going down to z=0 are limited to a few hundred pc resolution (e.g., Naab
et al. 2007; Agertz et al. 2010), or are stopped at high redshift (typically z = 1 − 2)
if a higher resolution is needed (e.g., Agertz et al. 2009; Ceverino et al. 2009). In
any case, gathering a larger sample of such simulations is a challenge given today’s
supercomputers.
To overcome these limitations, we have developed a new simulation technique.
The goal was to perform simulations in a cosmological context while reaching a high
resolution at the galactic scale, and to keep the computation time reasonably low to be
able to gather a large sample of such simulations or to be able to perform parameter
studies.
This new technique consists ﬁrst in extracting the whole history of a galaxy in a
low resolution cosmological simulation, and to re-simulate this history at higher resolution, taking into account mergers and gas accretion as prescribed by the cosmological
simulation. Since the re-simulation only concerns a given galaxy, the simulation box is
small and the running time is relatively short.
Such a resimulation technique has already been used by Kazantzidis et al. (2008),
Read et al. (2008) and Villalobos & Helmi (2008) to study the stability of a stellar disk
undergoing a series of collisionless minor mergers. A major diﬀerence with our work is
that these simualtions include no gas component (and consider mergers only above a
given mass ratio) so that their scope is limited and they cannot be used to study most
mechanisms governing galaxy evolution.

3.5.1

Cosmological simulation analysis

We performed a dark-matter only cosmological simulation with RAMSES. The simulation box contains 5123 particles and has a comoving length of 20 h−1 Mpc, so that the
mass of a particle is 6.9 × 106 M .
Halo ﬁnding and selection criteria for the main halo The ﬁrst step of the analysis
is to detect the dark matter halos in each snapshot of this simulation, which is done with
the HOP algorithm (Eisenstein & Hut 1998). We set the minimal number of particles
per halo to 10, so that we take into account halos down to a mass of 6.9 × 107 M .
Some particles do not belong to any identiﬁed halo: we will refer to them as “diﬀuse”
dark matter.
We choose a halo in the ﬁnal z = 0 snapshot, with no special restriction on its
merger history but in turn we carefully select it to be relatively isolated (i.e. no massive
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Figure 3.4: Left: dark matter distribution in the cosmological simulation at z = 2. A halo is
chosen (for instance the one indicated with an arrow), and its history is followed down to z = 0.
Right: the history of a halo is recorded from high redshift down to z = 0, with not only the
incoming satellites but also the accretion of diﬀuse material along ﬁlaments.

halo is found within 2 Mpc of this halo). This is done to avoid having to take into
account the large-scale tidal ﬁeld when we re-simulate the history of this halo.
Merger and accretion histories extraction We identify in each snapshot the most
massive progenitor of the main halo and trace it back in time up to high redshift (e.g.
typically z = 5 or 2 ). We start the analysis at this initial redshift, and consider a
spherical boundary centered on the main halo. The boundary has a radius equal to the
virial radius of the main halo at z = 0 (this corresponds roughly to 200 kpc for a galaxy
similar to the Milky-Way). At high redshift, this sphere is much larger than the actual
virial radius of the main halo, and encompasses many other halos as well as diﬀuse
particles. We record these halos and particles present within the boundary at our initial
redshift as part of our initial conditions.
We then record all the halos (the merger history) and all the diﬀuse particles (the
accretion history) crossing the boundary in each snapshot of the simulation (see Figure
3.4), thus building a catalog tracing the history of the galaxy for the initial redshift
down to z = 0.
More details on the exact method we used can be found in Annex A of Martig et al.
(2009).

3.5.2

High resolution re-simulation

The second step of the technique consists in running a new simulation, this time with
the PM-sticky code. The diﬀerence is that now each halo of the cosmological simulation
is replaced with a galaxy made up of gas, stars and dark matter, and each diﬀuse particle
is replaced with a small blob of gas and dark matter particles.
The simulation starts at high redshift, with the main galaxy and its companions (as
recorded in the initial conditions). We then simulate the evolution of this main galaxy
down to z = 0, with each merger and each accretion event taking place as prescribed
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1011

B/T
fg

Mtot >
0.2
0.15

z <1
M
Mtot < 1011 M
0
0.3

1<z <3

z >3

0
0.3

0
0.5

Table 3.1: Characteristics of model galaxies as a function of redshift and mass: B/T is the
bulge to stellar mass ratio, and fg the gas fraction (deﬁned as the ratio of the gas mass to total
disk mass).

by the cosmological simulation.

3.5.3

Model galaxies

Each halo recorded in the cosmological simulation has to be replaced by a galaxy. We
do not create a diﬀerent galaxy for each halo, but instead build a grid of model galaxies,
spanning a large range in mass and redshift. We choose among them the one that is
closest to the cosmological halo in terms of total mass and incoming redshift.
Three diﬀerent redshift bins are considered: low ( z < 1), medium (1<z<3 )and
high ( z > 3). For each of these redshifts, 22 model galaxies are created, with total
masses (dark matter + baryons) from 108 M to 4 × 1011 M . This total mass is
divided into baryons and dark matter according to the universal baryon fraction given
by Ωm = 0.26 and Ωb = 0.045. The baryonic content of the galaxy is then divided
into a gas disk, a stellar disk and a stellar bulge, with a fraction depending both on the
galaxy mass and on the redshift (see Table 3.1). The galaxies are assumed to be richer
in gas with increasing redshift: the gas fraction is set to 0.3 at medium redshift and
0.5 at high redshift (Daddi et al. 2010a; Tacconi et al. 2010). At low redshift, the gas
fraction depends on the mass of the galaxy : 0.15 for massive galaxies and 0.3 for low
mass galaxies. None of our model galaxies is given a stellar bulge, except for massive
galaxies at low redshift.
The dark matter halos follow a Burkert proﬁle, truncated at the virial radius and
with a core radius following the scaling relations of Salucci & Burkert (2000).

3.5.4

Diﬀuse mass accretion

Each dark matter particle identiﬁed in the cosmological simulation is replaced with a
blob of gas and dark matter particles, with a ratio following the cosmic baryon fraction
(the total mass of the new blob is equal to the mass of the initial dark matter particle).
Three models of blobs are created, corresponding to the three redshift bins. In every
case, the distribution of particles is homogeneous in a sphere, the only diﬀerence is the
radius of this sphere. This radius is chosen so that the density of the blob is typically
100ρc , so that the groups of particles are easily disrupted by the tidal ﬁeld of the main
galaxy. The infalling material is thus smooth and continuous, and this mimics the cold
gas ﬁlaments found in cosmological simulations.

3.6. Conclusion: techniques and applications
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Advantages and limitations of this re-simulation technique

The main advantage of this technique is the low computation time2 compared to zoom
cosmological simulations, so that running a large number of simulations is easier. This
makes statistical studies possible, as well as parameter studies: this has for instance
allowed us to vary the star formation eﬃciency and threshold, but also to test the
inﬂuence of feedback and stellar mass loss.
The ﬂexibility and the simplicity of the technique also allow to have a better understanding of what is happening in the simulation. It is possible to run simulations with or
without diﬀuse accretion, or without a given merger, in order to study the speciﬁc impact they have on the main galaxy. Another advantage is that it is possible to simulate
galaxies with all types of merger histories, in contrast to zoom simulations that need
all the progenitors to be in the sub-volume treated at high resolution. Some merger
histories are thus for now impossible to simulate with a standard zoom technique, in
particular if they involve a merger at z ∼ 0 with a massive galaxy, in which case the
sub-volume on which one has to zoom becomes very large.
Finally, the fact that we decouple the evolution of our main galaxy from the expansion of the Universe keeps the physical resolution constant as a function of time. This
is not the case in cosmological simulations, that have a constant resolution in comoving
coordinates, so that the physical resolution decreases with redshift unless (in the case of
AMR simulations) additional levels of reﬁnement are added, with a large computational
cost.
Of course there are also some major drawbacks. The most important is probably
the large number of free parameters for the model galaxies. Even if we carefully select
these parameter to be close to the observed galaxies, we will never reach the level of
diversity found both in observations and in fully cosmological simulations. The case of
our z = 5 galaxies is even more complicated, with very few data both from observations
and previous simulations. Testing the inﬂuence of the choice of these free parameters
on the outcome of the simulation is thus primordial, and it has to be kept in mind that
this is a weak point of the method.
Finally, an important limitation is linked with the sticky-particle model, that poorly
treats the hot gas phase. This technique is thus unable to treat the case of massive
halos (above the critical mass for virial shocks to be stable), for instance massive earlytype galaxies, but also groups and clusters. We are limited to low mass galaxies, for
which we know the cold accretion mode is predominant (see Section 2.3.2)

3.6

Conclusion: techniques and applications

Three diﬀerent types of simulations have been performed during this thesis. First, a
large series (∼ 300) of simulations of idealized major mergers has been run with the
PM-sticky code at a resolution of 130 pc to study the inﬂuence of mergers on the star
formation rate of galaxies.
2
a simulation following ∼ 107 particles from z = 5 to 0 typically runs in ∼ 4 days on a single vector
processor
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In addition, 12 halos have been selected in a cosmological simulation and resimulated with the zoom technique that we have just described. Most of these simulations have been run several times with diﬀerent parameters for star formation, feedback
or stellar mass loss.
Finally, 4 simulations of an isolated galaxy have been performed with RAMSES at
very high resolution (∼ 5 pc) to compare the stability of a gas disk as a function of its
mass and of the Hubble type of its host galaxy (spiral or elliptical).
These simulations will be presented and analyzed in the next chapters.

Chapter 4

Star formation in merging
galaxies: a statistical study

Galaxy mergers are frequent and play an important part in shaping galaxies (see Section 2.2). They are also believed to inﬂuence the star formation history of galaxies.
This chapter will thus be devoted to a statistical study of star formation in merging
galaxies, and will include:
• a description of the set of simulations of galaxy mergers that have been performed
• a study of the inﬂuence on the intensity of the starbursts of the gas content of
the galaxies and of the SFR model chosen
• a comparison of our results with those obtained by Paola Di Matteo with a TreeSPH code
• a study of the inﬂuence of a large-scale tidal ﬁeld (corresponding for instance to
a group or a cluster of galaxies) on the SFR in merging galaxies.
This work has been accomplished in collaboration with Frédéric Bournaud, Chanda
J. Jog and Paola Di Matteo, and the results presented here have been for a part
published in Martig & Bournaud (2008) and Di Matteo et al. (2008). Another paper is
in preparation (Martig, Bournaud & Jog 2010).

4.1

Do galaxy mergers trigger starbursts ?

Larson & Tinsley (1978) have been among the ﬁrst to show the link between galaxy
interactions and star formation: they studied a sample of disturbed galaxies and found
that their colors were consistent with bursts of star formation lasting a few 107 –108
years. Infrared observations have conﬁrmed this strong link: in the Local Universe, the
strongest starbursts, corresponding to Luminous and Ultraluminous Infrared Galaxies,
are found to happen in interacting or merging systems (e.g., Sanders & Mirabel 1996;
Duc et al. 1997, see Figure 4.1). The starbursts can take place in the central regions of
the galaxies, as in M82, or in the overlapping regions, as in the Antennae (Wang et al.
2004).
The theoretical understanding of this process has been strongly linked with the
development of numerical simulations. Toomre & Toomre (1972) performed idealized
simulations of interacting galaxies, which allowed them to suggest: “Would not the
violent mechanical agitation of a close tidal encounter—let alone an actual merger—
already tend to bring deep into a galaxy a fairly sudden supply of fresh fuel in the
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Figure 4.1: Examples of Ultraluminous Infrared Galaxies (from Duc et al. (1997)) that are
merging or interacting systems (R band images, the vertical bar represents 50 kpc).

form of interstellar material, either from its own outlying disk or by accretion from its
partner?”
This picture was conﬁrmed by Barnes & Hernquist (1991), who have shown that
tidal interactions between galaxies can drive gas inﬂows towards the central regions,
fueling a burst of star formation. Mihos & Hernquist (1994b, 1996) found that the
strength of this starburst could depend on the morphology of the merging galaxies:
a massive bulge stabilizes the gas disks during the early phases of the interaction,
allowing more gas to survive till the ﬁnal merging phase, and creating ﬁnally a more
intense starburst. They ﬁnd cases where the enhancement of star formation during the
interaction is consistent with observations of Ultraluminous Infrared Galaxies: in the
two simulations they compare, the SFR is increased by a factor of ∼30 and ∼70 with
respect to an isolated galaxy.
However, such an important increase of the SFR seems to be highly uncommon and
extreme. For instance, in simulations aimed at reproduce NGC4676 (the Mice), Barnes
(2004) ﬁnd a star formation enhancement of a factor of only ∼8, irrespective of the
star formation model chosen (density-dependent or shock-induced). If it is now wellestablished that in the Local Universe the strongest starbursts are found in interacting
galaxies, the reciprocal is probably not true: mergers do not seem to be a suﬃcient
condition to trigger an important burst of star formation. Studies of large samples of
interacting galaxies show that mergers only correspond on average to a SFR increase of
a factor of a few with respect to isolated galaxies. Bergvall et al. (2003) ﬁnd an increase
of a factor 2–3, Li et al. (2007) a similar factor of 1.5–4. Smith et al. (2007) study the
mid-infrared properties of 35 interacting galaxies, and ﬁnd that the speciﬁc SFR is only
twice higher with respect to spiral galaxies. At higher redshift, this conclusion seems
to still hold. For instance, Jogee et al. (2009) study galaxies at 0.24 < z < 0.8 in the
GEMS survey, and ﬁnd that the SFR in merging galaxies is “only modestly enhanced
compared to non-interacting galaxies”. Similarly, Robaina et al. (2009) show that the
SFRs in major mergers is only enhanced by a factor of 1.8 on average.

4.2. Setting up the simulations and measuring the SFR
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Recent series of simulations performed by Kapferer et al. (2005) and Di Matteo
et al. (2007) are in agreement with these observations. Kapferer et al. (2005) study
the integrated SFR in a sample of 50 SPH simulations of galaxy interactions, and ﬁnd
an increase on average of a factor of 2 with respect to isolated galaxies. Di Matteo
et al. (2007) performed a series of 240 SPH simulations, and similarly conclude that
“mergers are not always starburst triggers and galaxy interactions are not a suﬃcient
condition to convert high gas mass quantities into new stars”. Both sets of simulations
study equal-mass mergers, which are the most eﬃcient mechanisms to trigger strong
starbursts: the star formation activity declines rapidly with increasing mass ratios, see
Cox et al. (2008).
Many other factors can inﬂuence the SFR evolution during a simulation: the numerical technique itself, the way gas dynamics and star formation are modeled, the
prescription for the energy feedback from supernovae explosions (Cox et al. 2006) or
Active Galactic Nuclei (Di Matteo et al. 2005), but also the Hubble types of the merging
galaxies, their gas content, the orbit, and possibly also the large-scale environment.
This chapter is thus devoted to a statistical study of equal-mass mergers, and to the
inﬂuence of several parameters on the SFR. We will ﬁrst describe the technique used
and will then present the result we obtained in the diﬀerent cases that we have tested.

4.2

Setting up the simulations and measuring the SFR

We aim at studying the SFR during galaxy mergers, and at determining the eﬀect of
diﬀerent parameters (initial conﬁguration, star formation recipes, gas content, external gravitational potential) on the SFR. For this, a series of simulations is performed
with the PM-sticky code. The spatial resolution is 130 pc, and the mass resolution is
1.5 × 104 M for gas particles, 1.8 × 105 M for stellar particles and 10.8 × 105 M for
dark matter particles. Unless stated otherwise, star formation is modeled with a Schmidt
law, and the star formation eﬃciency is calibrated so that an isolated galaxy forms ∼ 1
M yr−1 .
We simulate the interaction of two galaxies: the “target” galaxy (galaxy 1 in Figure
4.2) and the “companion” galaxy (galaxy 2 in Figure 4.2). Each galaxy is modeled as
a spiral galaxy with a bulge-to-disk ratio of 0.2. Each galaxy contains 7 × 104 stellar
particles in a bulge and in a Toomre disc truncated at 3.3 kpc, and 5 × 104 dark matter
particles in a Plummer sphere truncated at 20 kpc. In the ﬁducial series of simulations,
only the target galaxy hosts a gas disk. In this case, the gas fraction is 15%, the disk
is made of 105 gas particles and truncated at 5.6 kpc. We will test this assumption
in Section 4.3.2, and will show that the gas content of the companion galaxy has in
general little eﬀect on the relative SFR increase per galaxy during the merger.
The simulation starts with the two galaxies, one of them being inclined of 33 degrees
with respect to the orbital plane (this corresponds to the average inclination for an
isotropic distribution of mergers). The impact parameter b is varied from three to six
times the gas disk radius, and the initial relative velocity V from 0.2 to 0.8 Vcirc (see
Figure 4.2). For each combination of impact parameter and velocity, the orientation is
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galaxy 2
V
b
galaxy 1
15 kpc
Figure 4.2: Initial conﬁguration for the series of merger simulations. The impact parameter b
and the initial relative velocity V are varied, as well as the orientation (prograde or retrograde).

Figure 4.3: Star formation rate evolution during a galaxy merger, compared to the SFR in an
isolated galaxy.

varied from prograde and retrograde. We only analyze here the simulations leading to
a merger.
To quantify the SFR increase during a merger with respect to an isolated galaxy,
we deﬁne several quantities. The maximal relative SFR is deﬁned as SFRpeak /SFRisol
(see Figure 4.3). The integrated SFR is deﬁned as the relative SFR, integrated over
the burst duration (the time during which the SFR is 20% higher than the SFR of the
isolated galaxy), or over 400 Myr.
For the needs of the statistical study, we weight each simulation by the likelihood
of its initial conﬁguration. Assuming a random spatial distribution of galaxies, the
probability for a collision to happen is proportional to the cross-section πb 2 . The
collision probability is also proportional to V f (V ) where f (V ) is the probability for
a galaxy to have a velocity V . The ﬁnal weight applied to each simulation is then
b 2 V f (V ). f is generally unknown, and depends on the environment. In the low
velocity regime that we explore here, it should increase with V (e.g., Gnedin 2003;
Benson 2005). We will present here the results corresponding to the two extreme cases
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Figure 4.4: Probability to have a maximal (left panel) and integrated (right panel) relative
SFR larger than the value speciﬁed on the x-axis in the ﬁducial series of simulations, and when
the star formation model and gas content of the galaxies are varied. The results correspond to
the assumption f (V ) = 1.

f (V ) = 1 and f (V ) = V . We will show anyway that this choice has little eﬀect on the
results we obtain.

4.3
4.3.1

A low starburst eﬃciency in galaxy mergers
Results from the ﬁducial series of simulations

The ﬁducial series of simulations correspond to simulations where star formation is
modeled with a Schmidt law, and where only one of the merging galaxies contains gas.
In this case, we ﬁnd a maximal relative SFR of 2.06–2.35 on average (the two values
given correspond to the two assumptions made on f (V )). This means that on average,
and at the maximum of the starburst, a galaxy undergoing a merger forms only twice
as many stars as an isolated galaxy. Mergers are thus not very eﬃcient at triggering
starburst. The statistical distribution shown in Figure 4.4 conﬁrms this picture: only
20% of mergers have a maximal relative SFR greater than 3, and the SFR increase
during a merger is rarely above a factor of 5.
The relative SFR is also low on average: the average relative SFR integrated over
the burst duration is only 0.70–0.72, over the whole merger it is 0.19–0.21 (this means
that over the total duration of the merger, only 20% more stars are on average formed
with respect to an isolated galaxy).
The ﬁrst conclusion to draw from this set of simulations is thus the low star formation
eﬃciency in mergers with respect to isolated galaxies. We will test the inﬂuence of
various parameters on this results to verify its robustness.

4.3.2

Inﬂuence of the relative gas content of the merging galaxies

The same series of simulations has been performed, i.e. with the same set of initial
conﬁgurations, but this time both merging galaxies contain 15% of gas. To be able to
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make a fair comparison with the results of the ﬁducial simulations, we measure the SFR
by only counting stars formed from gas initially belonging to the target galaxy.
We ﬁnd that on average, the maximal relative SFR is 2.59–2.80, slightly higher than
when only one galaxy contains gas. This eﬀect also stands out when comparing the
statistical distributions (see Figure 4.4).
We also ﬁnd a moderate increase of the integrated SFR, which now lies on average
between 0.93 and 0.96 (which represents an increase by a factor of 1.3 with respect
to mergers where only one galaxy contains gas). A relative SFR integrated over the
burst duration greater than 1 (i.e. twice as many stars are formed in the burst as in an
isolated galaxy) is reached by 1% of mergers where only one galaxy contains gas but
by 35% when the two galaxies contain gas (see Figure 4.4).
The higher relative SFRs are not due to a larger amount of gas available for star
formation because of our careful deﬁnition of the relative SFR. Instead, what happens is
that when gas clouds from the two galaxies collide, they can loose angular momentum
and fall towards the center of the galaxies, where the gas density increases and stars
are formed. This noticeable eﬀect is however small, and the relative gas content of the
merging galaxies seems to have little inﬂuence on the relative SFR. This is in agreement
with what Di Matteo et al. (2007) ﬁnd in their statistical study of binary mergers of
ﬁeld galaxies: they show that the total amount of gas available in the galaxies has little
inﬂuence on the star formation eﬃciency during the merging phase.

4.3.3

Inﬂuence of the star formation recipe

Most simulations of galaxy mergers have so far only modeled star formation with a
Schmidt law. A noticeable exception is the work of Barnes (2004) and Chien & Barnes
(2010), who ﬁnd that a shock-induced star formation model is a better match to
observations of NGC 4676 and 7252 that the standard density-dependent law. However,
they have only studied two cases, and we propose here to perform a statistical study of
the eﬀect of diﬀerent star formation recipes on the maximal and integrated SFR during
mergers.
We have tested two diﬀerent star formation recipes:
• a model according to which the SFR is proportional to the gas density times the
angular rotational velocity of the gas disc. It can reproduce the fact that in the inner parts of a galaxy, where the angular rotational velocity is higher, the molecular
clouds have smaller sizes and thus shorter collapse timescales (Elmegreen 1997b).
They also have a higher collision frequency (Silk 1997). This star formation model
has been found to be compatible with observations (Kennicutt 1998b).
• one following Jog & Solomon (1992): they propose that during galaxy collisions,
in the overlapping regions, collisions between HI clouds create a hot and highpressure gas that is able to compress Giant Molecular Clouds through radiative
shocks, thus triggering star formation (we will refer to this model as “SFR=f(P)”).
In our implementation of this recipe, each gas particle in a shock region has 20%
of probability to be transformed into a star particle and the standard Schmidt
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Figure 4.5: SFR evolution during a galaxy merger for three diﬀerent star formation recipes:
the Schmidt law and the two models described in Section 4.3.3. The outcome is similar in all
cases in terms of intensity and duration of the starburst, diﬀerences arise in the later evolution
of the SFR.

law applies for particles that are outside shock regions. The eﬃciency of 20% to
transform gas into stars has been chosen as a conservative value. Indeed, Jog
& Solomon (1992) ﬁnd that during a merger, in the overlapping regions 10%
of the molecular gas could be transformed into stars. The case investigated in
their paper corresponds to shocks with high velocity and high pressure. On the
contrary, Jog & Das (1996) investigate the slow shocks (with lower pressure)
that occur when gas clouds ﬂow into the center of a galaxy, and they ﬁnd here
that 75 to 90% of the molecular gas is transformed into stars. Thus, to cover a
large range of velocities and pressures, it seems reasonable to consider that half
of the molecular gas forms stars, and since the molecular gas could represents
approximately half of the gas content of a galaxy, this leads to our choice of 20%
for the eﬃciency of star formation.
An example of SFR evolution for these diﬀerent models is shown in Figure 4.5 for
a given similar initial conﬁguration: little diﬀerence is found between the three at the
moment of the peak in the SFR. Some discrepancies arise in the subsequent evolution,
but at the end of the simulation the three SFRs have reached the same level again.
From a statistical point of view, we ﬁnd similar average maximal relative SFRs: instead of 2.06–2.35 for the Schmidt law, we now get 2.41–2.72 for SFR ∝ Σg Ω and
1.99–2.35 for SFR = f(P). The statistical distributions shown in Figure 4.4 (left panel)
roughly coincide.
The relative SFRs integrated over the burst duration are also rather similar on
average: 0.70–0.72 for the Schmidt law, 0.64–0.67 for SFR = Σg Ω and 0.70–0.78 for
SFR = f(P). The integrated SFRs tend however to reach higher values for SFR = f(P): a
value of 1 is reached by only 1% of mergers for the Schmidt law and 3% for SFR = Σg Ω,
but by 22% for SFR = f(P).
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4.3.4

Comparisons with SPH simulations

We have performed a detailed comparison of our set of simulations with simulations
performed by Paola Di Matteo with a Tree-SPH code. The results can be found in Di
Matteo et al. (2008), to which we refer the reader for details about the set of SPH
simulations.
In these simulations, the gas is isothermal at T = 104 K, star formation is modeled
with a Schmidt law, and feedback from supernovae explosions is taken into account.
Star formation is studied in interactions of galaxies of all Hubble types, from ellipticals
to late-type spirals. The initial positions and velocities of the galaxies are varied, as
well as the inclination with respect to the orbital plane in order to obtain a set of 672
simulations.
Studying the maximal relative SFR in this sample of interacting galaxies shows that
that mergers do not always trigger starbursts: the SFR is rarely ( 15 % of the cases)
enhanced by a factor larger than 5, and the median value of the SFR enhancement
is only 3.1. These results are remarkably similar to the ones we obtained with the
PM-sticky code and that we described in the previous sections.
An important diﬀerence is that some starbursts reach a maximal relative SFR of
10–20 in the set of SPH simulations (with even an extreme case of relative SFR of
60 during a coplanar merger between an elliptical and an Sa galaxy), which does not
happen in PM-sticky simulations. An explanation could be the diﬀerent set of initial
conﬁgurations explored by the two series of simulations (for instance, no coplanar orbit
is simulated in the PM-sticky case), but it could also result simply from the diﬀerent
numerical technique or from a diﬀerent implementation of the Schmidt law (applied at
the scale of a grid cell in the PM-sticky code vs scale-free in the Tree-SPH code).
Overall, both series of simulations are however in good agreement, and show that
starbursts are rare in galaxy mergers. This result seems to be very robust, since it does
not seem to depend on the code used, the modeling of gas dynamics, the star formation
recipe, the implementation or not of supernovae feedback, and also it does not depend
on the gas content of the galaxies and their Hubble type.
This is in agreement with observations of galaxy mergers at low redshift. For
instance Bergvall et al. (2003) ﬁnd that the SFR is only increased by a factor of 2–3
in interacting galaxies, while Li et al. (2007) ﬁnd a similar factor of 1.5–4. At slightly
higher redshift (0.24 to 0.80), Jogee et al. (2009) also ﬁnd that the SFR in merging
galaxies is “only modestly enhanced compared to non-interacting galaxies”.
Summary
• the maximal relative SFR during a merger of ﬁeld galaxies is on average rather
low (and reaching high values is rare)
• the average burst duration is relatively short (∼100 Myr)
• the fact that only one of the galaxies or both galaxies contain gas does not
signiﬁcantly change the maximal SFR per galaxy during a merger
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• this result is also relatively independent of the star formation model chosen, and
on the modeling of the gas dynamics (sticky-particle or SPH)
The following section will be devoted to the study of another factor that could
impact the SFR in interacting galaxies: the large-scale gravitational potential of a
group or a cluster.

4.4

Inﬂuence of the large scale gravitational potential

At a low redshift, the star formation activity in a given galaxy is anti-correlated to the
density of galaxies that surround it (Lewis et al. 2002; Kauﬀmann et al. 2004), galaxies
in or near groups forming less stars than galaxies in poorer regions of the ﬁeld. In
clusters, star formation is even less active, which is explained by a variety of phenomena
including the ram-pressure stripping (Quilis 2000), galaxy harassment (Moore et al.
1996) and galaxy strangulation (Kawata & Mulchaey 2008). ΛCDM models explain
the Local star formation activity-environmental density relation, but predict that it gets
reversed only at a very high redshift (z > 2). Yet, it has been recently discovered that
the star formation-density relation is already reversed at z ∼ 1, where the star formation
activity of galaxies increases with the local density of the surrounding galaxies, except
in the very densest regions (Elbaz et al. 2007; Cooper et al. 2008). This reversal of
the star formation-density relation at z ∼ 1 is unexplained by hierarchical models and
cannot simply result from major mergers being more frequent in dense environments
(see Elbaz et al. 2007). This suggests that unknown environmental mechanisms can
trigger the star formation activity further than what mergers do. These environmental
processes may still take place during mergers, at least for a part, since the latter remain
a major driver of star formation.
We will here extend the study presented in the previous section to galaxy mergers
taking place in the vicinity of a group or a cluster of galaxies. To this aim, each of the
previously studied initial conﬁgurations is simulated in the periphery of a gravitational
potential representing a galaxy group or cluster. The group and cluster potentials are
represented by Plummer proﬁles, with a mass of 1015 M and a radial scale-length of
400 kpc for the cluster and a mass of 5 × 1013 M and a scale-length of 150 kpc for the
group. The merging galaxy pair is initially set at a distance of 400 kpc from the center
of the cluster (150 kpc for the group), and four diﬀerent conﬁgurations are simulated
(see Figure 4.6):
• Conﬁguration 1: the center of the gravitational potential is in the orbital plane,
in a direction parallel to the initial relative velocity of the galaxies
• Conﬁguration 2: the center of the gravitational potential is in the orbital plane,
in a direction perpendicular to the initial relative velocity of the galaxies
• Conﬁguration 3: the center of the gravitational potential is in the orbital plane,
at 45 degrees from the initial relative velocity of the galaxies
• Conﬁguration 4: the center of the gravitational potential is at 45 degrees above
the orbital plane, and is in projection in the orbital plane at 45 degrees from the
initial relative velocity of the galaxies.
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Figure 4.6: The initial conﬁgurations for simulations of mergers in the periphery of a cluster and
examples of corresponding SFRs. Left panel: illustration of three diﬀerent initial conﬁgurations
(not to scale). The fourth conﬁguration, C4, is similar to C3 but the center of the potential
is not in the orbital plane. Right panel: SFR evolution for a given merger, but with diﬀerent
initial conﬁgurations of the galaxy pair with respect to a cluster. The large scale gravitational
potential can greatly modify the SFR evolution during a merger.

4.4.1

An increased star formation eﬃciency

We ﬁnd that the gravitational potential of a group or a cluster has no inﬂuence on the
star formation rate of a single galaxy, but that it can dramatically modify the SFR of
merging galaxies. An example is shown in Figure 4.6 (right panel): we compare the
SFR during a merger of ﬁeld galaxies, and during the same merger (i.e. same initial
relative position and velocity of galaxies) in presence of a cluster. Both the date and
the intensity of the starburst are aﬀected by the presence of the external gravitational
potential, to an extent that depends on the conﬁguration.
From a statistical point of view, we ﬁnd that the maximal relative SFR, averaged
other the whole sample (which lies between 2.06 and 2.35 for mergers of ﬁeld galaxies),
now lies between 3.56 and 3.58 for mergers near a cluster and between 3.31 and 3.34
near a group. The statistical distribution is also shifted toward higher values for mergers
near groups and clusters (see left panel in Figure 4.7). For instance, while only 45%
of mergers of ﬁeld galaxies have a maximal relative SFR greater than 2, this threshold
is reached by 81% of mergers near a group and 87% near a cluster. The gravitational
potential of groups and clusters thus has a strong eﬀect on the maximal star formation
rate during a galaxy merger.
We also ﬁnd that, on average, the relative SFR integrated over the burst duration is
1.21-1.23 times higher for mergers in the vicinity of groups and clusters than for mergers
of ﬁeld galaxies. The statistical distribution of this integrated SFR is aﬀected by the
cluster/group tidal ﬁeld, as shown in Figure 4.7. Indeed, the fraction of mergers having
a relative integrated SFR over 1 (i.e. 100% more stars are formed during the burst than
in an isolated galaxy) is only 1% for ﬁeld galaxies but reaches 26% near clusters and
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Figure 4.7: Probability to have a maximal (left panel) and integrated (right panel) relative
SFR larger than the value speciﬁed on the x-axis in galaxy mergers taking place in diﬀerent
environments: in the ﬁeld and in the periphery of a cluster or a group. While only 45% of
mergers of ﬁeld galaxies have a maximal relative SFR greater than 2, this threshold is reached
by 81% of mergers near a group and 87% near a cluster. The gravitational potential of groups
and clusters thus has a strong eﬀect on the SFR during a galaxy merger.

20% near groups. This is not due to longer starbursts since the starbursts durations are
very similar in all cases (177–181 Myr for mergers of ﬁeld galaxies, 186–192 Myr for
mergers near clusters and 173–175 Myr near groups), but to higher values of the star
formation rate.

4.4.2

Robustness of the results

Gas content As the previous analyses show that the tidal ﬁeld of clusters and of
groups have similar eﬀects on the star formation rate, we only study here the eﬀect
of a cluster on the SFR of merging galaxies, and we test if the results of the previous
paragraphs still hold when the merging galaxies both contain gas.
We ﬁnd that the eﬀect of the cluster tidal ﬁeld is still clearly noticeable: the maximal
relative SFR is on average 35% (for f (V ) = 1) to 49% (for (f (V ) = V ) higher for
mergers near a cluster than for mergers of ﬁeld galaxies. The fraction of mergers having
a SFR enhanced by a factor of 2 and above is 72% for ﬁeld galaxies with respect to
87% near a cluster. For a SFR threshold of 5, these fractions become 5 % for ﬁeld
galaxies and 19% near a cluster.
This shows that the conclusions we drew in the previous section on the inﬂuence of
an external tidal ﬁeld on the star formation rate during mergers are still valid when the
relative gas content of the galaxies is changed.
Star formation law We have also wanted to test if our results depended or not on the
model chosen to compute the star formation rate. We ﬁnd that the cluster tidal ﬁeld
increases the SFR whatever star formation model is chosen. Indeed, when compared to
mergers of ﬁeld galaxies, the average maximal SFR in mergers near clusters is multiplied
by a factor 1.72-1.93 for the model where the SFR is proportional to Σg Ω and by a
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Figure 4.8: Modiﬁcation of the relative orbit of merging galaxies (shown in the restframe of
the target galaxy) by the tidal ﬁeld of a cluster in Conﬁguration 1 or 2.

factor 1.59-1.86 for the model taking into account the collisions between gas clouds.

The tests we have performed, both on the gas content of the galaxies and on the star
formation model, all conﬁrm that the cluster tidal ﬁeld signiﬁcantly increases the SFR
during galaxy mergers and allow us to be conﬁdent about our results. The following
sections are devoted to an analysis of this phenomenon.

4.4.3

Explanations for the increased star formation near groups and
clusters

The hypotheses We have studied two diﬀerent hypotheses that could explain why
the SFR is increased for galaxy mergers taking place near a group or a cluster.
The ﬁrst one concerns the inﬂuence of the external tidal ﬁeld of a group or a cluster
on the gas dynamics in the merging galaxies. Since the cluster/group has no inﬂuence
on a single galaxy, this hypothesis seems a bit unlikely, but needs to be kept in mind
anyway.
The other one is linked with the inﬂuence of the external tidal ﬁeld on the relative
orbit of the merging galaxies. Indeed, for a given initial position and initial velocity,
the ﬁeld of the cluster/group strongly changes the relative orbits of the galaxies during
a merger. Figure 4.8 shows the orbits in the rest frame of the target galaxy for the
same initial conditions but in three diﬀerent conﬁgurations: without cluster, and with the
cluster in Conﬁguration 1 or 2. Not only does the distance at the pericenter change, but
also the total shape of the orbit can be modiﬁed by the external gravitational potential.
Since the SFR during a merger is strongly related to the orbit, the modiﬁcation of the
orbits by the external tidal ﬁeld could be related with the SFR increase.
To discriminate between the two previous hypotheses, or at least to ﬁnd out which
eﬀect dominates, we have performed some tests.
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Figure 4.9: Tests performed to study the inﬂuence on the SFR of the tidal ﬁeld of the cluster
on the internal gas dynamics in merging galaxies and the inﬂuence of the modiﬁcation of the
relative orbit of the galaxies. The four cases are explained in Section 4.4.3. This ﬁgure shows
that the main factor explaining the SFR modiﬁcation during a merger near a cluster is the orbit
modiﬁcation.

The tests First, we ran a simulation of a merger without cluster and we saved the
position and velocity of the galaxies every ﬁve time-steps. Then, we ran a simulation
with the same initial parameters and with the gravitational ﬁeld of the cluster inﬂuencing
the galaxies but we forced the orbit to be the same as the orbit without cluster (by
repositioning the galaxies on the desired orbit every ﬁve time-steps).
We also performed the symmetrical test: suppressing the cluster ﬁeld but forcing
the galaxies to have the same orbit as if the cluster was there. To sum up, we compared
four cases :
• case 1: cluster gravitational potential is present, and the orbit is as in a cluster
potential
• case 2: there is no cluster gravitational potential but the orbit is forced to be as
in a cluster potential
• case 3: there is no cluster gravitational potential and the orbit is as in mergers
of ﬁeld galaxies
• case 4: cluster gravitational potential is present but the orbit is forced to be as
in mergers of ﬁeld galaxies
If the dominating eﬀect is the inﬂuence of the tidal ﬁeld of the cluster on the gas,
then we should obtain the same SFRs in cases 1 and 4 (and in cases 2 and 3) that have
in common the presence (or absence) of the tidal ﬁeld. On the contrary, if the main
eﬀect is the modiﬁcation of the orbits by the cluster potential, then cases 1 and 2 (and
cases 3 and 4) should give similar SFRs since they have the same orbit.
An example of results is shown Figure 4.9: we ﬁnd that cases 1 and 2 on the one
hand, and cases 3 and 4 on the other hand, give similar SFRs. Here, the SFR is nearly
the same provided that the orbit is the same.
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Figure 4.10: Comparisons of the relative orbits (top panels) and of the time evolution of the
distance between the merging galaxies (bottom panels) in N-body simulations and in simpliﬁed
calculations where galaxies are modeled as point masses and dynamical friction is neglected.

We ran these tests for 10 diﬀerents sets of impact parameters and initial velocities
(which is not enough to give us quantitative statistical results but enough to have
qualitative results). On average over this sample, suppressing or not the cluster ﬁeld
but keeping the same orbit changes the maximum relative SFR by 3% only. On the
other hand, keeping the cluster ﬁeld and changing the orbit induces more important
modiﬁcations in the SFR (the maximum relative SFR varies by 12%).
This allows us to conclude that the cluster tidal ﬁeld might inﬂuence a bit the gas
dynamics but that the main factor explaining the SFR modiﬁcation during a merger
near a cluster is the orbit modiﬁcation. We are now going to study in detail how the
cluster potential modiﬁes the orbit during a galaxy merger.

4.4.4

Link between the relative orbit and the SFR

Modeling the orbits To understand how the cluster modiﬁes the relative orbits of
merging galaxies, we have performed some very simplistic calculations. We consider
the two galaxies as point masses and neglect the dynamical friction: in absence of the
cluster gravitational potential, this is the simple 2-body system. Surprisingly enough,
we ﬁnd that this assumption allows us to reproduce the orbits found in the N-body
simulation with a very satisfying accuracy, at least in the early phase (of course, when
neglecting the dynamical friction, it is impossible to follow the merging phase).
The left panels of Figure 4.10 show the relative orbits (for ﬁeld galaxies) for the
same initial position and velocity in the N-body simulation and in the 2-body simple
case: they are nearly identical till the ﬁrst pericenter passage. Not only the shape of the
orbit is well reproduced, but also the kinematics, since the time at which the pericenter
is reached is the same (see bottom left panel of Figure 4.10).
Adding the cluster gravitational potential, we obtain the middle and right panels of
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Figure 4.10 (they correspond to diﬀerent positions of the cluster with respect to the
merging galaxies). The orbits are also well reproduced in their early stages. The interesting point to make is that the same relative orbits are obtained if the full gravitational
potential is considered (i.e. galaxies move with respect to the cluster) or if just the tidal
ﬁeld is applied, at a ﬁxed position for the galaxies with respect to the cluster center.
Thus, the modiﬁcation of the orbits is only due to the action of the tidal ﬁeld of
the cluster and is not linked with the motion of the galaxies with respect to the cluster
(in the time interval considered, the galaxies do not move enough with respect to the
cluster to experience changes in the gravitational potential).
If we approximate the change in the initial relative velocity of the galaxies due to
the tidal ﬁeld of the cluster by:
(∆V )2 '

GMcluster 2
d
3
acluster

where Mcluster is the mass enclosed in a sphere of radius acluster =400 kpc and d is
typically 15 kpc, we ﬁnd ∆V ' 80 km.s−1 , which is typically of the order of magnitude
of the initial relative velocity of the galaxies (which varies between 40 and 170 km.s−1 )
Modiﬁcation of the distance at the pericenter The modiﬁcation of the orbits by
the cluster potential can be very extreme: their shape can be completely changed. We
do not try here to quantify all the modiﬁcations that can happen, but instead we only
focus on the distance at the pericenter. The reason for this is that the passage at
the pericenter is the moment when the star formation peak happens in most cases
(see Figure 4.11). More exactly, the burst of star formation happens in most cases
approximately 10 Myr after the passage at the pericenter. To understand how the
modiﬁcation of the SFR is related with the modiﬁcation of the orbits, we will thus
focus on what happens at the pericenter.
We ﬁnd that, on average, mergers of ﬁeld galaxies have larger distances at the
pericenter than mergers near groups and clusters: average distances of 5.2 to 6 kpc
are found in the ﬁeld, with respect to 3.0-3.1 kpc near clusters and 2.1-2.2 kpc near
groups. The same trends are found when looking at the statistical distribution of these
quantities (see left panel in Figure 4.12). For instance, distances at the pericenter
greater than 3 kpc are reached by only 22% of mergers near a cluster (27% near a
group), with respect to 73% of ﬁeld galaxies. The tidal ﬁeld of clusters/groups thus
clearly reduces the distance at the pericenter.
Inﬂuence of the distance at the pericenter on the SFR The right panel of Figure
4.12 shows the maximum SFR during a merger as a function of the pericentric distance.
We plot on the same ﬁgure the values corresponding to mergers of ﬁeld galaxies and to
mergers near groups and clusters. We ﬁnd that mergers follow the same trend, whatever
the environment: high distances at the pericenter correspond to small maximal SFRs,
and the other way round.
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Figure 4.11: Date of the SFR maximum as a function of the date of the ﬁrst pericenter passage. The line is not a ﬁt but is here to guide the eye and corresponds to
T(SFR)=T(pericenter)+10 Myr.

Figure 4.12: Distance at the pericenter and star formation for mergers in diﬀerent environments.
Left panel: probability to have a distance at the pericenter larger than the value speciﬁed on
the x-axis in galaxy mergers taking place in the ﬁeld and in the periphery of a cluster or a
group. Right panel: maximal relative SFR as a function of distance at the pericenter. The
tidal ﬁeld of the cluster/group is on average found to decrease the distance at the pericenter,
thus increasing the SFR.
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This seems to be an intrinsic correlation: mergers with small pericentric distances
form more stars. This is consistent with what Kapferer et al. (2005) and Di Matteo
et al. (2007) found in their series of simulations.
The fact that mergers near groups/clusters have higher SFRs than mergers of ﬁeld
galaxies can then be explained by the strong decrease of the pericentric distance for
mergers near groups/clusters which generally leads to higher SFRs.

4.4.5

An observable phenomenon ?

The inﬂuence of the large-scale gravitational potential on the SFR in merging galaxies
seems to be a robust result. One can, however, wonder if this really implies an observable
triggering of the SF activity, because the merging pairs in dense and low-density regions
are not necessarily similar. Galaxies in groups can still contain important gas reservoirs,
but galaxies in the central regions of relaxed clusters at z ∼ 0 are mostly gas-depleted.
The triggering eﬀect of the large-scale tidal ﬁeld should thus mainly aﬀect galaxies
in moderate-density environments like groups, or galaxies in the periphery of relaxed
clusters but not at their center. Galaxies in the periphery of clusters can indeed have
large gas reservoirs (Egami et al. 2006, see also Chung et al. 2007 for Virgo spirals). In
the light of our results, we may then speculate that the speciﬁc SFR of galaxies (at least
interacting ones) in the outer regions of clusters is higher than in both the ﬁeld and the
central cluster regions. Statistical comparison of the outskirts of clusters compared to
the ﬁeld and to the central cluster regions could conﬁrm this prediction. A ﬁrst step
in this direction might be the work of Temporin et al. (2009), who ﬁnd “an excess of
bright mid-IR sources at redshift z > 0.3 at cluster-centric radii 200–500 kpc”.Ã22
Starburst triggering by a large-scale tidal ﬁeld could also concern galaxies at high
redshift, in young/forming clusters where interactions are more frequent and where the
quenching mechanisms do not have time to act yet.

4.5

Conclusion

A low star formation eﬃciency The series of simulations that we have performed,
as well as other statistical studies, highlight the low eﬃciency of galaxy interactions
at triggering starbursts. This result is robust versus changes in the gas content of the
merging galaxies and in the star formation model, as well as in the modeling of the gas
dynamics (SPH versus sticky-particle). A large scale gravitational potential can increase
the average SFR in merging galaxies, but only by a factor of a few.
These studies seem to indicate that mergers might not be the main triggering
mechanism for starbursts, and that their contribution to stellar mass build-up might
be limited (see also for instance Robaina et al. 2009). This is also in agreement with
resolved observations of high redshift galaxies that indicate that most star formation at
z = 1–2 could occur in isolated galaxies on a quiescent mode (Förster Schreiber et al.
2009; Daddi et al. 2010a).
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Figure 4.13: Eﬀect of resolution on star formation during a merger (Teyssier et al. 2010). Left:
gas map for an AMR simulation with a ∼ 100 pc resolution and a temperature of ∼ 104 K,
typical of most simulations performed so far. Right: gas map for the same simulation but
at much higher resolution (12 pc) and with gas that can cool down to a few 100 K. At low
resolution, the interaction triggers an inﬂow of gas that fuels a central starburst while at high
resolution the gas can fragment, which leads to much more extended star formation.

Modeling and resolution issues ? It was argued by Barnes (2004) that simulations
modeling star formation with a Schmidt law failed at reproducing interacting galaxies
with extended star formation like NGC 4038/9, Arp 299 and NGC 7252. They showed
that in these cases a model of shock-induced star formation was more appropriate: when
gas inﬂows are triggered by the interaction, a density-dependent star formation model
causes most star formation to occur in a nuclear starburst.
Teyssier et al. (2010) showed however that this seems to be an issue more related
to resolution than to modeling of star formation. They performed a series of AMR
simulations of the Antennae galaxies, with a “standard” resolution (∼ 100 pc and a
gas temperature of 104 K, which is typical of most merger simulations that have been
performed recently) and with a much higher resolution (12 pc and gas allowed to cool
down to a few 100 K). At low resolution, they ﬁnd that the interaction triggers the
growth of spiral arms and drives gas inﬂows towards the center of the galaxy, so that
most star formation occurs in the central kpc (see left panel in Figure 4.13). This
corresponds to the standard picture of mergers triggering a nuclear starburst. On the
other hand, with a 12 pc resolution, they ﬁnd a completely diﬀerent result: the spiral
arms rapidly fragment into dense clumps where star formation occurs eﬃciently, and
the inﬂow towards the center of the galaxy is reduced (see right panel in Figure 4.13).
An increase in resolution has thus changed a nuclear starburst into a system with
extended star formation, without the need for a diﬀerent star formation model. High
resolution simulations (see also Bournaud et al. 2008) also show that during mergers
star formation happens within massive gas clouds (10–100 times more massive than
normal molecular clouds) because the interaction triggers turbulence and increases the
gas velocity dispersion, thus increasing the Jeans mass. As a consequence, ∼50% of
stars are formed eﬃciently within massive Super Star Clusters.
The consequences of this new picture are still unclear because the current sample of
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high resolution simulations is very small. Powell et al. are currently performing a series
of AMR simulations of major mergers with a maximal resolution of 5 pc. Over the ﬁrst
six simulations, they ﬁnd a mixture of nuclear and extended starbursts, which shows
that nuclear starbursts can still occur at high resolution (many observed interacting
galaxies have nuclear starbursts anyway). They ﬁnd a typical SFR increase during the
interaction of a factor of 8–10, which is higher than what we found in this chapter but
might not be signiﬁcant given the small sample of high resolution simulations.
It is very likely however that most simulations performed so far (including ours)
haven’t been able to capture the mechanisms triggering starbursts in galaxy mergers,
so that most results concerning the intensity and location of star formation are very
uncertain. In addition, gas inﬂows and nuclear starbursts are probably less frequent than
what low resolution simulations indicated. This could have important consequences for
our understanding of bulge growth during mergers and might also cast doubt on the
standard picture of the fueling of AGNs by merger-induced gas inﬂows.
Mergers in a cosmological context Even if high resolution simulations will certainly
help understand the mechanisms for star formation in mergers, they will still have some
intrinsic limitations that could make it hard to compare them with observed galaxies,
particularly at high redshift. Indeed, since the merger rate increases with redshift, it
is frequent for high redshift galaxies to undergo simultaneous (or nearly simultaneous)
mergers with many companions. An example is shown in the left panel of Figure 4.14 of
a galaxy surrounded by several satellites, on the verge of undergoing a series of mergers.
It thus seems that binary merger simulations might not be the most realistic case (at
least at high redshift). In addition, continuous gas accretion from cosmic ﬁlaments can
also bring in fresh fuel for star formation (see right panel in Figure 4.14), sustaining
star formation activity for a longer time.
The complete understanding of the role of mergers in the star formation history of
the Universe will thus require not only to perform a large set of high resolution AMR
simulation to understand how mergers aﬀect gas dynamics and trigger starbursts, but
also to focus on high resolution cosmological simulations to constrain the interplay
between mergers, gas accretion and disk instabilities.
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Figure 4.14: Mergers in a cosmological context: maps extracted from a cosmological resimulation. Left: Map of the stellar distribution (50x50 kpc panel) showing a galaxy undergoing
a series of mergers. Right: Map of the gas surface density (for another output of the simulation,
400x400 kpc panel): the two merging galaxies are surrounded by many satellites and by large
reservoirs of gas. The presence of such an amount of gas can increase the SFR during the merger.
This shows that “cosmological” mergers are much more complex than the idealized binary
mergers we simulated in this chapter, so that our results might not be valid in a cosmological
context.

Chapter 5

Stellar evolution and disk survival
in spiral galaxies

The formation of spiral galaxies with a small bulge is a real challenge for galaxy formation
models. This issue can be partly solved by increasing the simulations’ resolution and
taking into account the feedback for supernovae, but not to the point of forming galaxies
similar to the Milky Way. In this chapter, we investigate the eﬀect of feedback and
stellar mass loss on bulge and disk growth in spiral galaxies. This chapter includes:
• a short review of the current models of disk galaxy formation and a presentation
of the various stellar evolution processes that could be relevant for bulge and disk
growth
• a detailed study of a cosmological re-simulation in which the eﬀects of supernovae
feedback and stellar mass loss are compared
• a presentation of an ongoing statistical study, showing the ﬁrst results on the
inﬂuence of stellar mass loss in 4 additional cosmological re-simulations.
Part of this work (the eﬀect of stellar mass loss in a single simulation) has been published
as a Letter to ApJ (Martig & Bournaud 2010).

5.1

Spiral galaxies in cosmological simulations

The formation of disk-dominated galaxies remains a challenge for modern cosmology (White 2009; Burkert 2009). Bright spiral galaxies with stellar masses around
1011 M at z = 0 typically have bulge-to-disk mass ratios (B/D) of 0.2 to 0.4 (Weinzirl
et al. 2009). For instance, the Milky Way itself has a B/D ratio of 0.35-0.40 (Robin
et al. 2003). Luminosity ratios in near-infrared and optical bands are even lower (Graham & Worley 2008). However, cosmological simulations predict much higher bulge
fractions, and consequently a baryonic angular momentum much lower than observed.
The hierarchical assembly of dark matter halos drives successive galaxy mergers, followed by a rapid growth of central bulges. Indeed, a single major merger, even starting
with a high gas fraction, will generally end-up with more baryons in the bulge than
in the disk (Springel & Hernquist 2005; Robertson et al. 2006; Hopkins et al. 2009).
Successive minor mergers also drive bulge growth (Bournaud et al. 2005).
It has been realized recently that the assembly of baryons onto galaxies is far from
being only driven by mergers. Rapid accretion of cold gas is another major mode of
galaxy assembly (Dekel et al. 2009). This cold accretion mode could apparently feed
disk-dominated galaxies, but it makes the disks so massive and turbulent that they
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violently fragment into giant clumps (Dekel et al. 2009; Agertz et al. 2009). Clump
coalescence will rapidly fuel the bulge (Noguchi 1999; Bournaud et al. 2007), and
signatures of this additional bulge formation process have been observed (Genzel et al.
2008; Elmegreen et al. 2009). Disk internal secular evolution can also lead to the slow
buildup of pseudo-bulges (Kormendy & Freeman 2004).
A general result is that the rapid formation of massive bulges appears unavoidable
because of the combination of mergers and disk instabilities. The most disky galaxies in
cosmological models have B/D around 1 in the best cases and generally higher, in both
the merger-driven and stream-fed dominant modes (e.g., Brooks et al. 2009; White
2009; Gibson et al. 2009; Scannapieco et al. 2009; Ceverino et al. 2009. The bulge
fraction problem is related to the well-known spin crisis: galaxies could gain angular
momentum from gravitational torquing by satellites (Porciani et al. 2002), but the early
build-up of bulges quenches this process. Energy feedback from supernovae explosions
can regulate star formation and keep the gas fraction higher, so that disk components
survive mergers more easily. Stream-fed disks with eﬃcient supernovae feedback can
then have realistic rotation velocities, in agreement with the observed Tully-Fisher relation (White et al. 2008; Ceverino & Klypin 2009; Brooks et al. 2009; Gibson et al.
2009; Piontek & Steinmetz 2009a), but the mass fraction in these fast rotating disks
remains too low compared to their bulges, meaning that the real angular momentum
is low. High bulge fractions thus remain as a separate issue that supernovae feedback
cannot solve, even when many feedback models are tested in numerical simulations
(Scannapieco et al. 2009; Piontek & Steinmetz 2009b). In turn, a recent study by
Agertz et al. (2010) seems to suggest that models with a high star formation eﬃciency
and an eﬃcient feedback are doomed to produced bulge-dominated galaxies (S0 and
Sa) and that a low star formation eﬃciency is the key to form late-type spirals. Even
though they only study the evolution of one galaxy, their work highlights the sensitivity
of bulge and disk formation processes to the sub-grid recipes used to model unresolved
phenomena like star formation, feedback and stellar mass loss.
In this chapter, we propose to study the inﬂuence of feedback and stellar mass loss
on disk formation and survival. We compare their eﬀects in a series of ﬁve cosmological
re-simulations following the growth of ﬁve galaxies from z = 5 to z = 0.

5.2

Mass and energy feedback from evolved stars

We study the eﬀect of supernovae explosions and stellar mass loss on disk and bulge
growth in spiral galaxies. “Stellar mass loss” refers to the return of gas into the ISM by
stars at diﬀerent stages of their lives. It mainly corresponds to the gas released during
supernovae explosions, stellar winds and planetary nebulae, depending on the initial
mass of the star.
Massive stars (M > 8 M ) have a very short lifetime and explode in Type II
supernovae after 4 to 40 Myr depending on their mass. The supernova explosion
corresponds to the collapse of the stellar core into a neutron star or a black hole, while
outer layers are expelled, releasing large amounts of metals and energy into the ISM.
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Figure 5.1: Mass loss for diﬀerent IMFs. The left panel shows the diﬀerent IMFs considered,
and the right panel the corresponding gas fraction released in the ISM as a function of time.
Values for the Salpeter, Kroupa and Arimoto-Yoshii IMFs are from Lia et al. (2002), while
the values for the Scalo IMF are from Jungwiert et al. (2001). Top-heavy IMFs correspond to
higher gas return rates, but in most cases the fraction of gas released in the ISM after 10 Gyr
lies between 30 and 50%.

These massive stars also have strong winds while on the main sequence or during more
evolved phases.
Unlike massive stars, intermediate-mass stars ( 0.8 < M < 8 M ) reinject very little
mass in the ISM as long as they are on the main sequence (for instance, the Sun has
a mass loss rate of only 10−14 M yr−1 ). However, once helium begins to be burned
in their core (and then in outer layers), mass loss becomes much more important,
in particular during the asymptotic giant branch (AGB) phase. The ﬁnal stage of
evolution of these stars is the planetary nebula phase, during which what remains of
the atmosphere is slowly ejected (with typical velocities of a few km/s), leaving behind
a white dwarf.
Gas return to the ISM is thus dominated by winds from massive stars and SNII
explosions during the ﬁrst 40 Myr of the life of a single stellar population (SSP). After
that, winds from intermediate mass stars in the AGB phase become important, with
lower rates but longer timescales. The total mass of gas returned and the rate of
restitution depend of course on the Initial Mass Function. Values corresponding to
several IMFs are shown in Figure 5.1: typically, a stellar population loses between 30
and 50% of its mass in 10 Gyr. This means for instance that nearly half of the mass
of the stars formed at z > 2 is returned into gas by z = 0, and it is expected to have
strong consequences on galaxy evolution, all the more so since most of the ejected gas
has a low velocity with respect to the escape velocity of a massive galaxy.
The eﬀects of Type II supernovae are very frequently included in simulations at the
galactic and cosmological scales, but fewer simulations have also taken into account
other sources of mass loss. Simulations of isolated galaxies (e.g., Jungwiert et al. 2001)
can study the eﬀect of stellar mass loss on mass re-distribution inside a galaxy, but
lack a cosmological context. The eﬀects of gas return can be aﬀected by the fact that
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bulges and disks do not necessarily have the same age, that disks are gradually built, or
that mergers can cause starbursts, all of this changing the age of the stars in a galaxy,
and the rate at which they lose gas.
The re-simulation technique that we have developed precisely allows us to take into
account the cosmological context while resolving small-scale physics. We will present
the details of the simulations performed and of the analysis technique used before
showing the results of a series of simulations studying the eﬀect of feedback and stellar
mass loss on bulge and disk growth is spiral galaxies.

5.3
5.3.1

Numerical set up and methods for analysis
The set of simulations

We use the cosmological re-simulation technique to follow the evolution of ﬁve galaxies
from z = 5 to z = 0. To select these galaxies, we avoid dense environments and
halos undergoing many violent mergers so that the chosen halos are prone to hosting a
disk-dominated spiral galaxy at z = 0.
The simulation box is 800 kpc-large, the maximal spatial resolution (gravitational
softening) is 150 pc and the mass resolution (particle mass) is 1.5 × 104 M for gas,
7.5 × 104 M for stars, and 3 × 105 M for dark matter. Gas dynamics is modeled
with a sticky-particle scheme and star formation is computed with a Schmidt law with
an exponent of 1.5. The threshold for star formation is set to 0.03 M pc−3 , which
corresponds to the minimal density for diﬀuse atomic clouds formation (Elmegreen
2002). Each halo is simulated once with and without stellar mass loss. In one case,
feedback from supernovae has also been tested. The implementations of feedback and
mass loss are described in Section 3.3.4.

5.3.2

Measuring bulge and disk mass

The structural properties of the galaxies were analyzed at z = 0 within a sphere of
radius R25 . We tested diﬀerent techniques to discriminate between the bulge and the
disk.
First, we used azimuthally-averaged stellar density proﬁles: an exponential disk is
ﬁtted and the mass excess in the central regions corresponds to the bulge. A similar
study was performed with i-band surface luminosity proﬁles, that have the advantage
to be more easily compared to observations.
We also performed a decomposition based on kinematics, and more precisely on the
angular momentum of each star. We computed the total angular momentum of the
gas disk in its inner 10 kpc, and set this as the z axis. For each stellar particle, we
then computed ε = jz /jcirc , the ratio of its angular momentum along the z axis to the
angular momentum it would have if it were on a circular orbit (that is jcirc = r × vcirc ).
Histograms can then be built from the position of each star and from its value of ε (see
also Scannapieco et al. 2009). Figure 5.2 shows an example of such a 2D histogram.
The disk component is easily identiﬁed in the region ε ∼ 1 while the rest of the
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disk

20 kpc

Figure 5.2: Disk/bulge decomposition based on kinematics. Left: 2D-histogram of the eccentricity ε = jz /jcirc as a function of radius for all stars within R25 . The disk component is
identiﬁed in the region ε ∼ 1. Right: Face-on and edge-on maps of all stars identiﬁed as
belonging to the disk.

histogram corresponds to stars belonging to the bulge, the bar and/or the halo. The
regions corresponding to the disk are delimited by eye, and we check that the stars that
have been identiﬁed as disk stars indeed belong to the disk by plotting the maps shown
in Figure 5.2.
The two techniques can in some cases give diﬀerent results, and both have their
advantages and limitations (Scannapieco et al. 2010). Using surface density (or luminosity) proﬁles allows easier comparisons with observations, and in the case where a bar
is present it might be possible to detect it by substracting a bulge and a disk proﬁle to
the total surface density proﬁle. However, this requires to assume a functional form for
the proﬁles, for instance an exponential proﬁle for the disk, which can lead to errors if
the disk does nor follow this proﬁle.
On the other hand, using the kinematics is extremely eﬃcient at detecting the
disk, whatever its proﬁle, and it is a robust method since in most of our cases the area
occupied by the disk in the 2D histograms is easily identiﬁed. However, it does not allow
to separate the bar from the bulge, and no comparison with observations is possible. In
particular, the disks identiﬁed with with method do not extend up to the center of the
galaxy (see Figure 5.2), and are systematically less massive than when measured from
the radial proﬁles. In this chapter, we are however interested in comparing the eﬀect
of supernova feedback and stellar mass loss on disk growth and survival rather than in
comparing absolute values of the masses of bulges and disks to observations. We have
thus chosen to use the kinematics technique, that is more reliable. We keep in mind
that the masses of the disks are probably underestimated: the disks we detect do not
extend to the center of the galaxy, and the mass of the bar is not counted as belonging
to the disk.
Finally, a very simple way to roughly characterize the Hubble type of a galaxy is
to measure its concentration index C = R90 /R50 , where R90 and R50 are the radii
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Figure 5.3: Galaxy evolution from z = 5 to 0. Left: Evolution of the stellar mass within R25 .
Right: i-band surface brightness maps (50 kpc x 50 kpc panels)

enclosing 90 and 50 percent of its r band luminosity (see also 1.6). An elliptical
galaxy following a de Vaucouleurs proﬁle is expected to have C = 5.5, while for an
exponential disk C = 2.3 (Strateva et al. 2001). Over large samples of galaxies in the
SDSS, Shimasaku et al. (2001) proposes that C = 3 sets the limit between early- and
late-type galaxies, while Strateva et al. (2001) and Kauﬀmann et al. (2003b) propose
C = 2.6. In this study, we will only use the concentration index to compare galaxies
and not to ﬁrmly determine their Hubble type, so that the exact value of the threshold
is of little importance for us.

5.4

Formation of a disk galaxy

This section is devoted to a detailed study of the formation and evolution of a galaxy
from z = 5 to 0, and to a comparison of a ﬁducial case (where only star formation is
included) to a case with feedback and a case with stellar mass loss.

5.4.1

Bulge and disk growth

The galaxy is initialized at z = 5 as a very gas-rich disk, with a gas fraction of 0.5 with
respect to total baryonic mass. Its time evolution is shown on Figure 5.3. Interactions
and mergers with companion galaxies rapidly transform the initial disk into a spheroid.
At later times, star formation in gas left over after these early mergers and gas
gradually brought in by cosmic gas ﬂows and merging satellites builds a large disk,
while interactions continue to grow a bulge. At z = 0 the galaxy has a bulge and an
exponential disk with grand design spiral arms. Its total stellar mass is 1.16 × 1011 M ,
with a disk-to-total ratio of 0.24.
The disk is primarily made of stars that have formed from diﬀuse gas accreted from
ﬁlaments (92% of the disk mass), with only 8% of the mass coming from satellite
galaxies and a negligible contribution from the initial galaxy. On the contrary, the bulge
contains 7% of stars from the initial galaxy, 23% from satellites and 70% from diﬀuse
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Figure 5.4: Eﬀect of feedback and stellar mass loss on stellar surface density proﬁles (left)
and circular velocity proﬁles (right) at z = 0.

accretion. At z = 0, the median age of bulge stars is 9.7 Gyr versus only 4.1 Gyr for
disk stars: this diﬀerence reﬂects the much earlier formation of the bulge.

5.4.2

A comparison of the eﬀect of feedback and stellar mass loss

We ﬁnd that feedback has a noticeable eﬀect on the morphology of the stellar disk
(see Figure 5.5): the spiral arms are thicker than in the ﬁducial case because feedback
counterbalances the gravitational collapse of gas clouds in the disk. However, the
surface density proﬁle is nearly unchanged, as well as the circular velocity (Figure 5.4).
The total disk mass and the disk-to-total ratio are thus also very similar to the ﬁducial
case (D/T =0 .26 instead of 0.24).
On the contrary, stellar mass loss has a much stronger eﬀect on disk growth, with
a ﬁnal disk-to-total ratio of 0.46 (Figure 5.5), which corresponds to an increase of a
factor of 2 with respect to the ﬁducial case. The surface density proﬁle also shows
that the bulge density is decreased to the advantage of the disk (Figure 5.4), and the
rotation curve is ﬂatter.
We also ﬁnd that the stellar disk is signiﬁcantly older than in the ﬁducial case, with
a median age of 6.2 Gyr (instead of 4.1 Gyr). This diﬀerence results from a combination
of an earlier disk formation since more gas is present at high redshift and a relative lack
of younger stars that have been transformed into gas.

5.4.3

Understanding the eﬀect of stellar mass loss

There are at least two ways in which stellar mass loss can support the survival of large,
massive disks. First, it can keep the gas fraction higher in young galaxies before a
merger occurs, which helps disks survive against destruction, both because the gas can
absorb some kinetic impact energy and can form of a new thin stellar disk (Hopkins
et al. 2009; Moster et al. 2010).
Second, the bulge, stellar halo and thick disk components release fresh gas after
interactions and mergers: this decreases their mass and increases that of the thin gas
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fiducial

20 kpc

feedback

mass loss

Figure 5.5: Eﬀect of feedback and stellar mass loss on disk mass and morphology. Left:
Histograms of eccentricity as a function of radius for the ﬁducial simulation, the simulation with
feedback and the simulation with stellar mass loss. Middle: Face-on maps of i-band surface
brightness for the three simulations. Right: Edge-on maps of i-band surface brightness for the
three simulations.
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Figure 5.6: Gas angular momentum build-up as a function of time. Left: Total speciﬁc angular
momentum of the gas as a function of time. The arrow marks an increase in the speciﬁc angular
momentum that is due to the ﬂy-by of a satellite galaxy. Right : Gas density distribution during
the ﬂy-by. The satellite galaxy is marked by an arrow and panels are 100 Myr apart.

disk. The gas lost by the thick disk has a high angular momentum and, when it cools,
it can settle in an extended gas disk. By contrast, the gas returned by the bulge should
have a low angular momentum, and should form a compact disk at the center of the
galaxy. This compact disk can however be torqued by satellites into a large, high-spin
disk that gradually forms new stars. Figure 5.6 shows how the gas disk gains angular
momentum following the ﬂy-by of a satellite: over ∼500 Myr, the speciﬁc angular
momentum of the gas is doubled because of the interaction with the satellite galaxy.
Finally, another possibility for angular momentum re-distribution in the disk is the radial
migration of disk stars that can arise from resonant interactions with spiral arms: Roškar
et al. (2008) have shown, in a Milky-Way like galaxy, that up to 50% of stars in the solar
neighborhood could have migrated from the inner disk. Although we haven’t searched
for this eﬀect in our simulations yet, it is also a possible mechanism, and both external
interactions and internal evolution can in principle help the formation of an extended
stellar disk.

5.5

Towards a statistical study

To try and understand better the eﬀect of mass loss on disk survival, we have performed
four additional cosmological re-simulations. The galaxies studied have stellar masses at
z = 0 of 1.22 × 1011 M , 5.50 × 1010 M ,4.80 × 1010 M and 3.53 × 1010 M . Each
galaxy is simulated once with only star formation, and once with star formation and
stellar mass loss. To begin with, we decided not to include supernovae feedback since
its eﬀects seemed limited for the ﬁrst galaxy we simulated.
Figure 5.7 shows i band surface brightness maps of the four simulated galaxies
at z = 0 in the simulation including mass loss. We ﬁnd a variety of morphologies,
with two galaxies having a strong bar (galaxies a and d), a galaxy with a very clumpy
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Figure 5.7: Face-on and edge-on i band surface brightness maps of the four simulated galaxies
at z = 0 in the simulation including mass loss (50x50 kpc panels).

mass distribution and no obvious spiral structure (galaxy b), and a galaxy with a large
asymmetry (galaxy c).
When we measure the disk-to-total mass ratios in both series of simulations (ﬁducial
and with mass loss), we also ﬁnd a large variety of behaviors.

5.5.1

Stellar mass loss: a variety of eﬀects

Figure 5.8 shows the disk/bulge kinematic decomposition for the four simulated galaxies.
Not only do the galaxies exhibit a large range of values of D/T, from ∼0.25 for galaxy d
to ∼0.5 for galaxy b (which is consistent with the maps shown in Figure 5.7), but also
the eﬀect of stellar mass loss is far from being trivial.
In two cases, stellar mass loss behaves as expected from the ﬁrst simulation performed, i.e., it increases D/T. This is the case for galaxy a (D/T increases from 0.27
to 0.38) and galaxy c (D/T increases from 0.39 to 0.51).
Over the total sample of ﬁve simulations, we thus ﬁnd three cases in which mass
loss increases the disk mass, and two cases where it has the opposite eﬀect. Even if
the sample is much too small to hope and draw ﬁrm conclusions on the eﬀect of mass
loss, we tried to get an insight on the explanations for this intriguing behavior. Possible
explanations include:
• a lower star formation rate, leading to a lower rate of gas return
• a diﬀerent bulge growth history
• a lower rate of radial migration, keeping into a very compact disk the stars formed
from gas returned by the bulge. This might happen in the absence of spiral arms
and/or if tidal torquing by satellites is ineﬀective.
We tested the link between the eﬃciency of stellar mass loss and the bulge formation history by studying the evolution of the concentration index C = R90 /R50 (see
Figure 5.9). We ﬁnd a signiﬁcant diﬀerence between simulations in which stellar mass
loss would increase the disk mass and simulations in which it has the opposite eﬀect.
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a - fiducial

a - mass loss

b - fiducial

b - mass loss

c - fiducial

c - mass loss

d - fiducial

d - mass loss

Figure 5.8: Eﬀect of stellar mass loss on disk-to-total mass ratio for four simulations. Each row
corresponds to a diﬀerent simulation, without and with stellar mass loss. The labels (a to d)
are the same as in Figure 5.7.
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Figure 5.9: Study of the concentration index C = R90/R50 for our sample of ﬁducial simulations. This index is an approximate measure of the Hubble type of galaxies, with spirals having
C . 2.6–3 and early-type galaxies being more concentrated. The color coding distinguishes
simulations in which mass loss is eﬃcient at reducing C (i.e. it has a positive eﬀect) from the
two simulations for which there is an inverse eﬀect. Simulations with a negative eﬀect have in
common a lower concentration over most of their history.

The two galaxies for which mass loss is ineﬀective are the two simulations with the
lowest concentration at z = 0, which also have on average a lower concentration over
their whole history (or at least between z = 3 and z = 0, where most of galaxy growth
happens). They tend to have a more monotonic evolution of their concentration, with
in particular in one case (galaxy b) a steady but slow decrease of concentration from
z = 3 to z = 0 that corresponds to the slow build-up of a disk.
Even if this sample of simulation is small, it seems that stellar mass loss is particularly
eﬀective in galaxies that are more concentrated: a more massive bulge can indeed lose
more mass so that the eﬀect of mass loss (i.e. the transfer of mass from the bulge to
the disk) is stronger. In the extreme case of a bulgeless galaxy, mass loss is expected to
have no eﬀect at all, with the gas returned by disk stars staying in the disk and forming
new disk stars.
Galaxies that have a quiet formation history, with few mergers, are thus expected to
be less aﬀected, and all the more so if satellites are also important for radial migration
of stars within the disk.

5.5.2

Simulated galaxies on the Tully-Fisher relation

A way to test how realistic our galaxies are is to compare them with the observed
Tully-Fisher relation (Tully & Fisher 1977). For spiral galaxies, there is indeed a tight
correlation between their luminosity and their rotation velocity. Forming galaxies following this relation has been a real challenge for simulations so far, even if recent studies
including feedback have much improved the situation (e.g., Piontek & Steinmetz 2009b;
Agertz et al. 2010).
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Figure 5.10: Simulated spirals on the Tully-Fisher relation. The absolute i band magnitude and
the circular velocity at R80 (the radius enclosing 80% of the i band luminosity) in the ﬁducial
simulations and in the simulations including mass loss are compared to observed values obtained
by Pizagno et al. (2007) for SDSS galaxies. The lines mark their best ﬁt as well as the 1σ and
2σ limits.

We compare our results to observations of SDSS galaxies by Pizagno et al. (2007).
To allow for a fair comparison, we use the same way of computing the rotation velocity:
like them, we measure it at R80 which is the radius enclosing 80% of the i band
luminosity of a galaxy. The results are shown in Figure 5.10: we ﬁnd that all our
simulations including mass loss lie with 2σ of the observed relations, while two of
the ﬁducial simulations are oﬀset by more than 2σ. This oﬀset is probably just the
consequence of their earlier Hubble type, since S0 galaxies tend to lie below spirals on
the Tully-Fisher relation (Mathieu et al. 2002).
Mass loss thus seems to produce galaxies that are in relatively good agreement with
the observed Tully-Fisher relation. The fact that all our galaxies lie on or below Pizagno
et al.’s best ﬁt could be a consequence of the way we compute the i band magnitude.
Indeed, we use a Salpeter IMF, and Piontek & Steinmetz (2009b) have shown that
using this IMF instead of a Chabrier IMF (which is ﬂatter in the low mass range, and
probably more realistic) underestimates the i band luminosity. The agreement with
observations could then be improved by using a Chabrier IMF, which will be tested in
future work.

5.5.3

Discussion

Potential modeling issues It has been shown by Agertz et al. (2010) that bulge and
disk growth is very sensitive to the sub-grid recipe used for star formation, in particular
to the star formation eﬃciency. The galaxy they follow can end-up at z = 0 as a S0-Sa
galaxy if a star formation eﬃciency of 5% is used but can become a Sb-Sbc for an
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Figure 5.11: Simulated spirals on the Kennicutt relation. The black dots correspond to data
for spiral galaxies in Kennicutt (1998b), the black line is the corresponding best ﬁt and the
dashed lines are the 1σ limits. The red triangles correspond to values measured in the ﬁducial
simulations, the blue disks are measured in the simulations including stellar mass loss. Large
symbols correspond to densities averaged within the optical radius of galaxies, the small symbol
are measured in 1 kpc-wide annuli between R = 0 and R = 10 kpc.

eﬃciency of 1%. In this work, we calibrated our star formation model so that galaxies
would follow the Kennicutt relation at z = 0 (see Figure 5.11). A slight change in the
star formation eﬃciency would however still keep our galaxies in agreement with the
Kennicutt relation, which makes the calibration nearly impossible. A good calibration
of the eﬃciency could be achieved in simulations resolving molecular clouds (i.e., with
a spatial resolution below 10 pc), which is for now not possible for simulations in
a cosmological context. The aim of our work is thus not to try and reproduce the
distribution of bulge-to-disk ratios of observed spiral galaxies, but rather to study the
diﬀerent mechanisms inﬂuencing bulge and disk growth.

Galaxies for which the eﬀect is the strongest We ﬁnd that the eﬀect of stellar mass
loss on disk survival and regulation of bulge growth can be major. It can signiﬁcantly
reduce the disk-to-total ratio, and is probably an important ingredient to account for the
formation of massive, disk-dominated, late-type spiral galaxies in cosmological models.
The eﬀect is however the strongest in bulge-dominated galaxies, that can be transformed into late-type spirals. The mechanism is found to have no inﬂuence in late-type
spirals with a quiet merger history. It can then not be an explanation for the formation
of bulgeless galaxies, that represent 16% of local spirals Kautsch et al. (2006)) but are
still a mystery for galaxy formation models. Note also that the lack of inﬂuence of
mass loss for galaxies with a quiet history could be the reason why Agertz et al. (2010)
conclude that including mass loss has no eﬀect on their simulated galaxy.
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Cosmological importance of stellar mass loss The eﬀect of mass loss on bulges
does not imply that all galaxies would end-up with a spiral-like morphology at redshift
zero. Gas return promotes disk survival against mergers and disk instabilities, but will
preserve a disk-dominated galaxy only if the mergers are not too numerous, do not
happen too late, and the internal instabilities not too violent. For instance, a galaxy
undergoing a major merger at low redshift would still end-up as a z = 0 elliptical or
lenticular, because of a stellar population globally too old to return a signiﬁcant amount
of gas. Such z = 0 ellipticals are indeed found in our cosmological simulations with
the same technique (see Figure 5.12). Gas consumption, stripping and strangulation
in groups, will also support the survival of early-type elliptical and S0s. Thus, gas
return from stellar populations can explain the origin of some late-type galaxies, without
challenging the formation of early-type galaxies in systems that undergo later mergers
or more violent internal instabilities.

z=2

z=0.5

z=0.1

z=0

z=2

z=0.5

z=0.1

z=0

Figure 5.12: Formation of an elliptical galaxy in a cosmological re-simulation including stellar
mass loss (face-on and edge-on i band maps, 50x50 kpc panels). The late merger transforms
the spiral into an elliptical: this shows that stellar mass loss does not systematically lead to the
formation of spiral galaxies.

Chapter 6

The colors of spiral and elliptical
galaxies
This chapter is devoted to a study of the color bimodality that is observed in the
Local Universe as well as at higher redshift (see Section 1.6). Spiral galaxies have low
bulge-to-disk ratios and are actively star forming, with blue colors. Early-type galaxies
(ETGs), which are spheroid-dominated lenticulars and ellipticals are red, non- or almost
non-star-forming. Most explanations that have been proposed to this bimodality involve
processes that remove the cold gas reservoir of ETGs and/or shutdown gas accretion.
We propose a new reddening mechanism (“morphological quenching”) that can explain
the red colors of ETGs even when they still contain some cold gas.
In this chapter, we will
• review the “traditional” quenching mechanisms that are based on gas heating or
removal, and discuss their successes and limitations
• introduce the theoretical motivations for morphological quenching
• demonstrate the occurrence of morphological quenching in a cosmological resimulation
• present the ﬁrst results from a high resolution (5 pc) study of gas stability in
elliptical and spiral galaxies
• discuss some possible observational tests of morphological quenching
• conclude on the possible mechanisms for the evolution of galaxies to and from
the Red Sequence
The results presented in the ﬁrst part of this chapter have been published in Martig,
Bournaud, Teyssier & Dekel (2009).

6.1

Quenching mechanisms based on gas heating or removal

Large scale galaxy surveys like the SDSS have revealed the existence of a critical stellar
mass of ∼ 3 × 1010 M dividing galaxies in two families (e.g. Kauﬀmann et al. 2003b).
Low-mass galaxies have young stellar populations and are typically spiral galaxies, while
in the high mass range most galaxies are red-and-dead ETGs. This bimodality is also
observed at higher redshift, up to z ' 1, although with a decreasing strength (COMBO17, Bell et al. 2004, UKIDSS Ultra Deep Survey, Cirasuolo et al. 2007—see Figure 6.1).
This color bimodality shows that the morphological transformation of spirals into
ellipticals has to be accompanied by a “quenching” of their star formation, which shifts
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Figure 6.1: Color-magnitude diagrams for galaxies in diﬀerent redshift bins in the UKIDSS
Ultra Deep Survey (Cirasuolo et al. 2007). The color bimodality that is observed at z = 0
between red-and-dead spiral galaxies and blue star forming spirals is still present at higher
redshift, although it seems to begin to fade at z & 1. The quenching processes should have
long-lasting eﬀects to explain the existence of a Red Sequence over several billion years.
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them to the Red Sequence. The quenching mechanisms must be able to account both
for the shutdown of star formation in massive galaxies and for the maintenance of this
eﬀect over long periods of time.
The most obvious quenching mechanism could simply result from the consumption of the cold gas reservoirs of the galaxies during the starburst accompanying the
merger(s) giving birth to the ETGs. However, it seems that on average the intensity
of these starbursts is rather low (see Chapter 4), so that the whole gas reservoir of a
galaxy cannot be consumed during a merger. In addition, gas accretion from ﬁlaments
could re-fuel the galaxy in cold gas. In the standard picture, some extra quenching processes are thus needed to completely remove the cold gas reservoir of these post-merger
galaxies and to shut down any fresh supply of cold gas.

6.1.1

Hot halos around massive galaxies at low redshift

A critical halo mass of ∼ 1012 M for the existence of a stable shock at the virial radius
has been proposed by Birnboim & Dekel (2003) and Dekel & Birnboim (2006), and
demonstrated in cosmological simulations by Kereš et al. (2005, 2009) and Ocvirk et al.
(2008). This threshold is relatively independent of redshift, so that massive galaxies
are surrounded by a hot gas halo (see also Section 2.3.2), although at high redshift
cold ﬂows are able to penetrate this hot halo and feed the galaxies with cold gas. At
low redshift however, and in massive galaxies, all the infalling gas is shock heated.
This explains the shutdown of the supply of cold gas in massive galaxies and provides
a natural explanation for the existence of a mass threshold in the galaxy bimodality
(Cattaneo et al. 2006; Dekel & Birnboim 2006).
However, slow cooling in the halo as well as condensation of cold clouds because
of thermal instabilities (Fall & Rees 1985) could gradually re-supply cold gas to the
galaxy. Additional quenching mechanisms are thus required to keep the gaseous halo
hot and maintain the quenching of star formation over long periods of time. Feedback
from Active Galactic Nuclei (AGNs) and gravitational heating are among these possible
extra mechanisms.

6.1.2

AGN feedback

Observations have revealed a strong correlation between the mass, velocity dispersion,
or luminosity of a stellar spheroid (from bulges in spiral galaxies to massive ellipticals)
and the mass of its central black hole (Faber et al. 1997; Magorrian et al. 1998; Ferrarese
et al. 2001), which suggests that most early-type galaxies host supermassive black holes.
In some of these galaxies, strong signs of nuclear activity are observed in the form of
powerful jets and winds, particularly at high redshift (e.g., Reeves et al. 2003; Nesvadba
et al. 2008). This suggests that there is a possibility of feedback by these active nuclei
into the ISM of their host galaxy and the surrounding gas. The mere existence of a
correlation between black hole mass and bulge mass has even been proposed as a sign
of feedback by some authors (Silk & Rees 1998; Murray et al. 2005; Fabian et al. 2006),
although this is a controversial point (Jahnke & Maccio 2010; Sutter & Ricker 2010).
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Croton et al. (2006) have proposed a model in which two diﬀerent modes of feedback
are possible (see also Cattaneo et al. 2009):
• the “quasar mode”, most eﬀective at high redshift, triggered by the rapid inﬂow
of large amounts of cold gas in the central regions of the galaxies. This inﬂow
could itself be triggered by galaxy mergers (Di Matteo et al. 2005). In addition
to the injection of momentum into the ISM by jets and winds, an important
component of the feedback is due to the strong radiation ﬁeld coming from the
high luminosity accretion disk that surrounds the black hole (Ciotti & Ostriker
2007). In the most extreme cases, all the gas could be ionized or blown away,
leading to a quenching of star formation (Silk & Rees 1998). This model, in
which AGN activity is triggered by mergers, thus provides a natural connexion
between morphological change and color evolution.
• the “radio mode”, eﬀective at lower redshift and corresponding to a sustained
low-energy activity that could be fueled by the slow cooling of gas belonging to
a hot halo. The eﬀects of this feedback are stronger in massive galaxies at low
redshift because a hot gas halo is the necessary condition for its existence, and
because the eﬀects of winds are stronger on a hot diﬀuse medium than on clumpy
cold gas (Slyz et al. 2005). This mode of feedback could then be the source of
heating allowing the maintenance of a hot gas halo around massive galaxies at
low redshift.
Recent observations of radio galaxies by Herbert et al. (2010) support the idea that
there could be a dichotomy in nuclear activity as a function of gas accretion mode (cold
or hot) onto the central black hole.
Diﬀerent recipes for AGN feedback have been included in simulations (Springel et al.
2005; Hopkins et al. 2005) as well as in semi-analytic models (Cattaneo et al. 2005;
Bower et al. 2006; Croton et al. 2006; Somerville et al. 2008), successfully leading to
a quenching of star formation in massive early-type galaxies. However, none of these
models is motivated by an understanding of the physics of black holes, accretion disks,
jets and winds: black hole physics does not give any robust prediction for characteristic
mass scales and redshifts. The recipes for black hole growth and AGN feedback are
thus ﬁnely tuned to produce the required quenching.
The exact mechanisms creating the winds and the jets are indeed still to be uncovered, although it is for instance suspected that the power of the jets is strongly linked
to the spin of the black hole and the structure of the accretion disk (Nemmen et al.
2007; Benson & Babul 2009). Even the processes triggering gas inﬂows from scale of
∼ 1 kpc to the central regions of the galaxies are still subject to debate (Shlosman et al.
1990; Goodman 2003; Thompson et al. 2005; Hopkins & Quataert 2009). In addition,
the interaction of winds and jets with the ISM and the gas surrounding the galaxies is
also very complex (see for instance Nesvadba et al. 2010), and some jets might be too
collimated to have any eﬀect on their host galaxy.
Consequently, even if the presence of black holes in massive ETGs and the existence
of energetic processes like jets and winds are now ﬁrmly established, the possibility of
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AGN feedback and its possible consequences on star formation quenching are largely
debated (Cattaneo et al. 2009).

6.1.3

Gravitational heating

Radiative losses in the internal regions of hot gas halos could also be counterbalanced by
gravitational heating (Dekel & Birnboim 2008; Johansson et al. 2009): infalling baryons
(satellite galaxies or gas clumps already present in cosmic ﬁlaments or condensed from
the hot gas phase) deposit energy into the gas, heating it and preventing its cooling.
The transfer of energy from the clumps to the hot gas could be achieved through
a variety of processes: the stirring of turbulence and its dissipation, weak shocks, or
ram-pressure drag (see also Murray & Lin 2004). In the case of massive satellites,
dynamical friction could be the main source of heating, even though some of the energy
could also transfered to the dark matter halo.

6.1.4

Environmental eﬀects

In addition to the previous mechanisms, the large-scale environment of a galaxy (i.e.
if it belongs to a group or cluster) can also strongly aﬀect its color. Baldry et al.
(2006) show for instance that in the SDSS the fraction of red galaxies increases in
denser environments (see also Figure 6.2). Similarly, the fraction of early-type galaxies
increases towards the centers of clusters (e.g., Dressler 1980), and massive ellipticals are
on average older when they belong to clusters than when they are in the ﬁeld (Thomas
et al. 2005).
However, the fraction of blue star-forming and post-starburst galaxies in clusters
increases with redshift (Butcher & Oemler 1984; Dressler et al. 1999; Poggianti et al.
2006). This diﬀerence between high redshift clusters and their local counterparts corresponds also to a diﬀerence in their galaxies’ Hubble types. High redshift clusters
contain almost no lenticular (S0) galaxies but more spirals than z = 0 clusters, while
the fraction of ellipticals is unchanged (Dressler et al. 1997 ﬁnd for instance that in
clusters at z = 0.5 “the S0 fraction is 2-3 times smaller, with a proportional increase
of the spiral fraction.”)
This suggests that the cluster environment has an eﬀect on the morphological transformation of spirals into lenticulars and on the quenching of their star formation. A ﬁrst
step towards understanding this phenomenon has been made thanks to observations of
the gas distribution of these galaxies. Spiral galaxies in clusters are often HI-deﬁcient,
particularly towards the centers of the clusters, and, when they host a HI disk, it is
often reduced in size with respect to their stellar disks (see for instance Cayatte et al.
1990 for a detailed study in Virgo and Bravo-Alfaro et al. 2000 in Coma).
A mechanism has been proposed by Gunn & Gott (1972): the motion of galaxies
through the intra-cluster medium creates a “ram-pressure” that could strip some gas
from the galactic disk, provided that the force due to the external pressure exceeds the
gravitational attraction of the galaxy. They predict that the outer regions (R > 5 kpc)
of a gas disk could be stripped, still leaving behind some HI potentially available for star
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Figure 6.2: Distribution of Dn (4000)—a measure of the stellar population age—and stellar
mass as a function of the environment for galaxies in the SDSS (ﬁgure extracted from Blanton
& Moustakas 2009). The red and blue lines indicate the average location of the blue and red
sequences. The environment has a strong inﬂuence on the way both sequences are populated:
most old galaxies are found in high density environments.

formation. In numerical simulations, Quilis (2000) ﬁnd in turn that most of the gas can
be stripped, although other groups have shown that the amount of gas removed from
a galaxy depends on the strength of the ram-pressure and on the orbit of the galaxy
with respect to the cluster (Abadi et al. 1999; Roediger & Hensler 2005; Roediger &
Brüggen 2006; Kronberger et al. 2008). By and large, even if some cases of ram-pressure
stripping are observed (see for instance NGC 4522 in Kenney & Koopmann 1999), this
mechanism alone is probably not responsible for the quenching of star formation in
clusters and the transformation of spirals into lenticulars (e.g., Abadi et al. 1999).
Part of the required quenching could be also provided by strangulation mechanisms,
i.e. the removal of the hot gas halo of the galaxies as they fall into the cluster (Larson
et al. 1980; Kawata & Mulchaey 2008; Bekki 2009) and the fact that no cold gas
ﬁlament can feed cluster galaxies with fresh gas. Interactions are also a potential
source of morphological transformation and gas consumption, especially since they are
much more frequent in dense environments and at high redshift (van Dokkum et al.
1999). The eﬀects of this “galaxy harassment” are particularly important for dwarf
galaxies (Moore et al. 1996).
The relative importance of these mechanisms is still under debate, and may vary
as a function of redshift, galaxy mass, type and large-scale environment. In particular,
a picture emerges in which pre-processing in groups could be particularly important
(Verdugo et al. 2008), but these intricate eﬀects still need to be clariﬁed.
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Motivations for further investigation

The uncertainties associated with feedback mechanisms Apart from galaxies residing in high density environments, and for which signs of gas stripping are often
observed (even if the exact interplay between possible quenching mechanisms is still
debated), there is still a lack of understanding of quenching mechanisms. No observation has been able so far to disentangle the eﬀects of shock heating, AGN feedback
and gravitational heating, and quantify the relative importance of these mechanisms as
a function of galaxy type, mass and redshift. Most simulations are also lacking resolution to accurately follow gas dynamics and star formation, which are crucial ingredients
when trying to understand quenching. For instance, Cattaneo et al. (2009) conclude
in their review on AGN feedback that “it is computer simulations that indicate the
need for quasar quenching, but these simulations are based on uncertain models for star
formation and the physics of the interstellar medium.”
Resolution and modeling issues in galaxy formation simulations Understanding
quenching mechanisms in a cosmological context requires to correctly account for star
formation. One intrinsic limitation in galaxy-scale and cosmological simulations is that
they need to resort to sub-grid recipes for star formation. For instance, the Kennicutt
relation links the star formation rate to the local gas density to the exponent 1.5.
Not only is the universality of this relation itself now debated (Daddi et al. 2010b;
Genzel et al. 2010), with potentially diﬀerent regimes of star formation in starbursts
and “normal” galaxies, but also the detailed outcome of a simulation can largely depend
on the sub-grid parameters chosen (see for instance a discussion of the eﬀects of the
star formation eﬃciency and gas density threshold in Agertz et al. 2010).
In addition, a maybe even more crucial issue is the resolution and the modeling of
gas dynamics in the simulations where such a law is used to compute star formation.
Indeed, the Schmidt-Kennicutt law being a non-linear relation, it is not equivalent at all
to derive the SFR from a smooth, unresolved, medium-density gas disk or from the gas
distribution corresponding to a highly clumpy ISM, with very small and dense clouds
surrounded by large underdense regions.
An accurate description of the color evolution of galaxies with gas disks thus relies
on resolving star-forming clumps, which implies that the spatial resolution should be
much better than one kpc, and the mass resolution should be at least ∼ 105 M .
The turbulent velocity dispersion should also be correctly simulated, which implies that
shear instabilities such as spiral arms must be resolved. This requires the presence of
a cold gas phase below 103 K, corresponding to a spatial resolution better than 100 pc
in hydrodynamical simulations. A low spatial or mass resolution or a high temperature
ﬂoor in the ISM modeling might prevent the formation of substructures and leave the
gas disks smooth in all galaxies, making it impossible to resolve dense star-forming
clouds.
These arguments allow to cast doubt on results obtained in some very low resolution
simulations. For instance, Khalatyan et al. (2008) conclude that AGN feedback is
necessary to explain the reddening of ETGs after a merger, but their spatial resolution
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is only 2.8 kpc, and the mass resolution of their SPH particles is 2.1 × 106 M . This
highlights the need for further studies of gas dynamics in ETGs, all the more so since
no clear picture emerges from the observations.
The existence of red low mass ETGs in the ﬁeld Most numerical and theoretical
studies so far have been focused on massive galaxies and on galaxies residing in highdensity environments. This is natural since most red galaxies actually belong to one
(or both) of these categories. However, there also exist some lower-mass ETGs in
the ﬁeld, and their colors are also red, suggesting that their star formation has also
somehow been quenched. These galaxies that are below the shock-heating mass scale
do not have a hot gas halo preventing cold gas accretion, and neither AGN feedback
nor gravitational heating are eﬃcient in this case. In the very low-mass range, feedback
from supernovae explosions could heat the ISM and create winds, but this eﬀect is
limited to shallow gravitational potentials (Dekel & Silk 1986). No mechanism seems
to be able to account for the red colors of ETGs residing in halos of 1011 -1012 M .
The observed gas content of ETGs Most quenching mechanisms explain the red
colors of ETGs and their low SFR by the disappearance of their cold gas reservoir. In
the local volume, the gas content of ETGs is indeed often less than 1% of the baryonic
mass, if detected at all (e.g., Bregman et al. 1992 for atomic gas; Combes et al. 2007
for molecular gas).
However, a large fraction of local ETGs are in the Virgo cluster or in dense groups,
which implies that they should have lost their cold gas via ram pressure stripping, harassment or strangulation (see Section 6.1.4). Recent studies suggest that HI detections
are actually common among ﬁeld ETGs (Morganti et al. 2006; Grossi et al. 2009; Serra
et al. 2009). In the ATLAS3D sample of 262 nearby ETGs, Serra et al. (2009) detected
HI in about half of the galaxies outside Virgo, with HI masses from ∼ 107 to a few 109
M (see also Figure 6.3). In these cases, HI is typically found either in very extended
(up to ∼200 kpc) disks or rings with regular kinematics or in irregular structures and
tidal tails (Morganti et al. 2006; Oosterloo et al. 2007).
Nevertheless, dense gas is also sometimes found in the internal regions of ETGs.
Substantial amounts of molecular gas can be found in ETGs, with masses up to a few
109 M (Wiklind et al. 1995; Combes et al. 2007; Sage et al. 2007), often settled in
a regularly rotating disc (Crocker et al. 2008, 2009; Young et al. 2008). Even if most
ETGs seem to follow the Kennicutt relation (Combes et al. 2007), some cases are found
of massive red ETGs containing large amounts of dense gas, with only unusually low
levels of star formation. A noticeable example is the elliptical galaxy NGC 2320 (Young
et al. 2009). This very red object (B − V ∼ 1) contains about 5 × 109 M of molecular
gas in a disk of a few kpc of radius, not counting any possible atomic gas component,
but its SFR remains at undetected levels, while such a high mass of molecular gas would
turn any spiral galaxy blue. ESO 381-47 is another red ETG that has an unusually low
star formation eﬃciency in its gas disk, as reported by Donovan et al. (2009). Morganti
et al. (2006) showed that NGC 3414 and 4278 host large HI disks but only old stellar
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Figure 6.3: Neutral hydrogen content of ETGs in the ATLAS3D sample (Serra et al. 2009).
Left: HI mass as a function of K band luminosity for ETGs inside and outside Virgo. Filled
circles correspond to HI-detected galaxies and open triangles to upper limits. HI is detected
in approximately half of the galaxies outside Virgo. Right: HI maps of some isolated galaxies
(each panel has a size of 180×180 kpc). In these galaxies, HI is typically distributed in extended,
regularly rotating disks.

populations.
Quenching in gas rich ETGs ? We propose a new mechanism called “morphological
quenching” (MQ), in which star formation is quenched even for ETGs in halos of
moderate masses. Contrary to the mechanisms proposed so far, we show that an ETG
can spontaneously turn red without having its cold gas removed, and could even contain
amounts of cold gas similar to those of some spiral galaxies. This gas would be stabilized
against star formation by the morphological transition from a rotating stellar disk to
a pressure-dominated spheroid, which induces a steeper potential well and reduces the
disk self-gravity. Observations of disk galaxies with various bulge fractions (Kennicutt
1989) had already shown that bulge dominated galaxies form stars less eﬃciently than
disk-dominated ones. We propose that this morphological quenching of star formation
could participate in the reddening of elliptical and lenticular galaxies.

6.2
6.2.1

A new mechanism: morphological quenching
Theoretical expectations: gas stability in elliptical and spiral galaxies

Gravitational instability is a necessary condition for eﬃcient star formation in a galactic
disk (e.g., Elmegreen 2002; Li et al. 2005; Kawata et al. 2007) The instability of a
two-component (gas and stars) disk is characterized by an eﬀective Toomre parameter
(Jog & Solomon 1984; Elmegreen 1995) deﬁned by (see also Section 2.4.1)
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Q −1 = αg Qg−1 + αs Qs−1
πGΣg
3.36GΣs
= αg
+ αs
κσg
κσs

(6.1)

The stellar surface density Σs in Equation 6.1 refers to the stars that co-rotate in a
relatively thin disk and not to the stars that populate the spheroids, bulge or halo. In
particular, for an elliptical galaxy with all the stars in a pressure-supported spheroid,
Qs ∼ ∞ . A lenticular galaxy with a thick, kinematically hot stellar disk embedded in
a massive bulge has Qs >> 1.
The basic idea of morphological quenching is that the star formation in a gaseous
disk could be severely suppressed even if the disk is relatively massive once it is embedded
in an early-type galaxy (an elliptical or a bulge-dominated lenticular). A similar gas disk
could be eﬀectively star-forming in a spiral galaxy where most of the stellar mass is in a
rotating disk. As a result, the former type of galaxies would naturally have red colors,
while the latter would be bluer. The diﬀerence in disk stability arises from two main
eﬀects: (i) the higher concentration of the stellar mass in an ETG, aﬀecting Q via κ,
and (ii) the contribution of the stellar disk to the self-gravity in a spiral, aﬀecting Q via
Σs . From another perspective, when the stellar disk becomes a spheroid in an ETG,
the self-gravity of the gas disk that is left behind can fail to balance the disruptive tidal
forces, which prevents the assembly of star-forming clumps.
Bulge-dominated galaxies are therefore likely to form stars less eﬃciently than diskdominated ones, as observed by Kennicutt (1989) for disk galaxies with various bulge
fractions. We here propose that this eﬀect could actually lead to quenching of star
formation in E and S0 galaxies and make them red. Furthermore, in the following,
we show in numerical simulations that morphological quenching can naturally occur in
the cosmological context, and that gas disks with masses up to several 109 M can be
stabilized in ETGs. Our simulations suggest that a rather high turbulent speed (σg ) can
be maintained in a stabilized gas disk in an ETG, which provides the pressure support
necessary for stability.

6.2.2

Morphological quenching in a cosmological re-simulation

We perform a cosmological re-simulation following the evolution of a ﬁeld galaxy from
z = 2 to z = 0. The spatial resolution is 130 pc while the mass resolution is
1.4 × 105 M for stellar particles, 2.1 × 104 M for gas particles, and 4.4 × 105 M for
dark matter particles. Star formation is modeled with a Schmidt law with an exponent
1.5 above a density threshold of 0.03 M pc−3 (another simulation has been performed
with a star formation threshold of 0.25 M pc−3 ). Neither feedback from supernovae
explosions nor mass loss from evolved stars are included in the simulation.
Between z = 2 and z = 0, the dark matter halo grows from 2×1011 to 1.4 × 1012 M ,
always below the critical mass for virial shocks to be stable so that “traditional” quenching mechanisms are expected to be ineﬃcient in this galaxy. We study the galaxy’s mor-
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Figure 6.4: Evolution of the distribution of gas (top panels) and stars (bottom panels). The
box size is 40 kpc in physical units. The sequence of snapshots highlights the three phases of
evolution. Until t = 6.5 Gyr, there is a gradual build-up of a stellar spheroid due to a suite of
mergers. At t = 10.5 Gyr, the system is toward the end of the MQ phase, showing a large gas
disk and a massive stellar spheroid. At t = 13.5 Gyr, after the major merger, the galaxy is an
elliptical.

phological evolution (Figure 6.4), together with the evolution of its stellar and gaseous
masses, star formation rate (Figure 6.5) and integrated B − V color (Figure 6.6).
The galaxy goes through three diﬀerent phases of growth:
• a ﬁrst series of minor mergers (four of which have mass ratios between 4:1 and
10:1) from z ' 2 to 1, during intense starbursts take place and a stellar spheroid
is built,
• a long quiescent phase from z ' 1 to 0.2, with smooth gas accretion at a high rate
of ∼ 10 M yr−1 building a gas disk: this is the morphological quenching (MQ)
phase during which the elliptical galaxy remains red in spite of a large reservoir
of cold gas,
• a major merger with a mass ratio of 1.5:1 at z ' 0.2 that destroys the gas disk
and triggers a starburst.
A case without the ﬁnal major merger but the same history for other mergers and
diﬀuse mass accretion is also studied. In this modiﬁed simulation, the whole mass
corresponding to the incoming galaxy (both dark matter and baryons) is removed. In
this case at z = 0 the galaxy is a blue spiral, and this will be discussed in Section 6.2.4.
In this section, we will focus on the quiet phase lasting from z ' 1 to z = 0.2. After
the initial mergers building a stellar spheroid, no merger takes place other than with
tiny satellites. This phase is quiescent in terms of merger events, however diﬀuse gas is
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Figure 6.5: Evolution of the stellar and gas components in the central sphere of radius 25 kpc.
Left: mass in stars (solid, blue) and in baryons (dashed, red). Right: the fraction of gas with
density above 0.01 M pc−3 with respect to the total baryonic mass and the star formation rate.
The shaded area highlights the morphological-quenching phase, where the SFR is suppressed
and the stellar content is almost constant while the gas content is increasing gradually due to
continuous accretion. The earlier and later phases are characterized by high gas fraction and
high SFR. The growth in the early phase is dominated by a sequence of minor mergers, and in
the late phase by a major merger.

continuously infalling from a cosmic ﬁlament at a steady rate; the average gas accretion
rate across the virial radius of the studied galaxy during this phase is 9 M yr−1 .
The infalling gas adds to the gas mass left over after the initial mergers, so that
the cold and dense (ρ > 0.01 M pc−3 ) gas mass in the studied galaxy increases from
5.1×109 M at t = 8 Gyr to 1.3 × 1010 M at t = 11 Gyr (left panel of Figure 6.5).
During the quiescent phase, the galaxy thus remains relatively gas-rich, with a dense
gas fraction increasing from 4% to 8% (with respect to the total baryonic mass, see
Figure 6.5).
This gas settles into a disk that slowly grows with time and acquires a tilt of almost
90 degrees with respect to the initial disk plane (Figure 6.4) because the main ﬁlament
providing the infalling gas is almost perpendicular to the initial disk plane. This gas
disk grows from the inside out: the density of the inner regions (r < 2.5 kpc) does not
evolve much during the quiescent phase while the accreting gas settles in the outskirts
of the disk .
During this period, star formation is not completely suppressed but the star formation rate remains nearly constant at around 1.5 M yr−1 , which is a low level considering
the gas content of the galaxy, as shown on Figure 6.5: between z = 0.6 and z = 0.2
the gas fraction increases by a factor of 2 while the SFR remains low. For such gas
fractions, and more importantly such gas surface densities, star formation rates above
10 M yr−1 could have been expected: for instance the galaxy at the beginning of the MQ
phase has the same gas mass and gas surface density as the disk galaxy at t = 3.5 Gyr
but the latter forms stars at a rate of 9 M yr−1 (see also Sections 6.2.3 and 6.4.1).
The low SFR during the MQ phase allows the formation a low-mass young stellar
disk that never exceeds a few percent of the total stellar mass: on average 2%, and
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Figure 6.6: Evolution of the B − V color, showing the three phases as in Figure 6.5. The solid
(dark gray) curve corresponds to the ﬁducial simulation. The galaxy is blue during the early and
late phases, and is reddened by half a magnitude during the MQ phase. The dark shaded area
along the curve represents the range of colors obtained for diﬀerent star formation histories. The
dash-dotted (blue) line corresponds to a star formation threshold at 0.25 M pc−3 , showing a
somewhat stronger quenching toward the end of the MQ phase.

at most 6% at t=11 Gyr which is the end of the quiescent phase. Thus, most of the
stars of this galaxy still belong to the spheroid formed by the series of minor mergers
at 1 < z < 2. The galaxy therefore remains elliptical-like, with only a low-mass disk
component, as in many real elliptical galaxies (see Krajnović et al. 2008).
As for the color evolution, the galaxy rapidly reddens after the z >1 mergers that
converted it into an elliptical-like system (Figure 6.6). During more than 4 Gyr, it
maintains a red color with B − V = 0.7–0.8 most of the time, which is consistent with
colors of local ETGs according to Roberts & Haynes (1994). The integrated color is
indeed dominated by the contribution of the relatively old stars formed before/during the
series of mergers. Because of the low star formation rate, young stars with bluer colors
are not numerous enough to impact the integrated color, even though their contribution
is maximized by neglecting dust extinction in our color estimates.
The same color evolution is also found in other color indices such as U − B and
U − V . We also ﬁnd that this result is robust versus a change in the threshold for star
formation (i.e., a threshold at 0.25 M pc−3 instead of 0.03 M pc−3 in the ﬁducial
simulation—see Figure 6.6) and versus a change in the morphology of the initial galaxy
at z = 2 (i.e., starting at z = 2 with an elliptical instead of a spiral—see Martig et al.
2009).
This elliptical galaxy remains constantly red during the quiescent phase in spite of
a signiﬁcant gas fraction left over after the initial mergers and constant infall of gas
at a steady rate. Indeed, no mechanism removing the cold gas and/or terminating the
accretion of fresh gas (like AGN feedback or virial shocks) occurs in our models. As a
consequence, this red elliptical hosts a dense and massive disk of cold gas: on average
5 × 109 M of cold gas with typical surface densities of ∼10 M pc−2 .
This simulation shows that the eﬀect of morphological quenching can be strong
enough to turn an ETG red without requiring the removal of cold gas reservoirs and
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the termination of gas supply.

6.2.3

Stability analysis

We ﬁnd in our simulations that a dense gas disk can be stable against star formation
when it is embedded in an early-type galaxy instead of a stellar disk. We will show in
the following that a low gas surface density is not the reason for stability in the red
ETG, and that the same disk would form stars eﬃciently if it was embedded in a stellar
disk instead of a stellar spheroid.
The cold gas disks in the red elliptical galaxy at t = 9 Gyr and in a blue spiral at
t = 3.5 Gyr have similar masses, radii and densities, but the former forms stars at a low
rate, while the latter forms stars eﬃciently. The total (gas+stars) Toomre parameter
for these two disks has an average value of 5.2 in the red ETG, versus 2.3 in the blue
disk galaxy. The diﬀerence in the stability of these gas disks and their eﬃciency of star
formation does not result from diﬀerent gas masses or densities, but from a diﬀerent
depth of the gravitational potential measured by κ and from a diﬀerent contribution of
stars Σs to the total disk density.
Note that the disk instability and the high level of star formation at t = 3.5 Gyr
are not artifacts due to relaxation of initial conditions. Indeed, the galaxy has been
evolved in isolation for 500 Myr before being introduced in the simulation, which is a
long enough time for the initial disk to acquire a realistic structure in the global galactic
potential.
Maps of the Toomre parameter for the gas component (Qg ), the stellar component
(Qs ) and the combined parameter Q are shown on Figure 6.7 for the blue galaxy at
t=3.5 Gyr, for the ineﬃciently star-forming red ETG at t=10 Gyr (i.e. during the MQ
phase), and the actively star-forming disk galaxy at t=13.7 Gyr in the case without the
ﬁnal merger so that a disk can be identiﬁed. These maps conﬁrm that the star-forming
disks have a low Q parameter, with averaged values of Q around 2 in the star-forming
regions, and local overdensities with Q < 1 in clumps and spiral arms. Regions with
Q ∼ 1 are unstable against axisymmetric instabilities, reach high gas densities, and
form stars actively.
The gas disk in the red ETG diﬀers by having somewhat larger values of Qg in its
dense regions, because of the change in κ, and more importantly by having Qs >> 1,
because of the lack of stellar contribution Σs to the disk density and self-gravity. As
a result, the combined Q parameter remains signiﬁcantly above 1 everywhere in the
disk, preventing axisymmetric instabilities, even though non-axisymmetric armlets are
present in the disk (Figure 6.9).

6.2.4

Existence of a maximal gas mass stabilized in a given ETG

During the red phase of our simulation, the gas mass and surface density increase by
a factor of 3. Yet the SFR remains constantly low and the galaxy remains red: the
stability parameter Q indeed remains large, and no dense gas clumps form. However,
in a given ETG, not any gas disk can be kept stable, in particular instabilities develop
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Figure 6.7: Gas surface density and Q parameter in the disk. Shown are gas surface density
(top), Qg , Qs and the combined eﬀective Q in the three phases of evolution. The box side is
30 kpc. During the MQ phase, the eﬀective Q is above 2 across most of the disk, but below
3-4 in extended areas. This explains the stability of axisymmetric modes and the lack of bound
clumps in this phase, while non-axisymmetric perturbations are clearly visible. In the early and
late phases, Q drops below unity in several extended areas, consistent with the appearance of
strong axisymmetric perturbations and bound clumps in these phases. The eﬀective Q is similar
to Qg in the MQ phase, where Qs is rather high. In the unstable phases, especially the late one,
the stellar disk component helps destabilizing the disk.
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Figure 6.8: True color view (B, V and K bands) of the galaxy at z = 0 in the model with
the high-redshift mergers, the long period of intense accretion of diﬀuse gas prescribed by the
cosmological simulation, but without the ﬁnal major merger. The gas disk that was stabilized
against active star formation by a massive stellar spheroid from z ∼ 1 to z ∼ 0.2 can become
too massive and actively star-forming again, if a high infall rate accumulates high enough gas
masses.

when the gas disk becomes too massive.
This fact is particularly striking in the simulation that we have performed without the
ﬁnal z = 0.2 major merger—earlier mergers and diﬀuse accretion remaining unchanged.
Without the ﬁnal major merger, the accreting cold gas continues to settle into the
disk, increasing its surface density. Only when the mass of the cold gas disk has increased
above 9 × 109 M , the disk becomes unstable again: we ﬁnd an average Q ' 3 with
the densest regions reaching Q = 1. Grand-design spiral arms develop (Figure 6.8),
and eﬃcient star formation occurs in these arms: the SFR reaches 25 M yr−1 at z = 0,
and the galaxy becomes blue again.
Hence, the gas disk that was stabilized against star formation during the quiescent
red phase can become actively star-forming again if the accumulated gas mass increases
too much. Here again we note that the star formation activity and the morphological
evolution remain connected: when the galaxy turns back blue, it forms a massive stellar
disk and rapidly takes a spiral disk+bulge morphology.

6.2.5

Gravity-driven turbulence ?

We have shown above that an early-type galaxy tends to stabilize its gas disk against star
formation. However, this analysis holds only if the gas turbulence provides the necessary
pressure support. If the velocity dispersion σ was reduced in early-type galaxies, their gas
disks could be Jeans-unstable (low Qg ) in spite of the absence of a massive stellar disk.
The velocity dispersion of the gas disk particles in our simulation remains about similar
between the star-forming and non-star forming phases, where it lies on average around
15 km s−1 . For star-forming galaxies, Tamburro et al. (2009) indicate a characteristic
HI linewidth value of 8-12 km s−1 in 11 spiral galaxies. This value includes turbulent
velocity dispersion as well as thermal broadening, but turbulence is expected to dominate
at least in the central (star-forming) regions of these galaxies. The velocity dispersion of
our sticky particle medium is slightly higher but includes all gas phases, so is consistent
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Figure 6.9: Surface density maps of the gas disk during the MQ phase. The snapshots are
33 Myr apart t = 10 Gyr. The box side is 15 kpc. The spiral armlets are strongly sheared and
short-lived. For instance the dense structure A is just starting to form on the ﬁrst snapshot, and
already dissolving on the last one; structures B and C are not seen yet on the ﬁrst snapshot,
and already weaken on the last one.

with observations on the blue sequence. A more important wonder is the level of
turbulence in early-type galaxies with low star formation eﬃciencies.
The ISM turbulence in star-forming spiral galaxies is mostly triggered by gravitational instabilities and star-formation feedback (Wada et al. 2002; Elmegreen et al.
2003; Tasker & Bryan 2008; Agertz et al. 2009). An equally high level of turbulence
in an ineﬃciently star-forming disk could then seem unexpected. Several processes can
nevertheless maintain the turbulence in the absence of star-forming instabilities:
• gravitational instabilities without star formation
• rotational shear powering turbulence (Shore et al. 2003), but the critical Reynolds
number above which rotational shear instabilities might be able to grow is largely
beyond reach (Ji et al. 2006; Lesur & Longaretti 2005)
• interactions with small satellites, dark subhalos, or more generally clumpy infall
(Dekel et al. 2009), but the mass infall on the studied red galaxy is quite smooth
• the magnetorotational instability in magnetized disks (Sellwood & Balbus 1999),
which is not included in our models.
Gravitational instabilities should then be the main source of turbulence. Gravitydriven turbulence does not necessarily require axisymmetric instabilities like dense clumps,
and can actually be triggered with Q > 1. A study of ﬂocculent spirals by Elmegreen
et al. (2003) shows that turbulent motions are generated by non-axisymmetric instabilities (spiral arms). This turbulence then acts at smaller scales where it forms overdensities (clouds), which in turn collapse if they exceed the critical density for Q=1.
In this picture, the turbulent energy is mostly pumped by large-scale, non axisymmetric instabilities like spiral arms. These structures can form with values of Q much
higher than 1 and trigger the turbulence, without involving the collapse of gas clumps
where stars would form eﬃciently. Density maps of the non-star-forming gas disk at
t = 10 Gyr support this picture (Figure 6.9): small spiral arms are ubiquitous. They
have small pitch angle typical for low-mass disks in shearing potentials, but none are
circular rings. They resemble the very winded, ﬂocculent structures observed in real
ETGs and could trigger turbulent motions just like in the star-forming spirals studied
by Elmegreen et al. (2003), but the Toomre parameter remains above 1 (around 2)
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in these arms (Figure 6.7). No dense clump can then collapse and the star formation
eﬃciency remains low. This is conﬁrmed by the densest regions in these arms begin
short-lived and not collapsing into bound clumps, as shown by the evolution of the gas
density over a short period (Figure 6.9).
The velocity dispersions of our modeled gas disk in a red ETG are thus likely driven
by one or several realistic processes including non-axisymmetric sheared instabilities,
which does not seem to be a numerical artifact. The resulting turbulent pressure
can provide the support against star-forming axisymmetric instabilities. Observations
of relatively high velocity dispersions in the non-star-forming outer HI disks of spiral
galaxies (Tamburro et al. 2009), with a level of velocity dispersions close to that of starforming disks, suggest that some processes do drive the turbulence1 without triggering
star formation, and could act in the internal regions of early-type galaxies to stabilize
their gas disks in the morphological quenching mechanism.

The exact processes driving turbulence in quenched gas disks are however diﬃcult
to investigate in our cosmological zoom-in simulation, both because of the limited
resolution and of the approximate treatment of hydrodynamics. In addition, the mass
resolution of a few 104 M makes it impossible to resolve or rule out the formation of
dense, star-forming gas clouds with sizes of a few tens of parsec and masses of a few
103 M . The formation of small clouds and the generation of turbulence in stabilized
gas disks needs to be investigated in detail using hydrodynamical simulations with a
pc-like resolution. This will be the object of the next section.

6.3

A parameter study at very high resolution

We have a performed with RAMSES a series of very high resolution (∼5 pc) simulations
of isolated galaxies. We both simulate an elliptical and a spiral galaxy with various gas
fractions (4.5 and 13.5%), and compare the stability of the gas disk as a function of
galaxy morphology. We also measure the gas velocity dispersion and study the triggering
of turbulence.

6.3.1

Numerical technique and initial conditions

General settings We perform a series of hydrodynamical simulations with the AMR
code RAMSES. Gas cooling and heating is modeled with the pseudo-cooling equation
of state described in Section 3.4.3. As a ﬁrst experiment, we do not take into account
star formation (and as a consequence no feedback from supernovae so that gravity is
the only source of turbulence).
The box size is 350 kpc and the levels of reﬁnement span the whole range from
`min = 9 to `max = 16, so that the maximal spatial resolution is 5.3 pc. A cell is
1
The velocity dispersion in these outer HI disks could however be mostly thermal (Elmegreen &
Parravano 1994).
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Figure 6.10: Equation of state and reﬁnement strategy for the series of high resolution simulations. Left: pseudo-cooling equation of state. Right: comparison of the Jeans length and of
4×(cell size) for the diﬀerent levels of reﬁnement from `min = 9 to `max = 16. Our reﬁnement
strategy ensures that λJeans ≥ 4 × ∆x at all levels of reﬁnement so that artiﬁcial fragmentation
is prevented (Truelove et al. 1997)

reﬁned if it contains a gas mass greater than 3.7 × 103 M or it contains more than
20 particles. This reﬁnement strategy, together with the choice of the pseudo-cooling
equation of state, ensures that the Jeans length is resolved by at least 4 cells at all levels
of reﬁnement (see Figure 6.10) so that artiﬁcial fragmentation is prevented (Truelove
et al. 1997). Finally, dark matter particles have a mass of 7500 M and stellar particles
of 2500 M .
Galaxy parameters We simulate the isolated evolution of four diﬀerent galaxies, with
various Hubble types and gas fractions. Two of these galaxies are elliptical galaxies,
with gas fractions respectively of 4.5 and 13.5%2 (with respect to the stellar mass).
The two others are spirals, with also the same gas fractions of 4.5 and 13.5%.
All galaxies have the same dark matter halo, which has a total mass of 2.5 ×
11
10 M (corresponding to 3.33 × 107 particles), and is modeled with a Burkert proﬁle
with a core radius of 14 kpc. It is truncated at 130 kpc.
In all cases, the stellar component has a total mass of 5.6 × 1010 M (corresponding
to 2.24 × 107 particles). The elliptical galaxy is modeled with a Hernquist proﬁle with
a characteristic radius of 1.5 kpc truncated at 40 kpc. The spiral galaxy is made of a
5 × 109 M bulge and a 5.1 × 1010 M disk so that B/D = 0.1. The bulge follows a
Plummer proﬁle with a characteristic radius of 1 kpc truncated at 2 kpc and the disk
has a Toomre proﬁle with a characteristic radius of 3 kpc truncated at 20 kpc.
The gas disks have a mass of 2.5 × 109 and 7.5 × 109 M . They follow an
exponential proﬁle with a characteristic radius of 3 kpc truncated at 15 kpc. Their
velocities are initialized in rotational equilibrium with the whole galaxy, but with no
velocity dispersion.
2
A gas fraction of 13.5% is unrealistic for z = 0 ETGs, but could be found in galaxies at higher
redshift
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Figure 6.11: Gas surface density (left) and 1D turbulent velocity dispersion (right) maps
(15 × 15 kpc) for the disk embedded in an elliptical and a gas fraction of 4.5%. The small
density ﬂuctuations generate turbulence at a low level that, combined with the thermal velocity
dispersion, is enough to keep the disk stable.

Relaxation of initial conditions To allow a faster relaxation of initial conditions, and
to avoid the initial fragmentation of the gas disk in very small clouds because of its
absence of velocity dispersion, we increase the resolution progressively. We start the
simulation with an isothermal equation of state at T = 104 K and a maximal resolution
of 43 pc corresponding to `max = 13. When a steady state is reached, we turn on the
pseudo-cooling, but still with `max = 13. The last step is to increase `max to 16 so that
the full resolution is reached.

6.3.2

Study of gas disk stability

We compute maps of the surface density and velocity dispersion for the gaseous and
stellar components, as well as maps of the eﬀective Toomre parameter (see Figures
6.11, 6.13, 6.14). In the case of the elliptical galaxy, the eﬀective Toomre parameter
Q is simply equal to Qg , for the spiral, Q −1 = Qg−1 + Qs−1 . Mass-weighted average
values of these quantities are shown in Table 6.1. They are computed over the whole
thickness of the gas disk and between R = 3 and 10 kpc in order to avoid the central
regions where the velocity dispersions are trickier to measure. Probability distributions
of the gas density are shown in Figure 6.12.
The results we obtain are (at least qualitatively) similar to what was found in the
cosmological resimulation: a similar gas disk is much more stable against gravitational
instabilities when it is embedded in an elliptical galaxy, even for relatively high gas
fractions of 13.5%.
For a gas fraction of 4.5%, we ﬁnd that the gas disk remains very smooth in the
elliptical galaxy (Figures 6.11 and 6.13), no dense clump of gas forms and the PDF of
the density remains relatively close to the initial PDF (Figure 6.12). The turbulence
is then also very low, with σ ∼2 km s−1 , albeit high enough to maintain the stability
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Figure 6.12: Density PDFs for gas disks embedded in spiral and elliptical galaxies, for a gas
fraction of 4.5% (left) and 13.5% (right).

elliptical fg =4.5%
spiral fg =4.5%
elliptical fg =13.5%
spiral fg =13.5%

σg turb
2.0
7.1
2.3
14.3

σg therm
8.7
7.7
6.1
4.4

σg
8.9
10.5
6.5
15.0

σs
–
52.1
–
54.2

Qg
9.7
23.8
2.4
10.2

Qs
–
1.4
–
1.7

Q
9.7
1.0
2.4
0.6

fmol
0.00
0.47
0.16
0.68

Table 6.1: Average values (mass weighted and computed between R = 3 and 10 kpc) of velocity
dispersions (turbulent, thermal and total σg2 = σg2 turb + σg2 therm ) and Toomre parameters for
the gaseous and stellar components. The fraction of molecular gas with respect to the total gas
mass is also computed (molecular gas is deﬁned as gas with ρ ≥ 100 cm−3 ).

of the disk. Note that this low value of σ is not an artifact. Spatial variations of the
level of turbulence are resolved (Figures 6.11), with higher values of σ being found in
and around the dense regions of the gas disk. The corresponding Toomre parameter
remains high in the whole disk, with an average value of 9.7 and some regions reaching
Q = 4: no gas is subject to violent gravitational instabilities.
On the contrary, the same gas disk becomes unstable when embedded in the spiral
galaxy: it fragments in many clumps that stir turbulence so that σ ∼ 7.1 km s−1 . In
the clumps, very high densities are reached, up to 106 cm−3 and the density PDF is
completely diﬀerent from the case of the elliptical. 47% of the gas has a density higher
than 100 cm−3 , which would roughly correspond to molecular gas, while such densities
are never reached in the elliptical galaxy. Such a diﬀerence is due to a the contribution
of the stellar component to the gas disk (in)stability. The gas disk in the spiral galaxy
has an intrinsic Toomre parameter Qg = 23.8 (even higher than in the elliptical because
of the increased velocity dispersion in the spiral), but because of the stellar disk with
Qs = 1.4, the eﬀective Toomre parameter drops to Q = 1.
A similar analysis can be performed for the galaxies containing 13.5% of gas. The
gas disks in these galaxies are both more unstable than their low mass counterparts,
but the diﬀerence between spiral and elliptical still stands out. In the elliptical galaxy,
the gas disk has an average eﬀective Toomre parameter of 2.4, corresponding to the
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growth of very thin and tightly wounded spiral arms, that do not however fragment into
dense clouds so that only 16% of the gas reaches the density of molecular gas. The
disk in the spiral galaxy has a Toomre parameter of 0.6 and is highly fragmented, with
68% of molecular gas.

6.3.3

Discussion and perspectives

Star formation and feedback The idealized simulations that we have performed did
not include star formation and feedback. However, from the PDFs of the gas density, it
is already possible to draw a few conclusion on the SFR. For instance, in the elliptical
galaxy with a gas fraction of 4.5%, no gas reaches the density of molecular gas so that
no star formation would occur while in the elliptical with fg = 13.5%, low levels of star
formation could be possible.
Future simulations will include star formation, and even more importantly feedback
from supernovae explosions. Feedback will indeed trigger higher levels of turbulence
in the disks (that is, if and when star formation occurs) and will have an important
role in disrupting gas clouds. In our simulations, when a gas clouds forms, nothing
can disrupt it except tidal forces. Feedback could disrupt some of these clumps (at
least the smallest ones), and will probably have a strong impact on the structure of
the gas disks and the shape of the density PDFs (see also Bournaud et al. 2010). The
global conclusions of our study are however expected to be unchanged, in particular
in the elliptical with a low gas fraction for which star formation and feedback will be
extremely ineﬃcient.

A future parameter study Future simulations will explore the gas disk stability as a
function of host galaxy parameters, in particular the full range of Hubble types will be
studied. We hope to be able to constrain the conditions for stability with the double
aim to provide sub-grid recipes for lower resolution simulations and semi-analytic models
and to perform detailed comparisons with observations, for instance to predict the color
of a galaxy as a function of its gas content, stellar mass, Hubble type...

Morphological quenching The series of high resolution AMR simulations have conﬁrmed our claim that a similar gas disk can be stable or not whether it belongs to a
spiral or an elliptical galaxy. The same average gas surface density can lead to very
diﬀerent star formation rates depending on the galaxy considered, and our simulations
suggest that even large amounts of gas can be kept relatively stable in elliptical galaxies. “Real” galaxies do not however live in isolation: their gas reservoir is constantly
replenished and consumed, and interactions with satellites (even if they have a low
mass) could trigger instabilities in a previously stable disk. How often morphological
quenching happens and how important it is for galaxy evolution are questions to which
future cosmological re-simulations will certainly provide an answer.
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galaxies with a gas fraction of 4.5 %
spiral

10 kpc

30 kpc

elliptical

30 kpc

Q

Figure 6.13: Comparison of surface density and Toomre parameter for gas disks embedded in
an elliptical (left column) or spiral galaxy (right column) for a gas fraction of 4.5%. Top panels:
gas surface density maps (in M pc−2 ) for the whole gas disk. Middle panels: gas surface
density maps (in M pc−2 ) zoomed on the central 10x10 kpc. Bottom panels: total Toomre
parameter for the whole gas disk. In the case of the elliptical galaxy, the stellar component does
not contribute to the stability of the disk and Q = Qg , for the spiral Q −1 = Qg−1 + Qs−1 .
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galaxies with a gas fraction of 13.5 %
spiral

10 kpc
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elliptical
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Q

Figure 6.14: Same as Figure 6.13 for a gas fraction of 13.5%.
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Observational tests of morphological quenching
The Kennicutt relation

A ﬁrst possible observational test of morphological quenching could be the Kennicutt
relation: the previous analysis shows that for a given average gas surface density, ETGs
in a MQ phase are expected to have a lower SFR than disk galaxies.
To clarify the predictions of MQ in terms of galaxy position on the Kennicutt plot, we
have measured the gas surface density and the star formation rate surface density during
the morphological quenching phase in 5 snapshots (500 Myr apart) of the cosmological
re-simulation. For each snapshot, average values of Σgas and ΣSFR are computed within
the optical radius of the main galaxy (R25 in g band), and in 10 annuli centered on the
center of the galaxy (each annulus has a width of 1 kpc).
The same exercise has been performed for star forming disks, in a series of snapshots
at z ∼ 2 before the ﬁrst minor mergers occur, and at z ∼ 0 in the simulation where
the ﬁnal major merger has been removed (Figure 6.8 shows the morphology of this
z = 0 spiral). The measured values have been compared to observations of Kennicutt
(1998b), and are presented in Figure 6.15.
Figure 6.15 shows that our star forming disks nicely lie within 1σ of the best ﬁt
proposed by Kennicutt (1998b) :
ΣSFR = (2.5 ± 0.7) × 10

−4

(

Σgas
1M pc−2

)1.4±0.15

M yr−1 kpc−2 .

(6.2)

The red ETGs undergoing morphological quenching roughly occupy the same region
of the Kennicutt plot as the star forming disks, although very high gas densities are not
found in the MQ phase. As expected, the quenched gas disks tend in average to lie
slightly below the star forming galaxies (i.e., to have a lower ΣSFR for a given Σgas ).
However, the quenched ETGs still lie within a reasonable scatter of Kennicutt’s best
ﬁt.
A similar result has been found by Shapiro et al. (2010) and Crocker et al. (2010)
for a small sample of local ETGs. Crocker et al. (2010) show for instance that even
ETGs without young stars or dominant ongoing star formation lie mostly within 1σ of
Kennicutt’s best ﬁt. They conclude however that “if the Schmidt-Kennicutt law is the
correct description of how stars form from gas, then we see some tentative signs that
early-type galaxies may be less eﬃcient than their disc-dominated counterparts.”
It thus seems that for the moment the Kennicutt relation is not a very useful
observational test of morphological quenching because of its large scatter that certainly
does not allow to discriminate whether a particular galaxy is in a MQ phase or not.
However, over large samples of galaxies (which might be achieved within the ATLAS3D
survey, combined to further simulations), statistical tests might be able to address the
question of the relevance of MQ with respect to the issue of quenching in ETGs, in
particular if gas rich ETGs are found on average with a lower star formation eﬃciency
than spiral galaxies.
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Figure 6.15: Simulations on the Kennicutt relation. Blue star forming disks and red ETGs
undergoing morphological quenching are compared. The black dots correspond to data for spiral
galaxies in Kennicutt (1998b), the black line is the corresponding best ﬁt and the dashed lines
are the 1σ limits (see Equation 6.2). The blue triangles correspond to values measured in the
simulation for star-forming blue disks, the red squares are measured during the morphological
quenching phase, and thus correspond to red ETGs. Large symbols correspond to densities
averaged within the optical radius of galaxies, the small symbol are measured in 1 kpc-wide annuli
between R = 0 and R = 10 kpc. On this plot, galaxies undergoing morphological quenching tend
to lie slightly below star forming galaxies (as expected from the previous analysis), although still
within a reasonable scatter. This suggests that the Kennicutt plot is not the best observational
tool to decide whether a single galaxy is undergoing morphological quenching, but that it might
be used in a statistical way.
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Figure 6.16: Gas fraction excess vs. speciﬁc star formation rate excess for galaxies in the GASS
survey (Schiminovich et al. 2010). The HI rich galaxies with a low SFR might be undergoing
morphological quenching, although resolved observations of their gas content are necessary to
draw a ﬁrm conclusion.

6.4.2

Color and gas fraction in spiral and elliptical galaxies

Our future series of simulations exploring gas stability as a function of the Hubble
type of the host galaxy and of its gas fraction would greatly beneﬁt from a detailed
comparison with observations. A survey that seems particularly well adapted to this
goal is the GALEX Arecibo SDSS Survey (GASS, Catinella et al. 2010; Schiminovich
et al. 2010). This ongoing survey aims at using the Arecibo radio telescope to collect
HI spectra for ∼1000 galaxies with stellar masses greater than 1010 M and redshifts
0.025 < z < 0.05. The ﬁrst results show a large variety of behaviors in terms of gas
content and SFR (see Figure 6.16). In particular, a population of HI rich galaxies with
a low SFR has been found, although it is too early to conclude that these galaxies are
undergoing morphological quenching. These observations are indeed unable to resolve
the gas reservoirs, only the total HI mass within the virial radius of the galaxy is known.
HI rich galaxies could thus be galaxies with very extended HI structures, with very low
surface densities. If this were the case, these galaxies would naturally have a low SFR,
without the need for any particular quenching mechanism. Obtaining HI maps for these
galaxies (for instance with the future EVLA) should help understand why these galaxies
have such low SFRs.
Finally, GASS is also accompanied with a molecular gas survey concerning 300 galax-
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Figure 6.17: Comparison of observations of the early-type galaxy NGC 524 with a high resolution simulation. Left: Dust map over which CO contours are plotted. Right: Gas map for a
high resolution (7 pc) hydro simulation. The tightly wounded spiral structure is reproduced.

ies observed with the IRAM 30m telescope, which should also contribute to bringing
some answers to the question of the relative importance of quenching mechanisms.

6.4.3

The molecular gas content of ETGs

The SAURON and ATLAS3D surveys are the perfect observational tools to study the
molecular gas content of ETGs in relation with the global properties of these galaxies.
An ongoing study aims at comparing the gas and dust disk structure in these galaxies
with simulations carefully tuned to match the observed kinematics and mass distribution.
A ﬁrst simulation has been performed by Frederic Bournaud to study NGC 524 (see
Figure 6.17). This galaxy hosts a molecular gas disk of ∼ 108 M with a radius of
∼1.1 kpc, but is red both in optical and UV colors. The simulation, performed with
RAMSES with a maximal level of reﬁnement corresponding to a resolution of 7 pc,
successfully reproduces the morphology of the gas disk that is not fragmented into dense
clumps but shows a tightly wounded spiral structure. A more detailed comparison will
be performed, as well as similar studies on other ETGs.
Finally, the high resolution simulations that we have performed, even if their number
is small, suggest that ETGs could have a much lower M(H2 )/M(HI) ratio than spiral
galaxies, which is in agreement with observations: Wiklind et al. (1995) ﬁnd for instance
that in ellipticals this ratio is 2–5 times lower than for spirals. Information could also be
provided by studies of HCN, which is a tracer of dense molecular gas with ρ > 3 × 104
cm−3 , associated with star-forming cores in GMCs. In our 2 simulations of gas disk in
elliptical galaxies, no gas reaches these densities while in our 2 spirals the mass fraction
of dense molecular gas to total molecular gas is of 30–35% (these last values are very
probably overestimated because of the lack of supernova feedback in our simulations).
This ﬁnding is in disagreement with the recent results of Krips et al. (2010), that in a
study of 4 galaxies ﬁnd a similar HCN to CO ratio as for spirals. Their sample is however
small, and only contains CO-rich galaxies so that their results might not apply to all
ETGs. A similar eﬀort will also have to be done to increase the sample of simulations.
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Gas content of high redshift ETGs

While in the local Universe most ETGs are relatively gas poor, it might not be the case
at higher redshift. Indeed, at z & 0.5 environmental eﬀects are expected to have a
lower inﬂuence on galaxies because most clusters are not virialized yet. Galaxies are
also generally richer in gas because of higher cold gas accretion rates.
Recent stellar population studies of red galaxies at high redshift (Maraston et al.
2009; Tonini et al. 2009) indicate that their colors are consistent with some residual
star-formation activity. This could be compatible with the presence of gas disks forming
stars ineﬃciently in a MQ mechanism, instead of complete removal of cold gas and
termination of gas supply. Kriek et al. (2009) have recently obtained a near-infrared
spectrum of one of the red ETG in their z ∼ 2 sample, which suggest a low but non-zero
star formation rate. This could also be consistent with the presence of a morphologicallyquenched gas disk. This red ETG has a stellar mass of 2×1011 M and an estimated
SFR of 1–3 M yr−1 , which compares favorably to the MQ phase in our simulations,
but at higher z.
The results of a search for CO in such red ETGs at high redshift could lead to some
interesting conclusions on the occurrence of morphological quenching.

6.5
6.5.1

Conclusion: evolution to and from the Red Sequence
Interplay between quenching mechanisms

Morphological quenching in early-type galaxies reﬂects the stabilization of the disk by
the dominant presence of a pressure-supported stellar spheroid, replacing the stellar
disk. The stabilization of the gas disk is a result of two eﬀects: the steep potential
well induced by the spheroid and the removal of the stellar disk component that used
to enhance the self-gravity of perturbations in the disk. Early-type galaxies can thus
be red and dead even in the presence of a gas disk, either left over after mergers or
accreted later from the cosmological reservoir. The MQ mechanism should be equally
eﬃcient if massive stellar spheroids are formed by another process than mergers, for
instance giant disk instabilities and clump coalescence at high redshift.
In the case of merging galaxies with a higher gas fraction than what we studied
here, the ﬁnal disk to spheroid ratio of the remnant is increased (Hopkins et al. 2009),
so that the eﬀect of MQ would be weaker. However, most of these remnants are bulgedominated, so that we can still expect the bulge to have a stabilizing eﬀect, unless the
disk is particularly massive. Generally speaking, we propose that a galaxy with most of
its stars in bulge and/or a thick disk might experience some morphological quenching,
which could not only apply to ellipticals but also to S0 galaxies.
A general remark is also that red ETGs and blue spirals are not expected to have
similar gas fractions in average. Gas consumption in mergers might not be high enough
to quench star formation but the typical post-merger gas fraction is still signiﬁcantly
decreased (e.g., Di Matteo et al. 2008) so that the action of morphological quenching
should be facilitated.
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Similarly, for massive galaxies at low redshift in which cooling ﬂows are stopped
by virial shock heating, there might not be an absolute need to prevent slow halo
gas cooling through AGN feedback or gravitational heating. These mechanisms could
happen anyway, but in cases were they are ineﬃcient and gas cools from the hot halo,
this gas might simply join the disk and be stabilized, allowing the galaxy to remain red.
Most of the inﬂuence of morphological quenching is expected anyway in galaxies
below the critical mass for shock heating, for which few quenching mechanisms have
been proposed. The exact degree of importance of MQ still need however to be tested
with more cosmological simulations.

6.5.2

On the possibility of a return to the Blue Cloud

We found in our model a case of red spheroidal galaxy evolving into a blue galaxy
with a massive disk. The gas disk can fragment to clumps and form stars again if it
becomes dense enough to overcome the stabilizing eﬀect of the spheroid. In the model
without the ﬁnal z ' 0.2 major merger, this results in a disk+bulge galaxy at z = 0
with a grand-design spiral structure. However, our model does not support a "spiral
rebuilding scenario" according to which the majority spiral disks would be re-built after
major mergers from tidal material falling back and/or fresh infalling gas (Hammer et al.
2005), because:
• The reformation of a star-forming disk requires a high gas infall rate (' 10 M yr−1 )
during several Gyr, without any signiﬁcant mergers during this period. This is
above the average accretion rate expected from z ∼ 1 to z ∼ 0 for a typical
galaxy with the mass of the Milky-Way (Kereš et al. 2009), and above the typical
observed gas infall rates, too (Sancisi et al. 2008). Most galaxies would then
be expected to accrete lower amounts of gas: in this case, the MQ mechanism
remains active and the star formation is quenched, preventing the re-formation
of a stellar disk and the return to blue colors. A "spiral rebuilding" mechanism
below z ∼ 1 then requires high rates of diﬀuse gas infall that seem unlikely to
take place in most galaxies; the return of a red galaxy to blue colors is a possible
mechanism but likely taking place only in a small fraction of galaxies.
• The re-built disk galaxy keeps important signs of the high-redshift mergers, even
in our model without the ﬁnal major merger. A massive, red stellar halo, as large
as ∼20 kpc in radius, is present, amounting to about 25% of the stellar mass at
z = 0. The kpc-sized bulge amounts to 35% of the stellar mass, only 40% of
the stellar mass hence being in the rotating disk. This disk galaxy rebuilt after
a series of mergers therefore diﬀers from typical local spiral galaxies (Binney &
Tremaine 1987), which have a signiﬁcantly higher mass fraction in the rotating
disk component.
This suggests however that a return to the Blue Could is possible for some Red
Sequence galaxies, although with a frequency that remains to determine. From a more
general point of view, galaxies could undergo several morphological changes during their

6.5. Conclusion: evolution to and from the Red Sequence

141

history, with several associated color changes, so that the evolution of a galaxy in the
color-magnitude diagram might be a much more complex path than what is usually
believed. This will be studied in more details in the next chapter, which is devoted to
the link between high redshift galaxies and their local counterparts

Chapter 7

Conclusion and perspectives

7.1

Conclusions

One of the main modes of galaxy formation is the hierarchical merging of dark matter
halos. This mechanism has been studied and observed for many years. Its signatures
are found in many galaxies, e.g. stellar streams are observed in the halo of the Milky
Way and nearby galaxies.
However, some properties of the observed galaxies cannot be explained if the baryons
just passively follow the hierarchical merging of dark matter halos. This mechanism
struggles to explain the formation of spiral galaxies like the Milky Way, i.e. with a large
rotating disk and only a modest central bulge. It cannot account for the properties of
some high redshift galaxies, that have large, violently star-forming disks with a clumpy
morphology but show no trace of interactions. These properties might in turn be
explained by another mechanism: the accretion of smooth and cold gas along cosmic
ﬁlaments.
Understanding the relative importance of these mechanisms in shaping galaxies
of diﬀerent masses at diﬀerent redshifts requires to perform simulations taking into
account the full cosmological context. On the other hand, internal mechanisms can
greatly contribute to galaxy evolution so that it is also very important to resolve smallscale phenomena like gas dynamics (that governs disk stability and star formation),
feedback from supernovae and active galactic nuclei, stellar mass-loss. . . Cosmological
simulations have not been able to reach such small scales so far, unless using zoom
techniques, that are very costly in terms of computational time. The new simulation
technique that we presented has allowed us to perform high resolution simulations of a
galaxy while taking into account its full cosmological context.

7.1.1

An eﬃcient simulation technique

This new technique consists in choosing a halo in a dark matter only cosmological
simulation, and to follow its whole history from high redshift (typically z = 5) down to
z = 0, including not only mergers but also diﬀuse accretion along ﬁlaments. As a second
step, this history is then re-simulated at high resolution (∼100 pc), replacing each halo
identiﬁed in the cosmological simulation by a realistic galaxy. The ﬁnal product is thus
a simulation of the evolution of a galaxy from high redshift to z = 0, with mergers and
gas accretion along ﬁlaments as prescribed by the cosmological simulation.
The main advantage of the technique is the low computation time compared to
zoom cosmological simulations, so that running a large number of simulations is easier.
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This has allowed us to simulate the evolution of 12 galaxies from z = 5 to z = 0, with
a spatial resolution of 130 pc and a few 107 particles per galaxy (these simulations are
shown in Figure 7.1). Most simulations have also been run several times to perform
parameter studies: the star formation eﬃciency and threshold have been varied, and
the inﬂuence of feedback and stellar mass loss have been tested.
The ﬂexibility and the simplicity of the technique also allow to have a better understanding of what is happening in the simulation. It is possible to run simulations with
or without diﬀuse accretion, or without a given merger (see for instance Section 6.2.4),
in order to study the speciﬁc impact they have on the main galaxy. Another advantage
is that it is possible to simulate galaxies with all types of merger histories, in contrast
to zoom simulations that need all the progenitors to be in the sub-volume treated at
high resolution. Some merger histories are thus for now impossible to simulate with a
standard zoom technique, in particular if they involve a merger at z ∼ 0 with a massive
galaxy, in which case the sub-volume on which one has to zoom becomes very large.
The re-simulation technique has been largely used in this work, and has proven to
be a very useful tool to study galaxy evolution.

7.1.2

Mergers and their inﬂuence on galaxies

Galaxy mergers are frequent in the ΛCDM context, and have important consequences
for the morphology, kinematics and star formation properties of galaxies.
Our statistical study of binary major mergers has highlighted their rather low eﬃciency at triggering starbursts, a result that is robust versus changes in the star formation
recipes, relative gas content and large-scale environment of the merging galaxies. A
careful comparison with another sample of mergers performed with a Tree-SPH code
shows that the results are also robust versus a change in the modeling of gas dynamics.
Two major limitations of this work are however its low resolution, that probably
does not capture the small-scale instabilities and the formation of super star clusters
that seem to be an important mode of star formation in merging galaxies (Bournaud
et al. 2008; Teyssier et al. 2010), and its simplistic settings with respect to mergers
happening in the cosmological context.
Our cosmological re-simulations have indeed shown that mergers can trigger large
episodes of star formation, particularly when they are associated with a high gas accretion rate that provides an increased amount of fuel for star formation (see for instance
Figure 6.5, where at z ∼ 1 a SFR greater than 10 M yr−1 is sustained for ∼2 Gyr as a
result of the combination of frequent mergers and a large amount of gas available).
In terms of morphological evolution, our simulations conﬁrm that both major and
minor mergers can form an elliptical galaxy (e.g., Naab et al. 2007). The diﬀerent
properties of ellipticals formed by these two mechanisms have not been studied for now
but will be the object of future work.
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The formation of spiral galaxies

The formation of spiral galaxies with a small bulge and an extended disk has been for a
long time a challenge for cosmological models. The combination of an increased resolution and a more realistic treatment of sub-grid physics has lead to a great improvement
of the agreement between simulations and observations.
Figure 7.1 shows the various morphologies of galaxies at z = 0 in our 12 resimulations. Most of them are spiral galaxies, probably because of our selection criteria: ﬁeld galaxies, relatively isolated, and in the “medium” halo mass range 1011 –
1.2 × 1012 M , which is typical of spiral galaxies at z ∼ 0. They exhibit a large range
of Hubble types, from lenticulars to late-type spirals.
We studied in Chapter 5 the inﬂuence of stellar evolution processes for bulge and
disk growth, and found that in some cases stellar mass loss (the gas released during
supernovae explosions, but also by stellar winds and planetary nebulae) can strongly
decrease the bulge mass in favor of the disk. This eﬀect is a result of two distinct
mechanisms. First, mass loss can keep the gas fraction higher in young galaxies before
a merger occurs, which helps disks survive against destruction, both because the gas can
absorb some kinetic impact energy and can form of a new thin stellar disk (Hopkins et al.
2009; Moster et al. 2010). Second, the bulge, stellar halo and thick disk components
release fresh gas after interactions and mergers: this decreases their mass and increases
that of the thin gas disk. An important point here is that the gas lost by bulge stars
settles in a compact disk at the center of the galaxy: we discussed possible mechanisms
for the growth of this disk into an extended one.
We showed however that mass loss was not very eﬀective in late-type spirals with a
quiet merger history. This suggests that this mechanism is not able to explain the formation of bulgeless galaxies, that are frequent at z = 0 but have never been reproduced
in any cosmological simulation (except in the case of a dwarf galaxy — Governato et al.
2010).

7.1.4

Morphological evolution between z = 2 and z = 0

In our small sample of 12 simulations, we ﬁnd that no galaxy has a spiral morphology
at z ∼ 2, where our galaxies would be classiﬁed as elliptical or interacting galaxies (see
Figure 7.1). The accretion of gas from ﬁlaments is however very eﬃcient at building
disks, with the spheroids formed at z & 2 remaining as central bulges. The ﬁrst hints
of a spiral structure begin to appear at z ∼ 1, and are usually well in place by z ∼ 0.5.
An identiﬁcation of z = 0 galaxies with their z = 1 progenitors seems however
nearly impossible, at least for this sub-sample. We ﬁnd both cases of z = 1 spirals
ending-up as ellipticals at z = 0 (which is not surprising in the ΛCDM context) and
cases with the opposite evolution. For instance, the fourth galaxy in Figure 7.1 has
a grand-design spiral structure at z = 0, with an extended stellar disk, but was an
elliptical at z ∼ 1 following a major merger happening at z = 2.
This does not mean however that most z = 0 spirals have undergone a recent
major merger, because traces of the merger always remain in the form of a massive
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z=1

z=0.5

z=0, face-on

z=0, edge-on

Figure 7.1: An overview of galaxy morphological evolution from z = 2 to 0 in our series of
cosmological re-simulations. Each row corresponds to a diﬀerent galaxy, ordered from most
massive to less massive dark matter halo at z = 0 (i band surface brightness maps, 50x50kpc
panels)
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Figure 7.2: Figure 7.1 continued

z=0, edge-on
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central bulge. These simulations suggest however a very complex picture, that cannot
be understood with our current small sample of simulations.

7.1.5

Galaxy evolution in the color-magnitude diagram

The color bimodality that is observed up to z ∼ 1 between blue star-forming spirals
and massive red-and-dead ellipticals has been the object of many studies, that have
unveiled a large variety of possible explanations. Most explanations involve processes
that remove the cold gas reservoir of ETGs and/or shutdown gas accretion: gas consumption in mergers, virial shocks associated with AGN feedback and gravitational
heating to maintain a hot halo around galaxies and prevent cold gas accretion, as well
as environmental mechanisms for galaxies in groups and clusters.
Our cosmological simulations have allowed to unveil a new mechanism, “morphological quenching”, that naturally links the morphology of a galaxy with its color, and
a series of very high resolution idealized simulations have conﬁrmed the validity of this
mechanism. Morphological quenching in early-type galaxies reﬂects the stabilization of
the disk by the dominant presence of a pressure-supported stellar spheroid, replacing
the stellar disk. The stabilization of the gas disk is a result of two eﬀects: the steep potential well induced by the spheroid and the removal of the stellar disk component that
used to enhance the self-gravity of perturbations in the disk. Note that morphological
quenching should be equally eﬃcient if massive stellar spheroids are formed by another
process than mergers, for instance giant disk instabilities and clump coalescence at high
redshift (Dekel et al. 2009).
Early-type galaxies can thus be red and dead even in the presence of a gas disk,
either left over after mergers or accreted later from the cosmological reservoir. This
mechanism can explain the existence of red early-type galaxies in the ﬁeld with masses
below the critical mass for shock heating. It could be particularly important at high
redshift, where galaxies are often gas rich (with much higher gas accretion rates) but
where a large population of red ellipticals is observed.
However, a spheroid can only stabilize a given amount of gas, so that if gas accretion
is important enough the previously red galaxy could undergo a rejuvenation, and leave
the Red Sequence to return to the Blue Cloud. This is probably frequent at high redshift
but much less likely at z ∼ 0 given the much lower accretion rate. As for the complexity
of the morphological evolution between z = 2 and 0, the possible complexity of the
color evolution will also be assessed with future simulations.

7.1.6

The interplay between internal mechanisms and the cosmological
scales

The simulations that we have performed highlight how strongly the small and large
scales are correlated in galaxy formation and evolution. For instance, extremely local
processes like the gas return to the ISM by evolved stars can impact the galaxy as a
whole by changing its bulge-to-disk ratio. Similarly, the interplay between mergers, that
can build a spheroid, gas accretion, that can reform a gas disk, and local (in)stability

7.2. Perspectives

149

of this gas disk can decide of the fate of a galaxy, changing it into a red elliptical or
a blue spiral. This motivates the need for an eﬀort towards cosmological simulations
with an ever better resolution and an improved modeling of small scale physics.

7.2

Perspectives

This section will describe projects on which work has already begun, together with some
longer-term perspectives.

7.2.1

The origin of bulges and thick disks in spiral galaxies

Both mergers, gas accretion and internal processes can account for the existence of
bulges and thick disks in spiral galaxies.
Minor mergers can indeed both contribute to the growth of the bulge and of the
thick disk, in the latter case the main mechanisms include the heating of a pre-existing
disk and accretion of stars from the satellites (e.g., Sales et al. 2009). Gas accretion
along ﬁlaments could in turn be eﬃcient at fueling a thin gas disk where stars could
form, so that ﬁnally a thin stellar disk could grow. However, rapid gas accretion at
high redshift is now known to trigger violent instabilities in disk galaxies, inducing the
formation of giant clumps of gas and stars where vigorous star formation takes place.
These clumps interact, scattering stars in a thick disk, and they ﬁnally migrate towards
the center of the galaxy to form a bulge. Finally, bar instabilities can lead to the
formation of pseudo-bulges.
To understand the relative importance of these mechanisms, we will have to quantify
their relative eﬀects in simulations, but also to try and predict how they aﬀect the
observed properties of galaxies (in terms of shape, kinematics, metallicity or colors) and
to perform a careful and detailed comparison of simulations and observations.
As far as bulges are concerned, those that result from bar instabilities are easily
identiﬁed in observed galaxies because of their low Sérsic index and their relatively large
amount of support by rotation. In turn, it seems that both minor mergers and clump
instabilities produce classical bulges, with a high Sérsic index (Elmegreen et al. 2008).
We will study the formation of such bulges in cosmological simulations (this project is in
collaboration with Daniel Ceverino and Avishai Dekel) to characterize the origin of the
stars that end-up in the bulge, and discriminate between stars accreted from satellites
and stars formed in the disk. The ﬁrst results suggest that at z ∼ 1, in a galaxy that
has just undergone an active clumpy phase, ∼70% of the bulge stars could have been
formed in clumps and have migrated towards the center. The analyses still need to be
reﬁned, and will be performed over a greater sample of simulations to link the bulge
formation history to the merger and accretion history of the galaxy.
In the case of thick disks, the diﬀerent formation mechanisms seem to leave a
diﬀerent imprint on their shape and kinematics. Sales et al. (2009) showed that the
eccentricity of the stars’ orbits could be used as a robust way to discriminate between
diﬀerent mechanisms, which can be particularly useful in the Milky Way in the context
of RAVE and GAIA but cannot be used in other galaxies. We proposed (Bournaud
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et al. 2009) that the mere shape of the thick disk could provide a simple test: we
ﬁnd that the thick disks produced in clumpy galaxies have a constant scale height as
a function of radius, while disks formed in minor mergers are ﬂared, i.e. their scale
height increases with radius (disk ﬂaring following minor mergers is also for instance
discussed in detail in Kazantzidis et al. 2008). Observed thick disks seem not to be
ﬂared (Robin et al. 2003; Yoachim & Dalcanton 2006; Ibata et al. 2009), which seems
to suggest that internal instabilities at high redshift are the most probable scenario for
their formation. This does not of course exclude later interactions with small satellites,
that could induce a ﬂaring in faint external regions: the details of the interplay between
these two mechanisms still need to be further investigated. The results presented in
Bournaud et al. (2009) were mainly derived from idealized simulations, and will need
to be tested in cosmological simulations, where both mergers and clump instabilities
occur.

7.2.2

Constraining the formation of early-type galaxies

In a hierarchical universe, elliptical galaxies are expected to keep in their stellar halo
traces of their formation history, in the form of faint features such as shells or streams
(Johnston et al. 2008). Such features are frequently detected in nearby galaxies (Tal
et al. 2009; Janowiecki et al. 2010) and can be used to probe their history (e.g., Fardal
et al. 2007, for M31)
Streams form mostly in minor mergers, when satellite galaxies are disrupted by the
tidal ﬁeld of the main galaxy. They could be used to quantify the contribution of minor
versus major mergers to the build-up of ellipticals, and might also be a way to test
if some ellipticals could have formed from violent disk instabilities (in which case no
stream is expected to form). This requires however to carefully identify the formation
mechanisms for the diﬀerent types of features that can be found in simulations, and to
characterize the lifetime and the detectability of such features.
An ongoing project in collaboration with Leo Michel-Dansac, Eric Emsellem, PierreAlain Duc and Françoise Combes aims both at collecting deep images of nearby earlytype galaxies (see Figure 7.3) and at studying the stellar halos in simulated galaxies
(see Figure 7.4). Figure 7.4 shows g band surface brightness maps of two ellipticals at
z = 0 in cosmological re-simulations. We ﬁnd that some of these streams can survive
for a very long time (some of them were already present at z ∼ 0.5), and even more
important, that they can survive a major merger so that they could be useful tools to
probe the history of a galaxy. However, most of them are very faint, in average fainter
than 27 mag arcsec−2 , so that their detection is challenging. Future work will have
to show whether the few observable streams can be robustly used to constrain galaxy
formation.
Other constraints on the formation history of elliptical galaxies come from their
internal kinematics, with in particular the distinction between fast and slow rotators
(Emsellem et al. 2007). Slow rotators remain in particularly diﬃcult to form in cosmological simulations. While high resolution idealized simulations (Bois et al. 2010)
have identiﬁed possible mechanisms for their formation, a global picture is still missing
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Figure 7.3: Deep images of elliptical galaxies obtained at the CFHT: the images are a combination of observations in the g,r, and i bands, with a surface brightness limit of 28.5 mag
arcsec−2 in the g band (this corresponds to an exposure time of ∼30 minutes per band).

Figure 7.4: Faint substructures around two simulated elliptical galaxies (200x200 kpc panels).
The maps show the g-band surface brightness, with a cut at 31 mag arcsec−2 (top row) and
28.5 mag arcsec−2 , which is close to what deep observations can reach. While streams are on
average very faint, some of them could still be observed, thus providing an interesting way to
probe the formation history of elliptical galaxies.
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(Naab & Burkert 2003; Naab et al. 2006; Burkert et al. 2008).
Our cosmological re-simulations could be analyzed with techniques similar to what
is done for observations, and be compared with data from the Atlas3D survey. In
particular, a few simulations will be run at very high resolution (∼ 70 pc), since this
seems to the a crucial point to follow the formation of slow rotators (Bois et al. 2010).
Combining information from the internal kinematics of galaxies and their outer
structure for a large sample of both simulations and observations should bring interesting
constraints on the formation history of elliptical galaxies.

7.2.3

Towards an improved modeling of small scale physics

In a longer-term perspective, the modeling of small scale physics will have to be improved
in the simulations. Indeed, the results presented in this thesis have shown how important
these small scales are for the evolution of a galaxy as a whole. Agertz et al. (2010)
have similarly highlighted how incomplete and inaccurate the current sub-grid recipes
for star formation might be.
Star formation could be studied with very high resolution AMR simulations of galaxies of diﬀerent Hubble types, where we could resolve the formation of molecular clouds.
Following the analytic work of Krumholz et al. (2009b), we could then compute the
SFR from simple considerations, with a ﬁxed eﬃciency for star formation within the
clouds. Once averaged over larger scales, we could then compare the SFR we obtain to
Bigiel et al. (2008)’s observations and to Krumholz et al. (2009b)’s models. This would
greatly improve our understanding of star formation at the galactic scale: we could for
instance study how the SFR depends on the global properties of a galaxy, like its gas
surface density, its gas fraction, its stellar morphology, its rotation curve. . . We could
then also formulate new star formation recipes (in particular as far as the star formation
eﬃciency is concerned) that could be used as “sub-grid” models in lower resolution
simulations (that would in turn include the full cosmological context).
Moreover, the fact that in galaxies most stars are formed in clusters could have
consequences that are not taken into account in our models yet, but that these very
high resolution simulations could study. Much work still has to be done for instance on
feedback from supernovae, and on understanding the interplay between feedback and
star formation at small scales: when a supernova explodes in a small star forming gas
clump, does it disrupt the clump and blow the gas away ? what are the consequences
for the total SFR ? An eﬀect that has not been taken into account so far is the radiation
pressure from young stars, that could play an important role, especially in high redshift
clumpy galaxies (Krumholz & Dekel 2010).
Future instruments like in particular ALMA and the JWST will bring strong observational constraints on the gas and stellar content and morphology of high redshift
galaxies. Simulations play a central part in preparing the scientiﬁc exploitation of these
instruments, and in the future analysis of the observations that will be made. For instance, detailed molecular gas observations in clumpy galaxies at z = 2 − 3, coupled
with estimations of the SFR will probe a regime of violent star formation, very diﬀerent
from what is found in local galaxies, but that could be studied and understood with
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high resolution hydrodynamical simulations.
A last aspect of this eﬀort towards an improved modeling would be to implement
our re-simulation technique in the AMR code RAMSES. This would allow to keep the
advantages of our technique (i.e. a smaller box than in a standard zoom cosmological
simulation, a shorter computational time, and a higher ﬂexibility) while taking advantage
of an improved modeling of gas physics, both at the scale of the hot gas halo and at the
scale of cold gas in the disk. With the improvement of supercomputers, re-simulations
with a maximal resolution below 10 pc should become possible in the next years, possibly
leading to great improvements in our understanding of galaxy formation and evolution.
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